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Abstract 



Gamma-ray bursts (GRBs) have been an enigma since their discoveries forty 
years ago. What are the nature of progenitors and the processes leading to forma- 
tion of the central engine capable of producing these huge explosions? My thesis 
focus on the hyperaccreting neutron-star disks cooled via neutrino emissions as the 
potential central engine of GRBs. I also discuss the effects of large-scale magnetic 
fields on advection and convection-dominated accretion flows using a self-similar 
treatment. This thesis is organized as follows: 

In Chapter 1, we flrst present a brief review on the theoretical models of GRB 
for forty years. Although GRBs were first considered from supernovae at cosmologi- 
cal distances, Galactic models become more popular in 1980s, particularly after the 
detections of cyclotron absorption and emission lines by the Konus and Ginga de- 
tectors, which showed that neutron stars with magnetic fields ~ 10^^ G are the most 
possible sources of GRBs. Galactic GRBs were purposed to be produced from stellar 
fiares or giant stellar fiares from main sequence or compact stars, from starquakes 
of neutron stars, from accretion processes and thermonuclear burning onto neutron 
stars, from collapses of white dwarfs and so on. It was not until the mid-1990s 
that the observation results by BATSE strongly suggested that GRBs originate at 
cosmological distance. The main Cosmological GRB models include the mergers 
of neutron star binaries and black hole-neutron star binaries, the "coUapsar" model 
(i.e., the collapses of massive star), the magnetar model, and the quark stars and 
strange stars model. We distinguish GRB progenitors and its direct central engines. 
Furthermore, we discuss two GRB progenitor scenarios in detail: the collapsar sce- 
nario for long-duration bursts, and compact start merger scenario for short-hard 
bursts. Observation evidence supports the hypothesis that long-duration GRBs are 
supernova-like phenomena occurring in star formation region related to the death 
of massive stars. Their energy is concentrated in highly relativistic jet. We inves- 



tigate various collapsar formation scenarios, the requirements of collapsar angular 
momentum and metallicity for generating GRBs, and the relativistic formation, 
propagation and breakout in collapsars. Mergers of compact objects due to gravi- 
tational radiation as the sources of short-hard GRBs have been widely studied for 
years. We present the neutron star-neutron star, black hole-neutron star and white 
dwarf-white dwarf binaries as the most possible progenitors of short bursts. We also 
introduce the numerical simulations results of merges of the three types of binaries. 
In addition to the above progenitor scenarios, we also mention the "supranova" and 
magnetar scenario. 

Most GRB progenitor scenarios lead to a formation of a stellar-mass black hole 
and a hyperaccretion disk around it. This accreting black hole system is commonly 
considered as the direct central engine of GRBs. In Chapter 2 we discuss the physical 
properties of accretion flows around black holes. Accretion flows may be identifled in 
three cases: cooling-dominated flows, advection-dominated or convection-dominated 
flows, and advection-cooling-balance accretion flows. On the other hand, accretion 
flows can be classified by their cooling mechanisms: no radiation, by photon ra- 
diation, or by neutrino emission. We first investigate the structure of the normal 
accretion disks, which could be cooled by photon radiation effectively, and then we 
discuss the similar structure of advection and convection-dominated flows. Next 
we describe the main thermodynamical and microphysical processes in neutrino- 
cooled disks, and show the properties of such neutrino-cooled flows around black 
holes. Moreover, we discuss the two mechanisms for producing relativistic jets from 
the accreting black holes: neutrino annihilation and MHD processes, especially the 
Blandford-Znajek process. 

Chapter 3-5 are my works on hyperaccretion neutron star-disks and magnetized 
accretion flows. As mentioned in Chapter 2, it is usually proposed that hyperaccre- 
tion disks surrounding stellar-mass black holes, with an accretion rate of a fraction of 
1 Mq s^^ are central engines of GRBs. In some models, however, newborn compact 
objects are introduced as neutron stars rather than black holes. Thus, hyperaccre- 
tion disks around neutron stars may exist in some GRBs. Such disks may also occur 
in Type II supernovae. In Chapter 3 we study the structure of a hyperaccretion disk 
around a neutron star. Because of the effect of a stellar surface, the disk around a 
neutron star must be different from that of a black hole. Clearly, far from the neu- 
tron star, the disk may have a flow similar to the black hole disk, if their accretion 
rate and central object mass are the same. Near the compact object, the heat energy 
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in the black-hole disk may be advected inward to the event horizon, but the heat 
energy in the neutron star disk must be eventually released via neutrino emission 
because the stellar surface prevents any heat energy from being advected inward. 
Accordingly, an energy balance between heating and cooling would be built in an 
inner region of the neutron star disk, which could lead to a self-similar structure of 
this region. We therefore consider a steady-state hyperaccretion disk around a neu- 
tron star, and as a reasonable approximation, divide the disk into two regions, which 
are called inner and outer disks. The outer disk is similar to that of a black hole and 
the inner disk has a self-similar structure. In order to study physical properties of 
the entire disk clearly, we first adopt a simple model, in which some microphysical 
processes in the disk are simplified, following Popham et al. and Narayan et al. 
Based on these simplifications, we analytically and numerically investigate the size 
of the inner disk, the efficiency of neutrino cooling, and the radial distributions of 
the disk density, temperature and pressure. We see that, compared with the black- 
hole disk, the neutron star disk can cool more efficiently and produce a much higher 
neutrino luminosity. Finally, we consider an elaborate model with more physical 
considerations about the thermodynamics and microphysics in the neutron star disk 
(as recently developed in studying the neutrino-cooled disk of a black hole), and 
compare this elaborate model with our simple model. We find that most of the 
results from these two models are basically consistent with each other. 

In Chapter 4 we further study the structure of such a hyperaccretion neutron-star 
disk based on the two-region (i.e., inner & outer) disk scenario following Chapter 
3, and calculate the neutrino annihilation luminosity from the disk in various cases. 
We investigate the effects of the viscosity parameter a, energy parameter e (mea- 
suring the neutrino cooling efficiency of the inner disk) and outfiow strength on the 
structure of the entire disk as well as the effect of emission from the neutron star 
surface boundary emission on the total neutrino annihilation rate. The inner disk 
satisfies the entropy-conservation self-similar structure for the viscosity parameter 
e ^ 1 and the advection-dominated structure for e < 1. An outflow from the disk 
decreases the density and pressure but increases the thickness of the disk. More- 
over, compared with the black-hole disk, the neutrino annihilation luminosity above 
the neutron-star disk is higher, and the neutrino emission from the boundary layer 
could increase the neutrino annihilation luminosity by about one order of magnitude 
higher than the disk without boundary emission. The neutron-star disk with the 
advection-dominated inner disk could produce the highest neutrino luminosity while 
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the disk with an outflow has the lowest. As a result, the neutrino annihilation above 
the neutron-star disk may provide sufiicient energy to drive GRBs and thus obser- 
vations on GRB-SN connection could constrain the models between hyperaccreting 
disks around black holes and neutron stars with outflows. 

In Chapter 5, we study the effects of a global magnetic field on viscously-rotating 
and vertically-integrated accretion disks around compact objects using a self-similar 
treatment. We extend Akizuki &; Fukue's work (2006) by discussing a general mag- 
netic field with three components (r, z) in advection-dominated accretion flows 
(ADAFs). We also investigate the effects of a global magnetic field on fiows with 
convection. For these purposes, we first adopt a simple form of the kinematic viscos- 
ity u = acl/riK to study magnetized ADAFs: a vertical and strong magnetic field, 
for instance, not only prevents the disk from being accreted but also decreases the 
isothermal sound speed. Then we consider a more realistic model of the kinematic 
viscosity u = aCsH, which makes the infall velocity increase but the sound speed 
and toroidal velocity decrease. We next use two methods to study magnetized flows 
with convection, i.e., we take the convective coefficient ttc as a free parameter to 
discuss the effects of convection for simplicity. We establish the ac — a relation for 
magnetized flows using the mixing-length theory and compare this relation with the 
non-magnetized case. If ac is set as a free parameter, then l^^l and Cs increase for 
a large toroidal magnetic field, while \vr\ decreases but \v^\ increases (or decreases) 
for a strong and dominated radial (or vertical) magnetic field with increasing ac- 
In addition, the magnetic field makes the ac — a relation be distinct from that of 
non-magnetized flows, and allows the p oc or p oc structure for magnetized 
non-accreting convection-dominated accretion flows with a + gac < (where g is the 
parameter to determine the condition of convective angular momentum transport). 

Finally, we give an outlook in Chapter 6. 
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Chapter 1 

GRB Progenitors 



1.1 Detectors and Observations 

Theoretical astrophysics is always based on the observation events and data. In §1.1 
we list the detectors of Gamma-ray bursts (GRBs) and their main contributions. 
The theories of GRBs are based on these observations. 
■Vela Satellites 

The total number of Vela Satellites is 12, six of the Vela Hotel design, and six 
of the Advanced Vela design, launched from October 1963 to April 1970. These 
military satellites were equipped with X-ray detectors, 7-ray detectors and neutron 
detectors, and the advanced ones also with the silicon photodiode sensors. The first 
flash of gamma radiation sinal was detected by Vela 3 and Vela 4 on July 2, 1967. 
Further investigations were carried out by the Los Alamos Scientific Laboratory, 
lead by Ray Klebesadel. They traced sixteen gamma-ray bursts between 1969 July 
and 1972 July, using satellites Vela 5 and Vela 6, and reported their work in 1973 
(Klebesadel et al. 1973). 

■ First IPN (Inter-Planetary Network) 

The investigation of the new phenomenon gamma-ray bursts become a fast 
growing research area after 1973. Beginning in the mid seventies, second gener- 
ation gamma-ray sensors started to operate. By the end of 1978, the first Inter- 
Planetary Network had been completed. In addition to the Vela Satellites, gamma- 
ray burst observations were conducted from Russian Prognoz 6,7, the German Helio- 
2, NASA's Pioneer Venus Orbiters, Venera 11 and Venera 12 spacecrafts. A group 
from Leningard using the KONUS experiment aboard Venera 11 and Venera 12 did 
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significant work for gamma-ray burst survey. The important results of the first IPN 
projects include: 

(1) First survey of GRB angular and intensity distribution by KONUS experi- 
ments (Matzet et al. 1981). 

(2) Discovery of first SGR (SGR 0526-66, Mazet et al. 1979, Cline et al. 1980). 

(3) Cyclotron and annihilation lines observations for many bursts (Mazets et 
al. 1981). The absorption and emission lines observation raised lots of debates until 
the discovery of cyclotron absorption lines by Ginga in 1988. 

■ Ginga 

Ginga was an X-ray astronomy satellite launched on February 1987. Cyclotron 
features in the spectra of three GRBs (Murakami et al. 1988, Fenimore et al. 1988, 
Yoshida et al. 1991) were reported and interpreted as photon scattering process near 
the neutron star surface with strong magnetic fields ~ 1.7 x 10^^ G. Neutron-Star 
model become popular in those years. Moreover, Ginga data also provided the early 
evidence of the existence of X-ray Flashes (XRFs, Strohmayer et al. 1998), which 
were discussed in detailed in the BeppoSAX era. 

■ Compton Gamma-Ray Observatory (CGRO) 

The Cornpton Gamma Ray Observatory (CGRO) is part of NASA's Great 
Observatorieqll. CGRO carried a complement of four instruments which covered 
observational band from 20keV to 30GeV, and the Burst and Transient Source Ex- 
periment (BATSE) is one of them. BATSE become the most ambitious experiment 
to study GRBS before BeppoSAX. It had detected a total of 2704 GRBs from April 
1991 to June 2000, which provided a large sample for GRBs statistical work. Sev- 
eral significant results concerning the characteristics of GRBs were made based on 
the crucial data from BATSE. The cosmological GRB orgin was first established, 
although the debate between galactic and cosmological origin still continued until 
BeppoSAX. Moreover, the bimodality of GRB durations was established by analyz- 
ing the distribution of Tgo for hundreds of BATSE-observed-GRBs. 

(1) The several BATSE catalogs had confirmed the apparent isotropy of the 
GRB spatial distribution (Meegan et al. 1992). Then the cosmological origin of 
GRBs began to be accepted by most astronomers. The energy of GRBs is about 
lO^^ergs. 

(2) BATSE data showed that GRBs were separated into two classes: short 



^The others are the Hubble Space Telescope, the Chandra X-ray Observatory, and the Spitzer 
Space Telescope. 
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duration bursts (T90 <2s) with predominantly hard spectrum and long duration 
bursts (T9o>2s) with softer spectrum (Kouveliotou et al. 1993). Next two different 
classes of progenitors were suggested for this distinction: mergers of neutron star 
binaries (or neutron star and black hole systems) for short bursts, and collapse of 
massive stars for long bursts, however, some others believe there are three kinds of 
GRBs also based on the BASTE data, which should reflect three different types of 
progenitors (Mukherjee et al. 1998). 

■ BeppoSAX 

BeppoSAX was an Italian-Dutch satellite for X-ray and gamma-ray astronomy. 
It was launched in 1996 and ended its life in 2003. This instrument had led to 
the discoveries of many new features of gamma-ray bursts and greatly accelerated 
people's understanding about GRBs: 

(1) The discovery of the X-ray afterglow of GRBs, which opened the afterglow 
era with multi-wavelength observations and confirmed the cosmological origin of 
GRBs. BeppoSAX first detected GRB 970228 with its X-ray afterglow (Costa et 
al. 1997), and later optical afterglow was also detected by the ground-based tele- 
scopes. Next, Keck II detected the spectrum of optical afterglow of GRB 970508, 
registered by BeppoSAX, and determined a redshift oi z = 0.835, which confirmed 
a cosmological distance (Metzger et al. 1997). 

(2) The connection between GRBs and Type Ib/c supernove (SNe Ib/c). In 
1998 BeppoSAX with the ground-based optical telescopes provided the first clue 
of a possible connection between GRB 980425 and a new supernova SN 1998 bw 
(Galama et al. 1998). 

(3) The confirmation of a new sub-class of GRBs-X Ray Flashes (XRFs), which 
emit the bulk of their energy around a few Kev, at energies significantly lower than 
the normal GRBs (Heise et al. 2001). Furthermore, BeppoSAX first reported the 
detection of the X-ray-rich GRBs (Frontera et al. 2000). 

(4) The discovery of GRBs with bright X-ray afterglows but no detectable 
optical afterglows, i.e. the 'dark bursts'. The next instrument HETE-2 made a 
more detailed detection on 'dark bursts'. 

(5) The discovery of the possible correlation between the isotropic equivalent 
energy radiated by GRBs and the peak energy, such as Amati relation (Amati et 
al. 2002) and Ghirlanda relation (Ghirlanda et al. 2004), provided the new possible 
standard candles to measure the Universe with parameters. 

■ HETE-2 
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The first High Energy Transient Explorer (HETE-2) failed during the launch in 
1996 and lost the opportunity to explore the significant characteristics of GRBs be- 
fore BeppoSAX. However, the second HETE, HETE-2, with multiwavelength instru- 
ments, had got many achievements. It first confirmed a event of GRB-SN connection 
(GRB 030329 & SN 2003dh, Stanek et al. 2003). It first discovered a short-hard 
GRB with an optical counterpart (GRB 050709) and studied the afterglow proper- 
ties of short bursts together with Swift. Moreover, it studied the phenomena XRFs 
more detailed than BeppoSAX. 

■ Swift 

Swift is a multi-wavelength space-based observatory dedicated to the study of 
GRBs. It contains three instruments work together to observe GRBs and their 
afterglows in the gamma-ray. X-ray, ultraviolet and optical wavebands: the BAT 
(Burst Alert Telescope) detects GRBs events in the energy range between 15 keV to 
150 keV, and computes its coordinates in the sky; the XRT (X-ray telescope) takes 
imagines and performs spectral analysis of the GRB X-ray afterglows in the energy 
range from 0.2 to 10 keV; and the UVOT (Ultriviolert/Optical Telescope) is used 
to detect an optical afterglow after Swift has slewed toward a GRB. This satellite 
was launched in November 2004 and is still in operation. The major breakthroughs 
from Swifts up to this date include: 

(1) established a completely new view of the early X-ray afterglow with several 
well-defined phases: after the prompt emission there is a rapid decline phase, which 
is followed by a shallow decay phase combined with X-ray flares, and then is the 
normal decay phase. Moreover, Swift has detected the existence of the achromatic 
breaks, causing some issues of the jet break interpretation of the break phase of 
X-ray afterglows. 

(2) detected GRBs with high-redshift, e.g., GRB 050904 with z=6.29 (Price et 
al. 2006), GRB 080913 with z=6.7 (Schady et al. 2008). These detections provide 
a unique way of probing the Universe when the first stars were formed. Combined 
with the observation by Hubble and Spitzer, Swift 

(3) first observed the afterglows of short hard GRBs (GRB 050509b, Hjorth et 
al. 2005). 

(4) the discovery of GRB 060614 called for a rethink of the GRB classification. 
GRB 060614 is a burst with Tgo = 104s other properties like short bursts. The 
classification of GRBs should based on their afterglows, host galaxies, not only their 
durations of prompt emission (e.g., Zhang 2006). 
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Figure 1.1: Some former and current GRB detectors. First row (left to right): 
Vela 5B (1969-1979), Ginga (1987-1991), CGRO/BATSE (1991-2000); second row: 
Konus-Wind (1994- ), BeppoSAX (1996-2003), HETE-2 (2000- ); third row: INTE- 
GRAL (2002- ), Swift (2004- ), Fermi (2008- ). 
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■ Current Missions 

In addition to the Swift satellite, there are also many present missions to study 
GRBs. The present long-baseline GRB IPN, i.e., the third IPN, includes Ulysses 
in 1992, Konus-wind in 1994, Rossi XTE in 1995, HETE-2 in 2000, Mars Odgssey 
in 2001, RHESSI in 2002, INTEGRAL in 2002, Swift in 2004, MESSENGER in 
2004, Suzaku in 2005, AGILE in 2007 and Fermi in 2008. On the other hand, 
BATSE-CGRO (1991-2000), SR0SS-C2 (1994-2001?), SZ-2 (2001), NAER (1996- 
2001), BeppoSAX (1996-2003) and SZ-2 (2001) have ceased operations today. Here 
I list some significant missions in this subsection. 

• Konus-Wind 

The joint Russian- American Konus-Wind experiment is presently carried out 
onboard the NASA's Wind spacecraft, which was launched in November 1994 
and mainly to study the 'solar wind'. The Konus experiment on Wind satellite, 
provides omnidirectional and continuous coverage of the entire sky in the hard 
X- and gamma-ray domain. Konus also provides the only full-time near-Earth 
vertex in the present IPN project. Konus-Wind has detected thousands of 
GRBs since 1994 until now. 

• INTEGRAL 

The European Space Agency's International Gamma-Ray Astrophysics Labo- 
ratory (INTEGRAL), launched in 2002, is a successor to CGRO. It can sim- 
ilarly determine a coarse position by comparing gamma counts from one side 
to another. It also possesses a gamma-ray telescope with an ability to deter- 
mine positions to under a degree. The science achievements of INTEGRAL 
has covered many areas in gamma-ray astronomy, the observations of GRBs 
made by INTEGRAL over the last years includes the discovery of the nearby 
low energy GRB 031203 (Gotz et al. 2003). 

• RHESSI 

RHESSI was launched in 2002 to perform solar studies. However, its gamma 
instrument could detect bright gamma sources from other regions of the sky, 
and produce coarse positions through differential detectors. For instance, 
RHESSI observed 58 bursts in 2007 and 34 in the first 9 months in 2008. 



• AGILE 
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This X-ray and Gamma ray astronomical satellite, launched in April 2007 
and equipped with scientific instruments capable of imaging distant celestial 
objects in the X-ray and Gamma ray regions of the electromagnetic spectrum, 
is adding data to the third IPN. 

• Fermi 

The Fermi Gamma-ray Space Telescope is a space observatory being used to 
perform gamma-ray astronomy observations from low Earth orbit. Its main 
instrument is the Large Area Telescope (LAT), with which astronomers mostly 
intend to perform an all-sky survey studying of gamma radiation high-energy 
sources and dark matter. Another instrument, the Gamma-ray Burst Monitor 
(GBM), is being used to study GRBs. 

1.2 A Review of GRB Models 

Gamma-ray bursts have been an enigma since their discoveries forty years ago. 
What are the nature of progenitors and the processes leading to formation of the 
central engine capable of producing these huge explosion? The first GRB model was 
published (Colgate 1968) even before the discovery of these burst events by Vela in 
1969. This model suggested that transient prompt gamma-rays and X-rays would 
be emitted as Doppler-shifted Planck radiation from the relativistically expanding 
outer layers of supernovae. Klebesadel et al. (1973) discussed the possibility that 
GRBs are associated with some particular supernovae which are not bright in the 
optical band (Thorne 1968) in the first observation paper of GRBs. However, it 
was not until 25 years later when BeppoSAX could detect the connection between 
GRB 980425 and SN 1998bw. Hawking (1974) showed that black holes would create 
and emit particles like photons and evaporate themselves. In this point of view, 
gamma-ray bursts could provide the direct evidence of the existence of black holes. 
However, today we know this physical opinion could not explain most GRBs, after 
we accumulated sufficient observation evidence of bursts. 

Although GRBs were first considered at cosmological distances from super- 
novae, Galactic models became more popular at later time, particularly after the 
detections of cyclotron absorption and emission lines by Konus and Ginga (Mazets et 
al. 1981; Murakami et al. 1988). More than one hundred GRB Galactic models had 
been published before 1990s. The early observations (1st IPN, Ginga, etc.) led to 
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considering neutron stars with strong magnetic fields as ideal candidates for GRBs 
sources. Moreover, the neutron star models were also reinforced by the discoveries 
of SGR. 

However, on the other hand, Paczynski and a few other astronomers pointed 
out again the idea that gamma-ray bursts could be at cosmological distances like 
quasars, with redshifts around 1 to 2 (Paczynski 1986; Goodman 1986). The energy 
needed was comparable to the energy typically released by a supernovae. Their cos- 
mological model was based on the evidences of GRBs isotropy spatial distribution 
and deviation of the intensity distribution from the -3/2 law, both of which were 
still controversial in 1980s, but crucially confirmed by BATSE-CGRO in 1990s. The 
observation results by BATSE in mid-1990s strongly suggested that the bursts origi- 
nate at cosmological distance. Thanks to BeppoSAX and the discovery of afterglows 
with redshifts, the cosmological nature of GRBs has been well established since 1997. 

BeppoSAX with the multi-wavelength observations on the afterglows raised re- 
searchers interests in explaining the lightcurve and spectrum using various radiation 
processes during and after bursts; and the models of GRB progenitors and central 
engines became less than before. Currently, the most widely-accepted model for 
the origin of most observed long GRBs is called the "coUapsar" model (Woosley 
1993), in which the core of an extremely massive, low-metallicity, rapidly-rotating 
star collapses into a compact object. On the other hand, short hard GRBs are 
commonly believed to be caused by star-neutron star (NS-NS) or neutron star-black 
hole (NS-BH) mergers. 

In this section, I give a brief review of the GRB models for forty years since 1969. 
I still first introduce the Galactic models of GRBs, which have been demonstrated 
as wrong for years. However, we should keep in mind once there was a period of 
time most researchers agreed the idea that GRBs came from the Milky Way, and we 
need to know the reason why they hold on this idea. Their idea was based on the 
observation results in 1970s and 1980s. Astrophysics theoretical models are always 
based on the observations, although usually observations could be incomplete or 
even have mistakes. Also, the physical processes and radiation mechanisms pointed 
out in these former models might explain other phenomena even if they cannot 
explain GRBs today. 

Table fTT] lists part of the history models of GRBs since Colagate (1968). The 
models before 1993 (especially Galactic Models before the BATSE era) has been 
listed in Nemiroff (1993). We mainly focus on the model which discuss the origin 
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of GRB energy and the objects to produce GRBs, not the energy propagation ways 
and radiation mechanisms in GRB production process. 



No. 


Author 


Year 


Place 


Description 


1. 


Colgate 


1968 


COS 


SN shocks stellar surface in distant galaxy 


2. 


Colgate 


1974 


COS 


Type II SN shock brem, IC scat at stellar surface 


3. 


Stecker et al. 


1973 


DISK 


Stellar superflare from nearby star 


4. 


Stecker et al. 


1973 


DISK 


Superflare from nearby WD 


5. 


Harwit et al. 


1973 


DISK 


Relic comet perturbed to collide with old galactic NS 


6. 


Lamb et al. 


1973 


DISK 


Accretion onto compact objects from flare in companion 


7. 


Zwicky 


1974 


HALO 


NS chunk contained by external pressure 


8. 


Grindlay et al. 


1974 


SOL 


Iron dust grain up-scatters solar radiation 


9. 


Brecher et al. 


1974 


DISK 


Directed stellar flares on nearby stars 


10. 


Schlovskii 


1974 


DISK 


Comet from system's cloud strikes WD/NS 


11. 


Bisnovatyi- et al. 


1975 


COS 


Absorption of neutrino emission from SN 


12. 


Bisnovatyi- et al. 


1975 


COS 


Thermal emission when small star heated by SN shock 


13. 


Bisnovatyi- et al. 


1975 


COS 


Ejected matter from NS explodes 


14. 


Pacini et al. 


1974 


DISK 


NS crustal starquake glitch 


15. 


Narlikar et al. 


1974 


COS 


White hole emits spectrum that soften with time 


16. 


Tsygan 


1975 


HALO 


NS corequake excites vibrations, changing E,B-flelds 


17. 


Chanmugam 


1974 


DISK 


Convetion inside WD produces flares 


18. 


Prilutski et al. 


1975 


COS 


Collaspe of supermassive body in AGN 


19. 


Narlikar et al. 


1974 


COS 


WH excites syn emission and IC scat 


20. 


Piran 


1975 


DISK 


IC scat deep in ergosphere of Kerr BH 


21. 


Fabian 


1976 


DISK 


NS crustquake shocks NS surface 


22. 


Chanmugam 


1976 


DISK 


flares from magnetized WD via MHD instability 


23. 


Mullan 


1976 


DISK 


Thermal radiation from flares near magnetized WD 


24. 


Woosley et al. 


1976 


DISK 


Carbon detonation from accreted matter onto NS 


25. 


Lamb et al. 


1977 


DISK 


Mag grating of accret disk around NS causes sudden accretion 


26. 


Piran et al. 


1977 


DISK 


Instability in accretion onto Kerr BH 


27. 


Dasgupta 


1979 


SOL 


Charged intergal rel dust grain enters sol sys. 


28. 


Tsygan 


1980 


DISK 


WD/NS surface nuclear burst causes chromospheric flares 


29. 


Ramaty et al. 


1981 


DISK 


NS vibration heat atm to pair produce, annihilate, syn cool 


30. 


Newman et al. 


1980 


DISK 


Asteroid from interstellar medium hits NS 


31. 


Ramaty et al. 


1980 


HALO 


NS core quake caused by phase transition, vibrations 


32. 


Howard et al. 


1981 


DISK 


Asteroid hits NS, B-fleld conflnes mass, creates high temp 


33. 


Mitrofanov et al. 


1981 


DISK 


HeHum flash cooled by MHD waves in NS outer layers 


34. 


Colgate et al. 


1981 


DISK 


Asteroid hits NS, tidally disrupts, heated, expelled along B lines 


35. 


van Buren 


1981 


DISK 


Asteroid enters NS B-fleld, dragged to surface collision 


36. 


Kuznetsov 


1982 


SOL 


Magnetic reconnection at heliopause 


37. 


Katz 


1982 


DISK 


NS flares from pair plasma conflned in NS magnetosphere 
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74. 


Ruderman et al. 


1988 


DISK 


75. 


Paczynski 


1988 


COS 


76. 


Murikami et al. 


1988 


DISK 


77. 


Melia 


1988 


DISK 


78. 


Blaes et al. 


1989 


DISK 


79. 


Trofimenko et al. 


1989 


COS 
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Sturrock et al. 


1989 


DISK 



Magnetic reconnection after NS surface He flash 

He fusion runaway on NS B-pole helium lake 

e-capture triggers H flash triggers He flash on NS surface 

B induced cyclo res in rad absorp giving rel e-s, IC scat 

BB X-ray IC scat by hotter overlying plasma 

ISM matter accum at NS magnetipause then suddenly accrets 

Nonexplosive collapse of WD ito rotating, cooling NS 

NS accretion from low mass binary companion 

Neutron rich elements to NS surface with quake, undergo fission 

Thermonuclear explosion beneath NS surface 

NS corequak & uneven heating yield SGR pulsations 

B-field contains matter on NS cap allowing fusion 

NS surface nuc explosion causes small scale B reconnection 

Remnant disk ionization instability causes sudden accretion 

Resonant EM absorp during magnetic flares gives hot syn e-s 

NS magnetic fields get twisted, recombine, create fiares 

NS magnetosphere excited by starquake 

Accretion instability between NS and disk 

Old NS in Galactic halo undergoes starquake 

Weak B-field NS spherically accretes, Comptonizes X-rays 

NS fiares result of magnetic convective-oscillation instability 

High Landau e-s beamed along B lines in cold atm of NS 

NS & low mass stellar companion gives GRB + optical flash 

NS tides disrupt comet, debris hits NS next pass 

Radially oscillating NS 

Flare in the magnetosphere of NS accelerates e-s along B-field 
Cosmo GRBs: rel e e+ opt thk plasma outflow indicated 

Chain fission of superheavy nuclei below NS surface during SN 
SN ejects strange mat lump craters rotating SS companion 
Magnetically active stellar system gives stellar fiare 
energy released from cusp of cosmic string 
Oort cloud around NS can explain SGRs 

G-wave bkgrd makes BL Lac wiggle across galaxy lens caustic 
WD collapse, burns to form new class of stable particles 
Be/X-ray binary sys evolves to NS accretion GRB with recurrence 
e~e~^ cascades by aligned pulsar outer-mag-sphere reignition 
Energy released from cusp of cosmic string (revised) 
NS & accretion disk refiection explains GRB spectra 
Absorption features suggest separate colder region near NS 
NS seismic waves couple to magnetosphere ALfen waves 
Kerr-Newman white holes 

NS E-feild accelerates electrons which then pair cascade 
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Melia et al. 
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Schramm et al. 
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COS 
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Ho j man et al. 
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HALO 
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Thompson et al. 


1993 


COS 
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Smith et al. 


1993 


DISK 
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Fatuzzo et al. 
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Narrow absorption features indicate small cold area on NS 
Binary member loses part of crust 

Fast NS wanders though Oort clouds, fast WD bursts only optical 
Episodic electrostatic accel and Comp scat from rot high-B NS 
Different types of white, "grey" holes can emit GRBs 
NS-NS binary collide, coalesce 

Cyclo res & Raman scat fits 20, 40 keV dips, magnetized NS 

QED mag resonant opacity in NA atmosphere 

NS magnetospheric plasma oscillations 

Beaming of radiation necessary of magnetized NS 

Interstellar comets pass through dead pulsar's magnetosphere 

Compton scat in strong NS B-field 

Old NS accrets from ISM, surface goes nuclear 

NS-NS collision causes neutrino collisions, drives super-Ed wind 

Scat of microwave background photons by rel e-s 

Young NS drifts through its own Oort cloud 

White hole supernova gave simulatancous burst of GW from 1987A 

NS B-field undergoes resistive tearing, accelerates plasma 

Alfven waves in non-uniform NS atmosphere accelerate particles 

Strange stars emit binding energy in grav rad and coUide 

Slow interstellar accret onto NS, e- capture starquakes 

Low mass X-ray binary evolve into GRB sites 

Accreting WD collapsed to NS 

WD accrets to form naked NS, GRB, cosmic rays 

NS-planet magnetospheric interaction unstable 

NS-NS collision produces anisotropic fireball 

Normal stars tidally disrupted by AGN BH 

WD collapses to form NS, B-field brakes NS rotation instantly 

NS/BH-NS merge gives optically thick fireball 

Syn emission from AGN jets 

NS/BH-NS have neutrinos collide to gamms in clean fireball 
Primordial BHs evaporating could account for short bursts 
Low mass X-ray binary evolves into GRB sites 
Hgih vel halo pulsars accrete after being kicked from disk 
WD mergers yield GRBs 

old NS accretes from mol cloud, R-T instab at crust 

Crustal adjustments by extragal radio pulsars 

Conversion of NS to strange star close to AGN 

NS popul at MW halo bdry expected by hydro density jump 

Sudden NS convection with high B drives e-pairs, gammas 

e-beams accel by E-field near NS with high B 

Alfven waves accel particles which upscat soft photons 
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Magnetars spin down affected by neutrino-cooled wind 
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MacFadyen 
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BH disk in binary systems to produce X-ray flares 
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Beamed spike of burst flares of SGRs as SHBs 


150. 


Pazynski 
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COS 


Quark stars, surface helps to produce ultrarelativistic outflow 


151. 


Metzger et al. 


2007 


COS 


Extended emission of short bursts from protomagnetar spin-down 


152. 


Lu et al. 
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COS 


Tidal disruption of a star by an IMBH 


153. 


Zhang et al. 


2008 


COS 


Hyperaccreting onto neutron stars as the central engine 


155. 


Kumar et al. 


2008 


COS 


Fall-back accret of the stellar envelope produce the X-ray light 



Table 1.1: A list of GRB models from 1968 to the end of 2008, 
which includes more than 150 models. The models before 1993 has 
been listed in Nemiroff (1993). Here "COS" refers to a cosmological 
distance, "DISK" refers to the disk of our Galaxy, "HALO" refers 
to the halo of our Galaxy. 
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1.2.1 Galactic Models 

In this subsection, I introduce various types of Galactic GRB models. A shorter 
brief review can be found in Vedrenne & Atteia (2009). Here I try to give a more 
detailed review. 

■ Stellar Flares 

GRBs were first considered as flares from stellar or compact objects just after 
their discovery. Stecker & Frost (1973) suggested the possibility that GRBs are 
due to the stellar superflares from nearby stars or white dwarfs, as they thought 
supernovae model showed by Colgate (1968) was not able to explain the observation 
data of GRBs. Then Bercher k. Morrison (1974) followed them to consider the 
stellar flares providing the energy of bursts with directed beams of inverse Compton 
scattering to provide 7-rays; Vahia et al. (1988) compared GRBs with solar hard 
X-ray flares and suggested GRBs originate from solar like activity. On the other 
hand, flares on compact objects were more commonly suggested, as the they could 
be much hotter, denser with several orders of magnitude higher energy than the 
stellar flares. Some researchers discussed that GRBs are thermal (Mullan 1976) 
or synchrotron radiation (Chanmugan 1974, 1976) from flares on magnetic white 
dwarfs, which are caused by convective instabilities under certain conditions. Liang 
(1984), Liang et al. (1984) and Usov (1984) discussed flares of neutron stars with 
magnetic flelds from 10^^ to lO^^G. Neutron star flares could be the results of twist 
and recombination of magnetic flelds or convective-oscillation instability. 

These authors mentioned above all considered flares are caused by instabilities 
(e.g. convective instability) inside normal or compact objects, and the energy of 
GRBs is provided by the magnetic fields. Accreting process will probably also cause 
flares, but we consider this situation in the accretion models. However, flare model 
is difficult to explain the temporal structure of GRBs with variability on time scales 
~ 0.1 s, unless the energy propagation and radiation mechanism are well studied. 

■ Starquakes 

Pacini & Ruderman (1974) first proposed that GRBs are emitted due to the 
magnetospheric activity related to glitches from a population of old, slowly spin- 
ning neutron stars. The starquake and glitch model have greatly benefited from 
observations of energetic glitches in the Crab and Vela radio pulsars since they were 
first observed in 1969 (Pines et al. 1974). The glitches and their theoretical mod- 
els allowed a better understanding of the coupling between the superfiuid core and 
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the neutron star crust. Tsygan (1975) discussed that GRBs from neutron star vi- 
brations excited by corequakes. Fabian et al. (1976) suggested that based on the 
local hypothesis, up to 10^^ ergs of elastic energy might be released in a neutron 
star crustquake via sound wave transformation into a surface shock caused by the 
crustquake. Later Ramaty et al. (1980) proposed a vibrating neutron star in the 
Large Magellani Cloud with a energy of 10'^^ erg is the orgin of GRB 790505, which 
was claimed to be observed in a supernova remnant. Ellison & Kanzanas (1983) 
elaborated on this model by examining the overall energetic and characteristic of 
the shocks produced by the neutron star corequake. The temperature in the shock 
could be sufficient high to produce 7-rays. The starquake models were last refined by 
Blaes et al. (1989) by considering the effect of neutron star seismic waves coupling 
to the magnetospheric Alfven waves with the limit of magnetic fields strength. 

The lack of gamma-ray bursts observation in coincidence with the glitches in 
the radio pulsars (e.g., Vela and Crab pulsar) was a problem of the starquake model. 
Pacini & Ruderman (1974) argued that gamma-ray bursts might only be detected 
from the nearby pulsars. Another problem was that the birth rate of galactic neu- 
tron stars is much less than the GRB rate. As a possible explanation, we need each 
neutron star to produce at least 10^ bursts during its lifetime. However, no repeti- 
tions were detected. Blaes et al. (1989) discussed that the elastic energy stored by 
the neutron star crust, which is sufficient for a single burst, should be replenished 
to supple many bursts. However, the elaborate mechanism was not established. 

■ Accretion onto Neutron Stars 

Accretion onto neutron stars was commonly considered as the sources of GRBs 
before the BATSE era. Various accretion processes were suggested with different 
effects: accretion materials, such as comets, asteroids, planets around the star, 
could directly impact onto the star surface; or accretion materials may form a disk 
around the compact object, as usually mentioned in a binary system, or the dis- 
rupted comets, asteroids or planets by tidal force. GRBs could come from the 
instability-induced accretion from disks, sudden and single accretion, or thermonu- 
clear outbursts in the surface layer of neutron stars via accreting nuclear fines. Here 
I introduce these various senecios as follows. 

Lamb et al. (1973) suggested the binary environment that GRBs may origi- 
nate from occurrences of accretion onto compact objects in binary systems, where 
accretion matter could be provided by fiares from stellar companions. The function 
of stellar fiares in the binary scenario of their work is quite different from that in 
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Stecker & Frost (1973), who showed the possible that GRBs are from flares directly. 
Later Lamb et al. (1977) studied the magnetospheric instabilities of neutron star 
in the case of spherically symmetric accretion, which can produce bursts variability 
(~ 0.1 — 1 s) and durations (~ 1 — 100 s). Accretion instabilities were also studied 
by Michel (1985) and Epstein (1985). On the other hand, based on deep sky surveys 
in the X-ray and optical wavelengths, Ventura et al. (1983) gave the upper limit of 
X-ray luminosity of GRBs for Galactic model (< 10'^^ ergs s~^), and showed that the 
companion of a GRB would have to be a low mass object if GRBs are from binary 
systems. Following their work, Rappaport &; Joss (1985) pointed out that optical 
flashes may be associated .ith GRBi and be detected b. gtound-based telese^pefl 
The evolution of low mass X-ray binaries was discussed by Frank et al. (1992), who 
reflned the binaries with short orbital periods (~ lOhr) as the possible sites of some 
GRBs. 

In the binary model, the source of accretion matter is from the stellar com- 
panion, and GRBs are usually produced from the accretion instability. Another 
accretion model, which was flrst proposed by Harwit & Salpeter (1973), proposed 
that the accreted material onto a neutron star comes from a comets, an asteroid a 
planet or interstellar matter, and the sudden accretion causes the gamma-ray tran- 
sient event. However, the frequency of comet impact on the compact object directly 
is much lower than the GRB events (Guseinov & Vanysek 1974). Tidally disrupted 
comet and "rain down falling" process was then studied by Tremaine & Zytkow 
(1986). Pineault and Poisson (1989) considered the scenario that a neutron star 
wanders though a comet could, which is not the neutron star's own, but belongs to 
another unrelated star. They predicted that GRBs are provided in the star forma- 
tion rate, where usually have dense comet clouds; and comet accreting onto a white 
drawft may cause a "optical flash". On the other hand, the collision between an 
asteroid and a neutron star was also studied as the possible mechanism to provide 
bursts (Newman and Cox 1980; Howard et al. 1981; Colgate and Petschek 1981; 
van Buren 1981). The asteroid could interact with the strong magnetic held near 
the neutron star surface, then to be disrupted, heated and dragged onto the neutron 
star; the kinematic energy of asteroid is radiated via Alfven wave. However, the 
probability of asteroid or planet collision is even much lesser than comet collision. 

Besides the accretion instability and sudden collision scenario, the thermonu- 

^However, X-ray and optical afterglow had not been detected for decades until the BeppoSAX 
era. 
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clear model was studied first by Woosley & Taam in 1976. Magnetized neutron 
stars may accrete hydrogen and helium at 10~^^MQyr~^ from a companion or dense 
cloud or nebula, and accumulate these nuclear fuels in the polar caps of ~ 10^° cm^. 
Compression occurs and fusion reactions make hydrogen bursts through CNO cycle, 
and a carbon shell is formed and cooled via neutrino emission. When the density 
at the base of the carbon layer reach ~ 2 x lO^g cm"'^, this carbon layer cannot be 
cooled efficiently, which leads to carbon detonations within a timescale of ~ 1ms. 
The energy released in this thermonuclear runaway is then transported up to the 
atmosphere via instabilities and convection mechanisms, and be cooled by emitting 
neutrinos and gamma-rays in times < Is. Mitrofanov & Ostryakov (1981) showed 
that thermonuclear energy could be transported via MHD waves (e.g., Alfven wave) 
in strong magnetic fields. Later Woosley & Wallace (1982) considered He flash 
with the temperature ~ 10® K on the neutron star surface as the energy of bursts, 
and 7-ray emission comes directly from the magnetically conflned photosphere and 
from relativistic electrons accelerated by magnetic recombination. He flash process 
and energy transportation in the magnetic fields were next discussed by Fryxell & 
Woosley (1982) and Hameury et al. (1982). Moreover, Blaes et al. (1990) intro- 
duced a pycnonuclear model: GRBs are from neutron stars accreting interstellar gas 
at a rate ~ 10^° g s"^. The slow accretion rate causes hydrogen and helium to burn 
through pycnonuclear reactions, and the metastable layers of crust lying deep below 
the stellar surface provides the nuclear energy and finally produces GRBs. 

Thermonuclear model had been previously used with success to explain type-I 
X-ray bursts or rapid X-ray transients. For these various phenomena the accre- 
tion rate and the magnetic fields strength of the neutron star play a decisive role. 
Similarly, the novae attributed to white dwarfs are also explained by thermonuclear 
runaways, after accumulation of a certain amount of matters. Therefore, the ther- 
monuclear model was used to be considered as the "better" explanation for GRBs 
for years. On the other hand, the absence of optical or X-ray counterparts of the 
GRBs also presents the serious difficulty for this modej^. 

■ Accretion onto Black Holes 

Although GRBs were usually considered as associating with outburst activities 
of the neutron stars in 1970s and 1980s, accreting black holes were also pointed out 
as the possible sources of GRBs in 1970s by Piran and Shaham (1975, 1977). They 

^Please note, counterparts mentioned here do not mean afterglows but the GRB-like events 
radiate optical or X-ray transients. 
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proposed that 7-rays are produced during the occurrence of instabilities in accretion 
of matter onto rapidly rotating black holes, when the infalling X-ray photons, which 
are produced in the X-ray binary systems, are Compton scattered by tangentially 
moving electrons deep in the ergosphere of the rotating black hole via the Penrose 
mechanism. This model requires GRBs to be associated with X-ray binaries, but no 
observation evidence shows such association. On the other hand, the discovery of 
cyclotron lines by Konus and Ginga greatly suggested the magnetized neutron stars 
as the gamma-ray bursters. It was not until BATSE ear accreting black hole model 
was reconsidered in the collaspar scenario, when neutrino annihilation process or 
Blandford-Znajek effect instead of Pernose mechanism are more commonly studied 
as the mechanisms to provide the energy and of GRBs. 
■ Collapse of White Dwarfs 

Baan (1982), Woosley and Baron (1992) discussed the scenario that GRBs are 
from the collapse of white dwarfs. An accreting white dwarfs may be pushed to 
the Chandrasekhar mass and explodes to probe a Type la supernova. However, 
when the core evolves to a high density > 10^°g cm~^ prior to carbon ar neon 
ignition, the white dwarf could collapse directly to a neutron star without nuclear 
explosions. Baan (1982) suggested that a GRB is due the the initial rapid cooling 
of the surface of the newly formed neutron star. However, in most cases the cooling 
lightcurve cannot explain the temporal proprieties of GRB lightcurves. Woosley and 
Baron (1992) discussed the process of neutrino emission and annihilation during the 
collapse with wind O.OOSMq s~^, and showed that accretion-induced collapse of a 
white dwarf cannot be accompanied by a GRB at cosmological distance, while such 
collapses might be detected with 7-ray transient emissions within our Galaxy. Later 
accretion-induced collapse model was reconsidered for GRB model in cosmological 
distance, as researchers studied another collapse process: neutron star collapse to a 
black hole. 

1.2.2 Cosmological Models 

Cosmological GRB models have been reviewed by many authors (e.g., Piran 2005; 
Meszaros 2006; Woosley & Bloom 2006; Nakar 2007). However, we distinguish the 
concepts of GRB "progenitors" and GRB "central engines". The GRB progenitors 
evolve to become GRB central engines in a short period of time, and the central 
engines directly provide the energy of GRBs. For example, a collapsar or a massive 
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collapse star without immediate supernova explosion is a GRB progenitor in the 
collapsar scenario, while the direct central engine is the new formed accreting black 
hole system. The compact object binaries and their mergers are the progenitors 
of short-bursts, while the direct central engines are also also the accreting black 
holes. In some models, on the other hand, the progenitors are the same as the 
central engines, such as the old magnetar and neutron star model. In this section 
we focus on the GRB progenitor models, not the central engines. Therefore we do 
not mention the accreting black holes ^, but discuss the magnetars. 

■ AGN Models 

Based on the fireball scenario and internal shock model, the GRB short time 
variability time scale is determined by the activity of the "inner engine", and St ~ 
1ms discussed a compact stellar source. However, large scale models such as AGN 
models had also been discussed. McBreen & Metcalfe (1988) suggested that the 
lensed GRB sources are probably BL Lac objects. The fiuctuations in the position 
of a BL Lac object originating in a stochastic background of gravitational wave 
intensifies the image of this source and give rise to GRBs. Later McBreen et al. 
(1993) suggested gravitational lensing as the important tests of the theory that the 
GRB sources are located at cosmological distance. However, it is quite doubtful 
whether the gravitational wave stochastic fiuctuation effect could explain the radio 
of GRBs occurrences. Carter (1992) studied process of a normal stellar being tidally 
disrupted by AGN center black hole, which would give rise to GRBs; and Brainerd 
(1992) considered synchrotron emission from AGN jets as the radiation mechanism 
of GRBs. Yes, there are many similar physical aspects between AGN and GRB 
models. However, there is no observation that GRBs are associated with AGNs, 
and no repeating and transient GRBs are detected from the AGN, which might be 
expected to have repeating bursts in theory. 

■ NS-NS and NS-BH Mergers 

Neutron star binary mergers (NS-NS) or neutron star-black hole mergers (NS- 
BH) occur inevitably when binary systems spiral into each other as a result of 
damping of gravitational radiation. The Galactic merger rate is of the order of 10"^ — 
10"^ yr~^, or 200-3000 Gpc~'^yr^^, which is sufficient to explain the bursts rate. GRB 
is suggested not produced during the merger process directly, but by the accretion 
process in the new-formed accretion disk-stellar massive black hole system, which is 



^The mergers between a neutron star and a black hole is a exception. The black hole/neutron 
star binary is a GRB progenitor. 
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the common outcome of both NS-NS and NS-BH mergers and the direct engines of 
GRBs. The possibility of two neutron star mergers as a GRB energy source was first 
mentioned by Paczyriski (1986), Goodman (1986) and Goodman et al. (1987), who 
discussed 10^^ ergs as the binding energy of a neutron star(NS), and the neutrino- 
antineutrino annihilation process may occur in the merging circumstances. Eichler 
et al. (1989) discussed the coalescing neutron stars with nucleosynthesis of the 
neutron-rich heavy elements and accompanied neutrino bursts in detail. Paczyhski 
(1990) considered that neutron star mergers could produce a super-Eddington wind, 
accelerate it to a relativistic velocity, and release energy via neutrino annihilation 
during a few seconds. Next Paczyhski (1991) also discussed the binary system of 
a spinning stellar mass black hole and a neutron or a strange star at cosmological 
distances as the possible GRB progenitor. Narayan et al. (1992) suggested magnetic 
Parker instability as well as neutrino annihilation as two different mechanisms to 
provide the energy for the bursts, which as the results of NS-NS or NS-BH mergers. 
On the other hand, the Blandford-Znajek mechanism Blandford & Znajek 1977) 
for extracting the spin energy of the stellar massive black hole was also mentioned 
as the possible MHD process to provide energy of GRBs (Nakamura et al. 1992, 
Hartmann & Woosley 1995). 

However, there are several problems should be pointed out for the NS-NS (NS- 
BH) model. Some have been explained but others are still unanswered. First of 
all, the idea that GRBs energy are produced via vv — > e~e+ — > 77 mentioned 
above was used to be criticized as not an efficient source of GRBs (e.g. Jaroszynski 
1996). Meszaros & Rees (1992a, 1992b) suggested that e"e"^ pair fireball must be 
anisotropic, because the merger process and tidal heating generate a radiation-driven 
wind, and blow off energy matter before the e~ pair plasma acquires a high Lorentz 
factor except along the binary rotation axis, where the baryon density is low and an 
ultrarelativistic pair plasma could escape. The second problem is about the typical 
photon signature time scale of the merger or the accretion process. Narayan et al. 
(2001) showed that the accreting neutrino-dominated accretion disk formed after 
merger is unlikely to produce long burstj^. In other words, compact object mergers 
could only explain short GRBs. This idea has been commonly accepted today. 

^However, if the accretion disk system is formed in the environment of collaspar, the accretion 
matter is provided by the stellar envelope, and the accretion time-scale is determined by the fallback 
time-scale of the collapsar. Therefore, the accretion time-scale for collapsar is much longer than 
the disk formed via mergers. 
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However, an additional problem for the short GRBs is the discrepancy between the 
inferred lifetime distribution of the merging systems and the recent observed lifetime 
distribution of short bursts. The type of NS-NS systems in our Galaxy has a typical 
lifetime of ~ lOOMyr, while the distribution of short bursts is usually at least several 
Gyr old (Nakar 2007). 
■ Collapsar Model 

The collapsar model is one of the popular model for long GRBs after the dis- 
covery of GRB-supernovae association. Collapsars are rotating massive stars whose 
iron core eventually collapses to form a black hole and a thick disk around that hole. 
This model was first considered as the "failed Type lb supernovae" (Woosley 1993): 
stars heavier than 35 ~ AOMq are thought to lose their hydrogen envelope before 
dying, and the relatively bigger iron cores prevent the stars from explosion. The 
unsuccessful outgoing shock after the iron core first collapse leads the accreting core 
further collapses to a black hole, surrounded by a neutrino-cooled dense disk. A pair 
fireball is generated by neutrino annihilation and electron-neutrino scattering, and 
provides enough energy to a GRB. However, the discovery of GRB-supernovae as- 
sociation showed the relation between GRBs and the collapses of massive stars, and 
required the "failed supernovae" to become "successful supernovae (hypernovae) " . 
The energy of supernovae is considered to be provided by the outfiows from the 
accretion disks. MacFadyen & Woosley (1999) discussed the continued evolution of 
rotating helium star using a 2-D hydrodynamics simulation. A compact disk could 
form when the stellar special angular momentum j satisfied 3 x 10^^ < j < 2 x 10^^. 
The gravitational binding energy of the accretion system can be efficiently released 
by neutrino or MHD processes, and provides the energy of a relativistic jet and 
then the GRB phenomena. Later MacFadyen et al. (2001) suggested a new type of 
collapsar (Type II collaspar), wherein the center black hole forms after some delay, 
owing to the fallback of material that initially moves outwards, but fails to achieve 
escape velocity. On the other hand. The standard collapse, whose black hole forms 
promptly due to the unsuccessful outgoing shock, is called as Type I collapsar. The 
accretion rate in Type II collapsars is lower than that in Type I collapsars, and the 
jet should be produced via MHD processes only for such low accretion rate. Fryer 
et al. (2001) discussed a third type of collapsar, which occurs for extremely massive 
metal-deficient stars (~ 3OOM0) existed in the first generation stars. These collapses 
could produce a lO^^ergs jet and become the possible sources of some high-redshift 
GRBs. Furthermore, Zhang, Woosley et al. (2003, 2004) examined the propagation 
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and breakout of relativistic jets produced in the collapsar accretion process thought 
the massive Wolf-Rayet stars using 2-D and 3-D simulations. The jet propagation 
and breakout produces a variety of high-energy transients, ranging from X-ray flares 
to classical GRBs. 

However, collapsar model also faces some problems. For example, it requires 
an unusually larger amount of angular momentum in stellar inner regions compared 
to the common pulsars. Woosley & Heger (2006) suggested the very rapid rotating 
massive stars might result from mergers or massive transfer in a binary, and single 
stars that rotate unusually rapidly on the main sequence. However, such stars 
might still retain a a massive hydrogen envelope and produce Type II, not Type I 
supernovae. Yoon & Langer (2005) considered the evolution of massive magnetic 
stars where rapid rotation induces almost chemically homogeneous evolution. Fryer 
& Heger (2005) and Fryer et al. (2007) discussed that single stars cannot be the 
only progenitor for long bursts, but binary progenitors can match the GRB-SNe 
association observational constraints better. I will discuss the collapsar model more 
detailed in §1.3. 

■ Magnetar Model 

Magnetized neutron stars and magnetars as the sources of cosmological GRBs 
was flst discussed by Usov (1992), who considered that such NSs are formed by 
accretion-induced-collapse of highly magnetized WDs with surface magnetic flelds 
~ 10^ G. These new formed rapidly rotating NSs or magnetars would lose their 
rotational kinetic energy catastrophically on a timescale of seconds or less via elec- 
tromagnetic or gravitational radiation. An electron-positron (e~e"'~) pairs plasma 
would be created by the unstable strong electric fields which is generated by the 
rotation of the magnetic fields. This e~e~^ plasma flows away from the NS at rela- 
tivistic speeds and may produce GRBs. Duncan & Thompson (1992) also suggested 
that GRBs are powered by AIC magnetars with their vast reservoirs of magnetic 
energy. They discussed that the strong dipole magnetic flelds in magnetars, which 
could reach to ~ 3 x 10^'' G in principle, can be generated by vigorous convec- 
tion and the a — f2 dynamo mechanism during the flrst few tens of seconds after 
the NS formation. Kluzniak & Ruderman (1998) discussed a "transient magnetar" 
model. The energy stored in the differential rotation is extracted by the processes 
of wounding up and ampliflcation of toroidal magnetic flelds. Magnetic buoyancy 
drives magnetic flelds across the NS surface, making NS to be a transient magnetar 
and release the magnetic energy via reconnection. Such process can repeat several 
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times in the NS. Ruderman et al. (2000) estimated the buoyancy timescale of each 
time is of the order 10~^ s, which may associate with the temporal lightcurve struc- 
ture of GRB prompt emissions. The surface magnetic multipoles (~ 10^^ G) in 
the "transient magnetar" phase is suppressed by surface shearing from differential 
rotation and provide the energy of sub-bursts. Spruit (1999) considered the similar 
buoyancy mechanism to produce GRBs, while he suggested the NS in an X-ray bi- 
nary environment, spin up by accretion, loss angular momentum via gravitational 
wave radiation, and generate strong differential rotation. Dai et al. (2006, see also 
Gao & Fan 2006) suggested the similar magnetic activity to produce the early after- 
glow phenomena such as X-ray flares. Recently Metzger et al. (2008) argued that 
extended emission of short-hard GRBs (e.g. GRB 060614) is form the spin-down of 
magnetars. 

A neutrino-driven thermal wind is dominated during the Kelvin-Helmholtz 
(KH) cooling epoch after the NS formation, lasting from few second to tens of 
seconds depending on the strength of surface fields. After that, magnetic or Poynt- 
ing wind becomes dominated (Wheeler et al. 2000; Thompson 2003; Thompson et 
al. 2004). While a Poynting flux dominated flow may be dissipated in a regular 
internal shocks. Usov (1994) and Thompson (1994) discuss a scheme in which the 
energy is dissipated from the magnetic held to the plasma and then via plasma 
instability to the observed 7-rays outside the 7-rays photosphere at ~ 10^^ cm. 
At this distance the MHD approximation of the pulsar wind breaks down and in- 
tense electromagnetic waves are generated. The particles are accelerated by these 
electromagnetic waves to Lorentz factors of 10^ and produce the non thermal spec- 
trum. Wheeler et al. (2000) considered the magnetar scenario with the generation 
of ultra-relativistic MHD waves (UMHDW), not the traditional Alfven waves. If a 
UMHDW jet is formed it can drive shocks propagating along the axis of the initial 
matter jet formed promptly during the proto-NS phase. The shocks associated with 
the UMHDW jet could generate GRBs by a process similar in the collapsar scenario. 
The origin of collimated relativistic jets form magnetars was considered by Konigl & 
Granot (2000) by analogy to pulsar wind nebulae (Begelman & Li 1992), that the in- 
teraction of wind from the spinning-down magnetar with the surrounding star could 
facilitate collimation. Bucciantini et al. (2007, 2008, 2009) presented semi-analytic 
calculations and relativistic MHD simulations to show the magnetized relativistic 
jets formation and propagation. However, they only carried out low Lorentz factor 
less than 15 in their simulations. Jets from magnetars may be accelerated to higher 
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Lorentz factor ~ 100 — 10^ at large radius several tens of seconds after core bounce 
(Thompson et al. 2004; Metzger et al. 2007). Therefore, long-term simulations of 
magnetized jets propagation is still needed in the future. 
■ Quark Stars and Strange Stars 

A quark star or strange star is a hypothetical type of exotic star composed of 
quark matter, or strange matter. These are ultra-dense phases of degenerate matter 
theorized to form inside particularly massive neutron stars. However, the existence 
of quark stars has not been confirmed by astrophysical observations. The quark 
stars or strange stars have been considered as the GRB progenitors since Schramm 
k. Olinto (1992), who first briefly discussed the possibly of conversion of neutron 
stars to strange stars, i.e., hadrons to quarks as the origin energy source of GRBs. 
Cheng & Dai (1996) discussed the phase transition in the low-mass X-ray binaries 
environment, while Schramm and Olinto (1992) close to an AGN. The thermal 
energy released in the phase ~ 10^^ ergs transition is mainly cooled by neutrino 
emission, and fireball is produced by the process of 77 — e'e"*" (Cheng & Dai 
1996). On the other hand. Ma & Xie (1996) discussed the phase transition process 
to produce the quark mass core and a super-giant glitch of the order /^VL/VL ~ 
0.3, which could provide sufficient energy for GRBs in cosmological distance and 
SGRs in Galactic distance. Following the neutron model of Kluzniak and Ruderman 
(1998), Dai & Lu (1998b) discussed the differentially rotating strange stars with the 
buoyancy instability as the sources of GRBs. Ouyed et al. (2002a, 2002b) suggested 
a model (quark-nova) in which the engine both for short and long bursts is activated 
by the accretion onto a quark star, which is formed in the core of a neutron star. 
Later the process of "quark-nova explosion" (e.g. Ouyed et al. 2007, 2009), i.e., 
the ejection of the outer layer of the neutron star was studied, while the interaction 
between the quark-nova eject and the collapsar enveloped is showed to be possible to 
produce both GRBs. However, it is questionable today whether a single model could 
explain both short bursts and long bursts, which have quiet different proprieties and 
located in different host galaxies. Paczynski and Haensel (2005) showed that the 
surface of quark stars could acts as a membrane and allows only ultrarelativistic 
matters to escape, and generate outflows with large bulk Lorentz factors (> 300). 

The outcome of most quark star and strange star models is the release of a 
large amount of energy within a short time, which can provide the GRBs energy 
in cosmological distance. However, the main problem today is that the existence of 
quark stars has not been proofed. Most models shows the properties and activities 
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of quark stars, but seldom predicts the "key phenomena" for GRBs, which could 
distinguish between the quark star activity and other compact star activity. It is 
probably we need to determine the existence of quark stars in other astrophysics 
fields and then go back to see the observation effects of them in GRBs. 

■ Non-standard Physical Models 

Astronomers usually like to choose theoretical models which are based on con- 
firmed physics laws and theories. Models that incorporate astronomical objects 
which are not know to exist are not encouraged at least today. Few astronomer 
will believe these models until the related speculation physics theories are widely 
accepted and the very observational features predicted by the models can be con- 
firmed. Recent developed physics theories could no doubt prompt the development 
of theoretical astrophysics, which is actually part of physics. However, astrophysics 
should always based on the observation events first, not on physics theories, other- 
wise we will be probably "get lost". In addition to the models of collapsar, compact 
objects mergers, magnetic fields activities and other commonly accepted astrophys- 
ical processes, there are also several speculative GRB models which are treated less 
seriously in current state. 

A white hole is the theoretical time reversal of a black hole. Narlikar et al. 
(1974) first proposed that X-ray and 7-ray transient may from while holes. The 
spectrum of while hole emission, which satisfies a power law of index -3, should soft 
with time and change to be the spectrum of X-ray and 7-ray bursts. Trofimenko 
(1989) studied the structure of Kerr-Newman white hole in detail, and showed the 
application in astrophysics, which include explaining GRBs. Moreover, a cosmic 
string is a hypothetical 1-dimensional (spatially) topological defect in various fields 
predicted in theoretical physics. Babul et al. (1987, revised by Paczyhski in 1988) 
showed that the cusps of superconducting cosmic strings may be possible sources of 
very intense and highly collimated bursts of energy. Cline & Hong (1992), on the 
other hand, considered the possibility of detecting Galactic "primordial black holes" 
(PBH) by short-hard GRBs, as PBHs evaporating (Hawking 1974) could account 
for short-hard bursts with duration of several milliseconds. 
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1.3 Progenitor I: the CoUapsar Model 
1.3.1 Basic Collapsars Scenario 

In this section §1.3, we investigate the collapsar scenario in detail. We classify 
collapsars into two types based on their different ways to form the center black holes. 
Moreover, we also discuss a third variety of collapsar occurs in the first generation 
massive stars with high redshift and very low metallicity. The classification is based 
on Woosley, Zhang, & Merger (2002). 
Type I Collapsar 

A standard (Type I) collapsar is one where the black hole forms promptly in a 
Wolf-Rayet star, a blue supergiant, or a red supergiant. There never is a successful 
outgoing shock after the iron core first collapses. A star of 30 Mq on the main 
sequence evolved without mass loss would have a helium core of the size 10-15 Mq. 
Larger stars that continued to lose mass after exposing their helium core might 
also converge on this configuration, depending on metallicity and the mass-loss rate 
chosen. The iron core in such a star would be between 1.5 and 2.3 Mq, depending 
upon how convection and critical reaction rate are treated. As the core collapses, 
mass begins to accrete from the mantle. If neutrino energy deposition is unable to 
turn the accretion around, the hot protoneutron star grows. Typically the accretion 
rate is ~ 0.5MqS~^. In a few seconds the core has lost enough neutrinos, and grown 
to sufficient mass that it collapses to a black hole. Material from the mantle and 
helium core continue to accrete at a rate that declines slowly with time, roughly as 

and depends on the uncertain distribution of angular momentum in the star. 
The disk forms on a free-fall time scale, 446p^/^ ~ Is for the stellar mantle, but will 
continue to be fed as the rest of the star comes in. The polar region, unhindered 
by rotation, will collapse first on a dynamic time scale (~ 5s), while the equatorial 
regions evolve on a viscous time scale that is longer. The disk is geometrically thick 
and typically has a mass inside 100 km of several tenths of a solar mass. 

MacFayden & Woosley (1999) explored in particular the fate of a 14 Mq he- 
lium core from a 35 Mq main sequence star using a two-dimensional hydrodynamics 
code. The evolution of the massive star can be considered in three stages. First 
is transient stage lasting roughly 2 s, during which low angular momentum mate- 
rial in the equator and most of the material within a free fall time along the axes 
falls through the inner boundary. A centrifugally supported disk forms interior to 
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roughly 200(ji6/10)^ km, where jie = j/(10^^) cm^ s~^. The density near the hole 
and along its rotational axis drops by an order of magnitude. The second stage is 
characterized by a quasi-steady state in which the accretion delivers matter to the 
hole at approximately the same rate at which it is fed at its outer edge by the col- 
lapsing star. For 3 < jie < 20, the disk forms at a radius at which the gravitational 
binding energy can be efficiently radiated as neutrinos or converted to beamed out- 
flows by MHD processes (i.e., BZ process), and deposit energy in the polar regions 
of the center black hole. The third stage is the explosion of the star. This occurs 
on a longer timescale. Energy deposited near the black hole along the rotation axes 
makes jets that blow aside what remains of the star within about 10° — 20° of the 
poles, typically ~ O.IMq. The kinetic energy of this material pushed aside is quite 
high, a few 10^^ ergs, enough to blow up the star in an axially driven supernova, 
or so-called hypernova. The properties of the relativistic jet which produce a GRB 
and other high energy transients was studied in detail by Aloy et al. (2000), Zhang 
et al. (2003) and Zhang & Woosley (2004). In supergiant stars, collapsar model 
predicts the jet breakout also produces X-ray transients instead of GRBs with Type 
II supernova (MacFadyen, Woosley & Heger, 2001). 
Type II Collaspar 

A variation on this theme is the "Type II collapsar", wherein the black hole 
forms after some delay- typically a minute to an hour, owing to the fallback of 
material that initially moves outwards, but fails to achieve escape velocity. The time 
scale for such an event is set by the interval between the first outgoing shock and the 
GRB event. The fallback material onto the collapsed remnant is about 0.1 — SMq, 
and turn the collapsed remnant into a black hole surrounded by a accretion disk. 
The accretion rate, ~ 0.001 — O.OIM0 s~^, is inadequate to produce a jet mediated 
by neutrino annihilation but is similar to what has been invoked in MHD models for 
GRBs. Type II collapsars should be common events, probably more frequent than 
Type I. They are also capable of producing powerful jets similar as Type I ones that 
might make GRBs. Unfortunately their time scale may be, on the average, too long 
for the typical long, soft bursts. If the GRB-producing jets is launched within the 
first 100 s or so of the initial supernova shock, it still emerges from the star before 
the supernova shock has gotten to the surface, i.e, when the star is still dense enough 
to provide collimation. Their accretion disks are also not hot enough to be neutrino 
dominated and this may affect the accretion efficiency. Table [L2] (i.e.. Table 3 in 
MacFadyen, Woosley & Heger 2001) outlines the diverse phenomena resulting from 
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Parameters 

Black hole formation timescale (s) 
M{Mq s-1) 

''"accretion 

No H envelope (Wolf-Rayet star) 
Small H envelope (Blue supergiant) 
Large H envelope (Red supergiant) 



Type I 

Prompt, r < 1 
0.1 

Ri 10 

ionginc > tbo, GRB+Type Ib/c SN 
tongino < ibo, Type II SN; XRT 
tongino < fbo, Type 11 SN; XRT 



Type II 

Delayed, 30-3000 
0.0001-0.01 
30-3000 

tongino > ibo, long GRB+Type Ib/c SN 
(engine > *bo, long GRB+Type II SN 
tengine < tbo, Type 11 SN; XRT 



Table 1.2: The diverse phenomena resulting from Type I and Type II collapsar 
occurring in stars with with varying radii. All collapsar SNe are predominantly 
jet-powered and therefore asymmetric (MacFayden, Woosley, & Heger 2001). 

the two collapsar types occurring in stars with varying radii, where tcnginc is the 
duration of GRB central engine, and tbo is the time of jet breakout. 
Type III Collapsar 

A third variety of collapsar occurs for extremely massive metal-deficient star 
(above ~ 300Mq) that may have existed in the early universe. For non-rotating 
stars with helium core masses above 137 Mq (main sequence mass 280 Mq), it is 
known that a black hole forms after the pair instability is encountered. It is widely 
suspected that such massive stars existed in abundance in the first generation after 
the Big Bang at red shifts ~ 5 — 20. Fryer, Woosley & Heger (2001) considered 
the complete evolution of two zero-metallicity stars of 250 and 300 Mq. Despite 
their large masses, we argue that the low metallicities of these stars imply negligible 
mass loss. Evolving the stars with no mass loss, but including angular momentum 
transport and rotationally induced mixing, the two stars produce helium cores of 130 
and 180 Mq. Explosive oxygen and silicon burning is unable to drive an explosion 
in the 180 Mq helium core, and it collapses to a black hole. For this star, the 
calculated angular momentum in the preosupernova model is sufficient to delay 
black hole formation. After the black hole forms, accretion continues through a 
disk. The mass of the disk depends on the adopted viscosity but may be quite large, 
up to 30 Mq when the black hole mass is 140 Mq. The accretion rate through 
the disk can be as large as 1 — IOMq s~^ The interaction of the 10^^ erg jet with 
surrounding circumstellar gas may produce an energetic 7-ray transient, but given 
the probable redshift and the consequent timescale and spectrum, this model may 
have difficulty explaining typical GRBs. The long, hard X-ray flashes rather than 
classical GRBs are expected for these Type III collapsars. 

According to Woosley, Zhang & Heger (2002), the Type I and II collapsar 
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model which produce GRBs requires the star loses its hydrogen envelope before 
death, because no relativistic jet can penetrate the envelope in less than the light 
crossing time which is typically 100 s for a blue supergiant and 1000 s for a red one. 
Therefore, the Wolf-Rayet stars lost their hydrogen envelope are most likely to be 
the candidates of GRBs sources. Fryer, Woosley & Hartmann (1999) discussed the 
possible stellar progenitors to form a black hole with an accretion disk which satisfies 
the ORB production environment. The hydrogen envelopes can be removed both 
from single stellar wind or binary companions. After common envelope evolution, 
which uncovers the helium core, the primary star collapses into a black hole. As 
a result, binary systems should also be added into the collapsar model. There are 
three possible scenarios leading to collapsar formation. 
Scenarios A: 

Single-star collapsar formation scenario. Wolf-Rayet winds blow off the hydro- 
gen mantle of a rotation massive star, leaving behind a massive helium core, which 
then collapses to a black hole. The helium core must have a mass > lOM© to insure 
that the core immediately forms a black hole without any supernova explosion. 

Scenarios B: 

Dominant collapsar formation scenario. Common envelope drives off the hy- 
drogen mantle of a rotation massive star. The helium core collapses to form a GRB. 
The system may then go on to form a WD/BH or BH/NS binary. 

Scenarios C: 

Collapsar scenario from the merger of a double helium binary. In this phase, the 
two stars have nearly the same mass and the secondary evolves off the main sequence 
before the primary collapses, forming a double helium star binary. Then the helium 
merge, producing a flattened helium core, which then powers the collapsar. 

Moreover, several additional scenarios were introduced later. If the common- 
envelope phase in He-He binary merger occurs after helium burning (case C mass 
transfer in binary theory), we also it "helium case C" scenario. Other models include: 

Scenarios D: 

"Brown merger" scenario. Two stars in the binary have nearly equal masses 
and hence the companion evolves off the main sequence before the more massive 
star collapse. This scenario is termed due to the work by Bethe & Brown (1998), 
who discussed equal-mass stellar binaries. 

Scenarios E: 

The progenitor interacts in a cluster. The cluster environment, which many 
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be more common in low-metallicity systems, enhances mergers, and well produce 
massive, rapidly spinning cores. 

In the next section we will discuss the requirements of collapsar models based 
on the reasonable physics processes to produce GRBs as well as recent observations. 

Figure fL2] shows the first three scenarios to form collapsars. 



1.3.2 Angular Momentum and Metallicity 

The collapsar model requires an unusably large angular momentum in the inner 
regions of the massive progenitor stars lost their hydrogen envelope to from a disk 
around a black hole of several solar mass. The specific angular momentum 

. 2GM , 



3 



33/2, 



■[1 + 2{?,riso/rg - 2)1/2] _ ^q16 _ iq^^^^^-^ (11) 



where M is the gravitational mass of the black hole, riso is the radius of the last 
stable circular orbit, and = GMjc? . Wolf-Rayet (WR) stars with a very rapidly 
rotating core are good candidates for the progenitor. On the other hand, millisecond 
pulsars, which are more than one order of magnitude faster than he fastest observed 
pulsars, have a angular momentum j ~ \^'^'^R{^P^^q,yc?'&~^ with i?io = -R/10''cm as 
the pulsar radius and P\ = P/10"^s as the spin period. This angular momentum is 
still 1-2 orders of magnitude lower than the ones that make collapsars. Recent stellar 
evolution models which include angular momentum transport from the core to the 
hydrogen envelope by magnetic torques (Spruit 2002) lead naturally to rotation rates 
of pulsars in the range 10-15 ms, just what is needed for common pulsars result from 
the deaths of read supergiants (RSGs). However, the magnetic toques mechanism 
indicates the most single stars end up with cores rotate much slower than the ones 
in rapidly collapsars that lost their hydrogen envelopes. The problem is, if typical 
massive star death produces common pulsars, what special circumstance produce a 
GRB? 

Magnetic torques are significant even when the envelope is removed. It coming 
from fields generated by the differential rotation have a tendency to enforce rigid 
rotation. Angular momentum is extracted from the inner core when it contracts 
and is transported to the outer layers which are spun up. Moreover, these magnetic 
torques brake the core when extensive mass loss slows down the rotation of the 
outer layers. Herger, Woosley & Spruit (2005) have found that magnetic torques 
decrease the final rotation rate of a collapsing iron core by about a factor of 30 ro 
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Initial Conditions: 
Single Star 



Star Evolves of Main Sequence 




Wind Ejects Hydrogen 
Envelope 



Initial Conditions: 

Ms^Mp/Z.S 
Orbital Separation "z 1 AU 

Primary Evolves off Main Sequence 
Primary Expands 



Common Envelope 
Phase 



He Core Collapses 




Collapse of Helium Core 
^ GRB Sc. XI 



GRB Sc. X 



luitiiil Conditions: 

Ms a 0.95 Mp 

Orbital Separation 5 1 Al' 

Primary Evolves off Main Seqnence 
Primary Expands 




Common Envelope Phase 



Secondary Evolves Off Main Sequence 




Double Helium Star 
Binaiy 



Helium Stars Merge He C:ore Mass>M(,, 



Collapse 



oil 

GRB Sc. XII 



Figure 1.2: Three Scenarios A {upper left), B (upper right), C (lower figure) of 
collapsar formation proposed by Fryer, Woosley and Hartmann (1999). 
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50. Furthermore, even without magnetic torques and even if the envelope of the star 
has been lost, the vigorous mass loss of typical WR stars still carries away lots of 
angular momentum. It has been known for some time that if the magnetic torques 
are negligible, which is to say much weaker than estimated by Spruit (2002), it is 
easy to give GRB progenitors the necessary angular momentum; but then one must 
invoke another mechanism to slow down from 10^^ — 10^^ cm^ s"^ to typical pulsars 
with rotation period > 15ms. 

Woolsey & Heger (2006) considered two ways to solve the problem. The first 
assumes that a fraction of WR stars have a mass loss which is not standard, for 
instance with a decrease of up to a long GRBs are produced at high redshift where 
the metallicity Z is much lower than in the solar system. Under these low metallicity 
conditions it is known that WR stars have a lower mass loss rate. The mass-loss 
rate of metal-deficient WR stars scales closer to Another positive effect ex- 

pected in WR stars with low metallicity is that they should rotate faster (Meynet & 
Maeder 2005). Finally, the mass loss anisotropics by stellar winds influence the loss 
of angular momentum. These anisotropics may result from mass-losses occurring 
predominantly at the poles, and help in reducing the loss of angular momentum 
because the loss of polar mass takes away less angular momentum than isotropic 
mass-loss. As a result, the GRB progenitors might be the few O and B stars with 
high rotational velocity (~ 400km s^^) representing a few percent of this population. 
Moreover, because of the likely dependence of mass loss on metallicity, GRBs will 
be favored in regions of low metallicity. On the other hand, Yoon & Langer (2005) 
showed that the hydrogen envelopes retained due to the weakness of the stellar winds 
at low metallicity may not be a problem, because such low Z stars could become 
helium stars not by ejecting their hydrogen envelopes but burning the hydrogen into 
helium under through chemically homogeneous evolution. For low enough metallic- 
ity, this type of evolution can lead to retention of sufficient angular momentum in 
CO cores in the range from 10 Mq to 40 Mq to produce GRBs according to the 
collapsar scenario. 

Both single-star models by Yoon & Langer (2005) and Woosley & Heger (2006) 
have made strong predictions about the low metallicity requirement of the progen- 
itors. However, observations show that GRBs occur in environments with a range 
of metallicities from 1/lOOth solar to solar. The mean metallicity may be a high as 
1/3-1/2 solar. Although we are unlikely to develop an observation technique that 
will permit a direct metallicity measurement of a GRB progenitor today, we are 
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able to infer the metallicity of gas near the GRB progenitor by a few complemen- 
tary approaches, for examples, by observing absorption line spectroscopy of GRB 
afterglows, or emission-line spectroscopy of H II regions within the GRB host galaxy 
(Fryer et al. 2007). The present set of metallicity measurements from ~ 10 GRB 
afterglow spectra exhibit a large dispersion of values from ^ 1/100 solar (Chen et 
al. 2005) to nearly solar metallicity (Castro et al. 2003) with an average metallicity 
of 1/3-1/2 solar. These observations strong constraint on single-star models. In ad- 
dition to the metallicity observation, the supernovae associated with GRBs that are 
bright enough to be studied in detail are almost Type Ic supernovae until uoamj- If 
this result is universal, most progenitor model must lose not only its hydrogen enve- 
lope but most of its helium envelope as well. The single-star models, which produce 
He-rich (Type II) supernovae, do not fit the existing data of GRB-SN association 
as well. Furthermore, studying the progenitors of Type Ib/c sypernovae may also 
provide some insight into the progenitors of long GRBs. Evidence is growing that 
Type Ib/Ic supernovae preferentially occur in high-metallicity systems. Figure [L3l 
shows the fraction of collapsing stars that form Type II and Tpe Ib/c supernovae 
as a function of metallicity (Heger et al. 2003). Note that single nonrotating stars 
produce Ib/c supernovae only at metallicities above 0.02 solar. But we expect these 
supernovae to have weak shocks and hence every very little nickel. Without the 
high shock temperature and the radioactive nickel to power the light curve, these 
supernovae will be dim. Strong Ib/Ic supernovae are not produced at all until the 
metallicity rises above solar! This conclusion could also be maintained for rapidly 
rotating stars. As a result, the above mentioned argues strongly show that the 
single-star models at low metallicity, cannot explain all the long bursts. As the date 
get better, the limitations on single-star models will become more strict. 

Therefore, we should also consider binary systems as the long GRB progenitors, 
as suggested by Fryer et al. (1999). For many binary progenitor models, the binary 
component is used to remove the hydrogen envelope without the angular momentum 
loss that occurs in wind mass loss. Also, the binary models tend to fit the metal- 
licity constraints well. Several binary progenitors can match the solid observational 
constraints and also have the potential to match the trends that we are currently 



^Thus far, the only five well-observed cases of SNe associated with GRBs or XRFs: SN 
1998bw/GRB 980425, SN 2003dh/GRB 030329, SN 2003w/GRB 031203, SN 2006aj/XRF 060218, 
and SN 2008D/XRF 080109. All of these SNe expect for SN 2008D are of Type Ic. However, XRF 
080109 is much less energetic with i? sa 2 x 10^^ ergs. 
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Figure 1.3: Single-star supernova rate as a fraction of total number of collapsing 
stars as a function of metallicity calculated using the stellar models (Heger et al. 
2003; Fryer et al. 2007). Three classes of Type II SNe in this figure include normal 
Type II SNe (Type II), Type II SNe with weak SN explosions (Type II weak), and 
Type II SNe that have lost most of their hydrogen envelope (Type IIL); and two 
classes of Type Ib/c SNe are normal Ib/c SNe and weak Ib/c SNe. If single stars 
dominate the Ib/c rate, these models predict only weak Type Ib/c SNe below solar 
metallicity. 



Scenario 


Angular Momentum 


Metallicity Trend 


Surrounding 
Environment 


Associated Supernovae 


Classic single 


Low? 


Rate peaks ~ O.IZq 


High wind, Low wind 


H-rich to He-rich 


Mixing single 


Good 


Z < O.IZq 


Low wind 


All He-rich 


Classic binary 


Low? 


RateT Z I 


Tends to low wind 


He-rich, He-poor 


Tidal binary 


Good? 


RateT Z I 


Tends to low wind 


He-rich, He-poor 


Brown merger 


Good? 


RateT Z i 


Tends to low wind 


He-rich, He-poor 


Explosive ejection 


Good? 


RateT Z i 


Shell within 1 pc 


He-poor 


He merger 


High 


RateT Z I 


Tends to low wind 


He-rich, He-poor 


He case C 


Good? 


RateT Z I 


Tends to low wind 


He-rich, more He-poor 


Cluster 


Good? 


RateT Z I 


Tends to low wind 


He- rich? 



Table 1.3: Different scenarios of collapsar progenitors (Fryer et al. 2007) 
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seeing the observations mentioned above. Table fT73l is the list of all the progenitors 
studied and their basic predictions from Fryer et al. (2007). 

1.3.3 Jet Formation, Propagation and Breakout 

In collapsing massive stars, as a consequence of the in-fall into the black hole of the 
matter which was initially situated along the rotational axis and of the stagnation 
of matter in the equatorial disk, a favorable geometry for jet outflow develops. 
Energy is dissipated in the disk around a black hole by neutron annihilation or MHD 
processes such as Blandford-Znajek (BZ) process, which can power polar outflows, 
relativistically expanding bubbles of radiation, and pairs and baryons focused by 
density and pressure gradients into jets. 

McFadyen & Woosley (1999) showed that for a reasonable but optimistic val- 
ues, the total neutrino energy emitted by the disk during 20s of accretion process is 
3 X 10^^ ergs, and the total energy deposited by neutrino annihilation was 1.4 x 10^^ 
ergs. For less optimistic assumptions regarding, the initial Kerr parameter and the 
neutrino transport, the emitted energy was as low as 1.4 x 10^^ ergs and the de- 
posited energy < 1 x 10^^ ergs. But these numbers are obtained for the particular 
model considered by the authors. A typical factor-of-10 uncertainty can be due to 
the sensitivity of the model to the accretion rate and to the Kerr parameter charac- 
terizing the initial angular momentum of the black hole, but also to the uncertainty 
in the neutrino efficiencies. The neutrino annihilation efficiencies will be discussed 
in §2.7. more detailed. Anyway, after a fraction of a second, the energy to mass 
ration in these jets became very large < 10^^ ergs s~^, corresponding to a large 
asymptotic relativistic Lorentz factor. The problem of "baryonic contamination" is 
circumvented because the energy deposition blows a bubble of low density. Momen- 
tum and energy from the annihilating neutrinos continues to be deposited in this 
bubble even as the baryon fraction becomes small. The pressure gradient in the 
bubble has a component pointing away from the polar axis that tends to exclude 
gas from the polar region. This energy is naturally directed outward along the axis. 
However, lacking a full special relativistic calculation of the entire event, the jet 
propagation cannot be accurately determined in MacFadyen & Woosley (1999). 

The propagation of relativistic jet through the collapsing rotating massive star 
were studied by Aloy et al. (2000), Zhang et al. (2003, 2004). They did not discuss 
how jet form during the collapse process, but focus on its propagation. Aloy et 
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al. (1999) have recalculated the 14 Mq collapsar model of MacFadyen & Woosley, 
using a 3-D and fully relativistic code. The relativistic jet forms as a consequence 
of an assumed energy deposition (10^° — 10^^ ergs s~^) within a 30° cone around the 
rotation axis. The jet flow is strongly beamed (few degrees) spatially inhomogeneous 
and time-dependent. The jet is able to reach the surface of the stellar progenitor 
(typically i? ~ 3 x 10^° cm) intact. At breakout, the Lorentz factor of the jet reaches 
r ~ 33. After breakout the jet accelerates into the circumstellar medium, whose 
density is assumed to decrease exponentially and then become constant, pcxt = 10"^ 
g cm~^. Outside the star, the flow begins to expand laterally also (f ~ c), but the 
beam remains very well collimated. At a distance of 2.54 i?*, where the simulation 
ends, about 2s after shock breakout, the Lorentz factor has increased to r=44 in 
the core of the jet which is now highly collimated (~ 1°). At that time the jet has 
reached 7.5 x 10^° cm, which is 10^ to 10"^ smaller than the distance at which the 
fireball becomes optically thin, and the values of Lorentz factor T are still far from 
those required for the fireball model. 

Zhang, Woosley k MacFadyen (2003) and Zhang, Woosley & Heger (2004) 
go farther in the jet-stellar envelope interaction simulations. While the simulation 
stops when the bulk Lorentz factor F reaches 44 in the work of Aloy et al. (2000), 
Zhang, Woosley & MacFadyen (2003) picked up the calculation when the jet, which 
presumably began in a region ~ 30 km in size, has already reaches a radius of 
2000 km and do not consider what has gone on inside. Each jet is parameterized 
by a radius where it is introduced and by its initial Lorentz factor, opening angle, 
power, and internal energy. In agreement with Aloy et al. (2000), Zhang, Woosley 
& MacFadyen (2003) found that relativistic jets are collimated by their passage 
through the stellar mantle. Starting with an initial half-angle of up to 20°, they 
emerge with half-angles that, though variable with time, are around 5°. Interaction 
of these jets with the star and their own cocoons also causes mixing that sporadically 
decelerates the fiow. The mixing instabilities along the beams surface is chiefiy 
responsible for the variable Lorentz factor needed in the internal shock model and 
for the complex light arrives in many GRBs. Moreover, the jet is shocked deep inside 
the star following a brief period of adiabatic expansion; and this shock converts most 
of the jet's kinetic energy into internal energy. Eventually, the jet accelerates and 
breaks free of the star with very large internal energy. Conversion of the remaining 
internal energy gives terminal Lorentz factors along the axis of ~ 100 — 200. Table 
11.41 list the jet models of Zhang, Woosley & MacFayden (2003) with different initial 
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Model 




01 


-pc 


fd 

JO 




(xlO^"*^ ergs s^^) 


fdeg) 






JA 


1.0 


20 


50 


0.33 


JB 


1.0 


5 


50 


0.33 


JC 


0.3 


10 


5 


0.025 


Wl 


0.8 


3 


10 


0.06 


W2 


0.8 


3 


50 


0.33 



Table 1.4: Parameterized initial conditions for jet propagation inside a star from 
radius ^ 2000 km (JA, JB, JC) and in the stellar wind after breakout (Wl, W2) 
from Zhang, Woosley & MacFayden (1999): " Energy deposition rate for each jet; 
^ Initial half-angle; Initial Lorentz factor; Initial ratio of kinetic energy to total 
energy, which excludes the rest mass. They did not consider the process of jet 
formation 

parameters. Jet propagations is studied in two steps, inside the star and in the stellar 
wind environment after breakout. Both steps the jet is specified by six parameters 
as shown in Table [L4l Figure [L4l and Figure [TTSb how the selected calculation results 
(JA & Wl) of bulk Lorentz factor from these models. Because of the large radio of 
internal to kinetic energy in both the jet (> 80%) and its cocoon, the opening angle 
of the final jets after breakout is significant greater than at breakout. Figure fT75l is 
an example of Lorentz factor at t=10 and t=35 after the jets break out of the star 
and propagate in the star wind. A small amount of material emerges at large angles, 
with a Lorentz factor still sufficiently large to make a weak GRB. This suggests a 
unified scenario which can explain various types of high-energy transients from X- 
ray hashes to classic GRBs, depending on the angle at which at standard collapsar is 
observed. Later Zhang, Woosley & Heger (2004) used new 2-D and 3-D simulations 
to further studied the relativistic jet propagation and breakout in massive WR stars 
and improved their former results. The highly relativistic jets are (3° — 5°, F > 100) 
is surrounded by a cocoon with moderately relativistic ejecta (F ~ 15) that expands 
and become visible at large polar angles (~ 10°). As a results, XRFs and GRBs 
should be different expressions of the sam basic phenomenon from collapsars. 

Another way to produced 7-ray and X-ray transients related with cocoon was 
proposed by Meszaros & Rees (2001) and Ramirez-Ruiz, Celotti & Rees (2002). 
Most of the energy output during the period that the jet through the stellar core 
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Figure 1.4: Density structure in the local rest frame for model JA at (a) t=2.1 s 
and (b) 7.2 s. In (a), only the central region of the star is shown. The radius of the 
star is 8 X 10^° cm (Zhang, Woosley, MacFadyen 2003). 
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Figure 1.5: Bulk Lorentz factor for model Wl at (a) t=10 s and (b) t=35 s after 
the jets start to propagate in the stellar wind. The initial opening angle is 3°. At 
t=35 s, the opening angle is ~ 15°. Because the power and Lorentz factor decrease 
gradually after 10 s, the tail of the jet has much more lateral expansion (Zhang, 
Woosley, MacFadyen 2003). 
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goes in a cocoon of relativistic plasma surrounding the jet. This cocoon material 
subsequently forms a bubble of magnetized plasma that takes several hours to ex- 
pand, subrelativistically, through the envelope of a massive star. Meszaros k. Rees 
(2001) showed that the shock waves and magnetic dissipation in the escaping bubble 
can contribute a nonthermal UV/X-ray afterglow, and also excite Fe line emission 
from thermal gas, in additional to the standard jet deceleration power-law afterglow. 
Ramirez-Ruiz et al. (2002) also discussed that a rebrightening caused by the co- 
coon photospheric emission might appear with energy greater than 10^'^ ergs. If the 
relativistic jet cames less energy and inertia than the cocoon plasma itself, it will 
start to decelerate at a smaller radius than the collimated cocoon fireball, and the 
afterglow would be dominated by the emission of the cocoon material. On the other 
hand, if the jet produced by the accretion maintains its energy for much longer than 
it takes the jet head to reach the surface of the helium envelope, the relativistic jet 
is likely to contain substantially more energy than the off-axis cocoon material. 

Besides jet and cocoon's propagation and breakout, in Nagataki et al. (2007) 
and Nagataki (2009), jet formation process in collapsars is studied. Nagataki et al. 
(2007) investigated the dynamics of collapsar using 2-D MHD simulations (Newto- 
nian ZEUS-2D code) that generates a jet, taking account of realistic equation of 
state (contribution of electrons, positrons, radiation and ideal gas of nuclei), neu- 
trino cooling and heating processes, magnetic fields, and gravitational force from the 
central black hole and self-gravity. It is founded that neutrino heating processes {uu 
pair annihilation and i^gPg captures on free nucleons) are not so efficient to launch 
a jet in the Newtonian scenario. On the other hand, a jet could be launched by i?^ 
fields that are amplified by the winding-up effect. However, Tagataki et al. (2007) 
showed that the radio of total energy relative to the rest mass energy in the jet at the 
final stage of simulations suggest the bulk Lorentz factor of the jet V will not reach to 
as several hundreds, therefore the jet will not be a GRB jet. Later Tagataki (2009) 
developed a 2-D general relativistic MHD (GRMHD) code to further investigate the 
formation of relativistic jets from a collapsar. He adopted a model from Woosley & 
Heger (2006), which corresponds to a 12 Mq star initially with 1% of solar metal- 
licity and relatively large iron core of 1.82 Mq. Effects of magnetic fields are taken 
into account with the vector potential oc max(p/pniax — 0.2, 0)sin^6', where pmax 
is the peak density in the progenitor. This magnetic structure is initially introduced 
in Fishbone-Moncrief's solution with magnetic fields (Gammie et al. 2003). On the 
other hand, he did not consider the neutrino emission and heating processes. Based 
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Figure 1.6: Contour of the plasma P (Pgas/Pmag) at t = 1.773 s in logarithmic scale 
(Nagataki 2009). 



on these considerations, it is shown that a jet is launched from the center of the pro- 
genitor. Figure [L6l shows the contours of the plasma /3(= Pgas/Pmag) in logarithms 
scale at t = 1.773 s. The plasma /5 is low in the jet region but high in the accretion 
disk region. The jet is a Poynting flux jet surrounded by a funnel- wall jet. However, 
even at the final stage of the simulation with a time evolution of 1.773 s, the bulk 
Lorentz factor of the jet is still low, and the total energy of the jet is as small as 
~ 10^^ ergs. Since the energy fiux per unit rest-mass flux is ~ 100 at the bottom of 
the jet, Tagataki (2009) suggested it is still possible the jet Lorentz factor to be high 
enough when it propagates outwards. Also, a long duration of the collapsar activity 
could still make the total energy of jet large enough to ~ 10^° — lO^'^ ergs. Moreover, 
in this GRMHD simulations, jet is launched mainly by the magnetic field amplified 
by the gravitational collapse and differential rotation around the black hole, rather 
than the Blandford-Znajek mechanism. Therefore, more detailed simulations with a 
time evolution ~ 10 s should be operated for determining the jet formation scenario. 
On the other hand, it is interesting to describe the collapsar model as an entire con- 
sistent scenario from the progenitor to the jet and cocoon breakout. What is the role 
played by magnetic fields in angular momentum transportation and jet formation 
and propagation? As Tagataki (2009) studied Poynting fiux jet rather than baryonic 
jet, it is still interesting to simulate the propagation of such magnetized jets. 
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GRB/SN 


z 


EiBo(7) 


Esjv 


M(56Ni) 


SN type 


References 






(lO'^s ergs) 


(10^2 ergs) 


(A^o) 






980425/1998bw 


0.0085 


0.06-0.08 


2-3 


0.5-0.7 


Ic-BL 


Iwamoto et al. (1998) 


030329/2003dh 


0.1685 


1070 


2-5 


0.3-0.55 


Ic-BL 


Stanek et al. (2003), Mazzali et al. (2003), etc 


031203/20031W 


0.1005 


2.94±0.11 


2-3 


0.5-0.7 


Ibc-BL 


Malesani et al. (2004), Gal- Yam et al. (2004), etc. 


060218/2006aj 


0.03,35 


5.9±0.3 


0.025 


0.2±0.04 


Ic 


Soderberg et al. (2006b), Mazzali et al. (2006) 


080109/2008D 


0.00649 


~ 0.002 


0.3-0.6 


0.05-0.1 


lb 


Soderberg et al. (2008), Mazzali et al. (2008) 



Table 1.5: Physical Properties of confirmed GRB-SNe association events up to 2008. 
1.3.4 GRB-SNe Association 

GRB-SN (XRF-SN) association greatly show the linking between the GRBs and 
the collapse of massive stars in star formation regions. Woosley & Bloom (2006) 
reviewed the evidence for and theoretical implications of this assocation detaile(£. 
As GRB-SN association is one of the key evidence to support the collapsar model, 
I also give a brief review in this section. 

There are at least five examples of GRB-SN or XRF-SN association had been 
confirmed spectroscopically. Table fTTSl gives the properties of these GRB(XRF)-SN 
events. The first case of GRB-SN association was GRB 980425, which has been asso- 
ciated with SN 1998 bw. GRB 980425 triggered detectors on broad both BeppoSAX 
and BATSE (Kippen, 1998). At high energies, it was seemingly unremarkable (Kip- 
pen 1998; Galama et al. 1998) with a typical soft spectrum (-Epcak ~ ISOkeV) and 
moderate duration (AT f»23 s). GRB 980425 arose from the redshift z = 0.085 
galaxy, and has -R^,iso = 8.5 ± 0.1 x lO''^ ergs if assuming isotropic emission. This 
energy is more than three orders of magnitude fainter than the majority of long- 
duration GRBs. Any collimation would imply an even smaller energy release in 
GRBs. The evolution of SN 1998bw was unusually at all wavelengths. The discov- 
ery of prompt radio emission just a few days after the GRB (Kulkarni et al. 1998, 
see Figure ** in detail) was novel. Almost irrespective of modeling assumptions, 
the rapid rise of radio emission from SN 1998bw showed that the time of the SN 
explosion was the same as the GRB to about one day. The brightness temperature 
several days after the GRB suggested the radio photosphere moved relativistically 
with r > 3. The total supernova kinetic energy is as large as ~ 2 — 5 x 10^^ ergs 
more than ten times the previous know energy of supernova. So the explosion is 



^However, their review was written before the discovery of XRF 060218/SN 2006aj and XRF 
080109/SN 2008D. 
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called a 'hypernova'. Such a C+O star is the stripped core of a very massive star 
that has lost both of its hydrogen and helium envelopes. 

The first truly solid evidence for a association between ordinary GRBs and 
SNe came with the detection of the low-redshift {z = 0.1685, Greiner et al. 2003) 
GRB 030329 and its associated supernova, SN 2003dh. Shortly after its discovery 
(the brightest burst HETE-2 ever saw), the afterglow of the GRB was very bright 
{R ~ 13mag). If faded slowly, undergoing several major rebrightening events in the 
first few days (Burenin et al., 2003; Greiner et al. 2003, etc.). Given the low redshift, 
several spectroscopic campaigns were initiated. Spectra of the afterglow, 6.6 and 7.7 
days after the GRB, showed a deviation from a pure power-law and the mergence of 
broad SN spectral feature. Figure [T771 shows the evolution of the GRB 030329/Sn 
2003dh spectrum from Stanek et al. (2003). Spectrapolarimetric observations at 
later times showed that the SN light was somewhat polarized {P < 1%) indicating 
mild asymmetry in the subrelativistic ejecta. Given the broad spectral features, 
indicating high velocities (> 250000km s"^; Stanek et al. 2003), and apparent 
absence of hydrogen, helium and strong Si II A6355 absorption, a classification as 
Type Ic-BL was natural. 

The association of XRF 080109 with SN 2008D is the first GRB-SN event 
which shows a Type lb supernova. The unabsorbed peak X-ray luminosity of XRF 
080109 (or called X-ray outburst by Soderberg et al. 2008) is Lx,p ~ 6.1 x lO'^^ergs 
s~^ which the fiuence is /x ~ 2 x lO^^ergs (Soderberg et al. 2008). The peak 
luminosity of the XRF(XRO) is about 2 orders of magnitude brighter than ULX 
outbursts, and about 3 orders of magnitude brighter than Type I X-ray bursts, which 
additionally have blackbody spectra. In comparison to other GRBs/XRFs, the value 
of Ex is about three orders of magnitude lower. Therefore, the properties of XRF 
080109 are distinct from those of all know X-ray transients. These properties can be 
explained as the breakout of the supernova shock through a dense wind surrounding 
the compact (~ 10^^ cm) progenitor star. Moreover, SN 2008D also showed several 
unusual features including (i) an early narrow optical peak (ii) disappearance of the 
broad lines typical of SN Ic hypernovae and (iii) development of helium lines as in 
SN lb (Mazzali et al. 2008). Detailed analysis shows that SN 2008D was not a 
normal supernova. Its explosion energy E ^ 6 x lO^^ergs and ejected mass ~ 7Mq 
are intermediate between normal SNe Ibc and hypernovae. SN 2008D is probably 
among the weakest explosions that produce relativistic jets. 

Besides the above examples showed in Table 11.51 there are other GRBs whose 
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Figure 1.7: l/§Evolution of the GRB 03029/SN 2003 spectrum, from April 1.13 UT 
(2.64 days after the burst) to April 8.13 UT (9.64 days after the burst). The early 
spectra consist of a power-law continuum with narrow emission lines originating 
from H II regions in the host galaxy at a 2; = 0.168. Spectra taken after April 5 
show the development of broad peaks in the spectra characteristic of a supernova 
(Stanek et al. 2003). 
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Figure 1.8: An "optical bump" on the afterglow of GRB 980326 (Bloom et al. 1999). 
Models of SN 1998 bw at different redshifts are shown. 

late-time deviations from the power-law decline typically observed for optical af- 
terglows have been seen in a number of cases, and these bumps in the light curves 
have been interpreted as evidence of supernovae. A report of a red emission "bump" 
following GRB 980326 (Bloom & Kulkarni, 1999), was interpreted as due to a co- 
incident SN at about a redshift of unity (see Figure [L8l) . Without a spectroscopic 
redshift for GRB 980326 and multi-band photometry around the peak of the bump, 
the absolute peak brightness and type of the purported SN could not be known. The 
available date were also consistent with a dust echo (Esin & Blandford, 2000), or 
dust re-radiation (Waxman & Draine, 2000) from material surrounding the GRB. A 
subsequent reanalysis of the afterglow of GRB 970228 revealed evidence for a bump 
which appeared to be the same absolute magnitude as SN 1998bw with similar rise 
time (Reichart, 1999; Galama et al. 2000). Similar reports of bumps were made 
(Sahu et al., 2000; Frucher et al., 2000; Bjornsson et al., 2001; Lazzati et al., 2001; 
Castro-Tirado et al., 2001; Sokolov, 2001; Berger et al., 2001; Gorosabel et al., 2005; 
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GRB/SN 


z 


Peak 


peak 


SN likeness 


References 






fmagl 

L oj 


fdayl 

L J J 


designation) 




XRF 020903 


0.25 


Mv = -18.6 ± 0.5 


- 15 


Ic-BL 


Soderberg et al. (2005) 


GRB 011121/2001dk 


0.365 


My=-18.5 to -19.6 


12-14 


I(IIn?) 


Bloom et al. (2002), etc. 


GRB 050525a 


0.606 


Mv w -18.8 


12 




Delia Valle et al. (2006) 


GRB 021211/20021t 


1.00 


Mv = -18.4 to -19.2 


- 14 


Ic 


Delia Valle et al. (2004) 


GRB 970228 


0.695 


Mv 19.2 


- 17 




Galama et al. (2000) 


XRR 041006 


0.716 


Mv =-18.8 to -19.5 


16-20 




Stanek et al. (2005), etc. 


XRR 040924 


0.859 


Mv = -17.6 


- 11 




Soderberg et al. (2006a) 


GRB 020405 


0.695 


Mv -18.7 


- 17 




Price et al. (2003) 



Table 1.6: Properties of good candidate SNe associated with GRBs, X-Ray Flashes, 
and X-Ray Rich GRBs, up to mid 2005 (Woosley & Bloom 2006). 

Masetti et al., 2005), but mone as significant and with as clear cut association to 
SNe as GRB 980326 and GRB 970228. 

Concerted multi-epoch ground-based and space-based observing campaigns fol- 
lowing several GRBs strengthened the notation that late-time bumps were indeed 
SNe. For example, the SN Of GRB 011121 showed a spectral rollover during peak 
around 4000A, nominally expected of core-collapse SNe in the photospheric phase. 
Garnavich et al. (2003) showed evidence that the brightness and color evolution 
resembled 1998S and Type Iln; on the other hand. Bloom et al. (2002) showed con- 
sistency with a Ic-like curve interpolated between the faint and fast 19941 and the 
bright and slow 1998bw. Zeh et al. (2004) published an important photometric study 
of bumps in GRBs, fitting 21 of the best sampled afterglows and finding evidence of 
9 bumps. Statistically significant evidence for bumps are found in 4 GRB afterglows 
(990712, 991208, 011121, and 020405) while 5 have marginal significance (970228, 
980703, 000911, 010921, and 021211). All of these GRBs had bumps claimed prior 
to the Zeh analysis. Zeh et al. (2004) emphasize that all GRBs with z < 0.7 appear 
to have bumps, which of course, would be expected if all long-duration GRBs have 
associated SNe. However, bump detection does not necessarily imply a SN detec- 
tion. There are, in fact, important cases where multi-band photometry has curves 
of GRB990712 and XRF 030723, for example, do not appear consistent with a su- 
pernova. Table 11.61 shows the properties of good candidate supernovae associated 
with GRBs, XRFs and XRR (X-ray rich GRBs) up to 2005. 

The collapsar model suggested the supernova and the GRB derive their energies 
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from different sources. The supernova, and the ^^Ni to make it bright, are produced 
by a disk "wind" (MacFadyen & Woosley, 1999; Kohri et al. 2005). This wind is 
subrelativistic with a speed comparable to the escape velocity of the inner disk, or 
about 0.1c. On the other hand, Nagataki et al. (2006) studied that ^^Ni produced 
in the jet of the collapsar is not sufficiently to explain the observed amount of a 
hypernova when the duration of the explosion is ~10 s, which is considered to be 
the typical timescale of explosion in the collapsar model. This result also suggest 
that the sufficient ^^Ni is provided from the accretion disk outflow. 

We should keep in mind there are at least some GRBs do not have associated 
supernovae. Woosley k. Bloom (2006) discussed some extrinsic biases which against 
detecting the associated SNe: for example, poor localizations of bursts from their 
afterglows dramatically hamper the ability for large aperture telescope to discover 
emerging SNe; fainter SNe are expected from bursts that occur near the line-of-sight 
through the Galaxy, or in especially extinction-riddled regions of their host, which 
diminished the sensitivity of the supernova observations; the host galaxies of GRBs 
may still contaminate the light of GRB SNe at late times. However, Fynbo et al. 
(2006) and Watson et al. (2007) discussed that no supernova emission associated 
the two nearby long-duration bursts 060505 at 2=0.089 and 060614 at z=0.125, 
otherwise the associated supernovae should down to limits hundered of times fainter 
than the archetypal SN 1998bw, and fainter than any type Ic SN ever observed. 
Since the luminosity of a SN is roughly proportional to the total amount of ^^Ni 
produced in the explosion it would mean that some GRBs produced very little ^^Ni 
(< O.OOTMq). This would be explained as the case for Type II collapsar (Fryer, 
Young, & Hungerford 2006); or it is possible that such GRBs without SNe are from 
low-mass, long-lived progenitors which might be similar to those producing short 
GRBs. 

1.4 Progenitor II: Merges of Compact Stars 
1.4.1 Binary Evolution and Mergers Rate 

Mergers of compact objects as the sources of short-hard GRBs have been studied for 
years (Paczynski 1986, 1990; Eichler et al. 1989). In the collapsar model, which is a 
good candidate for long-duration GRBs, a spinning black hole with a accretion disk 
is formed. Mergers of compact objects can also lead to the formation of a stellar- 
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mass black hole. The black hole would be unable to swallow the large amount 
of angular momentum present in the binary system. The debris from the tidally 
disrupted compact object forms a transient accretion disk or tours, and ultimately 
falls into the black hole and release a fraction of the gravitational binding energy. 
This hyperaccreting disk scenario is similar to the central engine suggested for long 
GRBs, and naturally explain the similarity between these two phenomena. 

Compact objects related to short-hard GRBs can be classified to several types: 
neutron stars (NS-NS) mergers, black hole-neutron star (BH-NS) mergers, black 
hole helium star (BH-He) mergers, black hole white dwarf (BH-WD) mergers and 
merging white dwarfs binary (WD-WD). The binaries formation scenario always 
begins with two massive stars, which evolve to different types of binaries. Here we 
provides various scenarios for forming NS/NS, BH/NS and BH/He based on the 
review by Fryer, Woosley & Hartmann (1999)If . 

NS/NS Scenarios 

• Scenario NS/NS-a: "Standard" double NS formation scenario. The more 
massive star (primary) evolves off the main sequence, overfills its Roche lobe, 
and transfers mass to its companions. The primary then evolves to the end 
of its life, forms a NS in a SN explosion. Next this system passes through an 
X-ray binary phase, which then evolves through a common envelops phases in 
the standard model. The neutron star spirals into the massive companion and 
forms a NS/BH binary, which finally evolves to a close NS/NS binary, after 
the explosion of the helium star. 

However, farther calculations reveal that, during the common envelope phase, 
the NS accretes at the Bondi-Hoyle rate and collapse to form a black hole 
(Chevalier 1993, 1996; Brown 1995; Bethe & Brown 1998; etc.). As a result, 
this "standard" scenario for NS/Ns systems may in fact form BH/NS binaries. 

• Scenario NS/NS-b: "Brown" mechanism for NS/NS binaries (Brwon 1995). 
The initial binary system is comprised of two massive stars of nearly equal 
mass. The secondary evolves off the main sequence before the explosion of 
the primary as a supernova. The two stars then enter a common envelope 
phase with two helium cores orbiting within one combined hydrogen envelope. 
After the hydrogen envelope is ejected, first one helium star, then the other, 

^In my paper I use NS-NS, BH-NS and BH-WD to mention tiie merger processes, wliile NS/NS, 
BH/NS and BH/He to mention ttie binary systems before mergers. 
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Figure 1.9: Two Scenarios NS/NS-b, NS/NS-c for neutron star binary formation 
from Fryer, Woosley and Hartmann (1999). Scenario NS/NS-a, which evolves 
through the common envelope phase, is unlike to form NS/NS binary system (Bethe 
& Brown 1998). 
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explodes, if the kicks kicks imparted to the NSs during the supernova explosion 
do not disrupt the binary, a NS/SN system can form. 

• Scenario NS/NS-c: Kick scenario for double NS binaries. The system avoids 
any common envelope phase but requires that the NS formed in the explosion 
of the secondary receive a kick that places it into an orbit that will allow 
the two NSs to merge within a Hubble time. However, to aviod a common 
envelope phase, the presupernova orbital separation must be > lAU. The 
range of kick magnitudes and directions that will produce a small orbit. This 
case is probably rare compared to other scenarios. 

Figure [L9l shows the scenarios to form NS/NS binary systems. 
BH/NS Scenarios 

• Scenario BH/NS-a: "Standard" BH/NS binary formation scenario. The pri- 
mary, with a mass greater than the limit for black hole from fallback Mbh ~ 
25Mq, evolves off the main sequence, overfill its Roche lobe, and transfers mass 
to its companion. After the end of its life, the primary forms a BH, and pos- 
sibly, a supernova explosion. Then a binary consisting of a BH and a massive 
star passes through an X-ray binary phase if this system does not suffer from 
large kicks. Next the binary system evolves through a common envelope, and 
the BH spiral into the massive secondary and ejects the secondary's hydrogen 
envelope. The BH/NS binary finally forms after the secondary's supernova 
explosion. 

• Scenario BH/NS-b: This scenario is similar to the NS/NS-a scenario. The 
neutron star gains too much matter during common envelop phase and col- 
lapses into a BH. This formation scenario produces a binary consisting of a 
low-mass BH (~ 3Mq) and a NS. 

• Scenario BH/NS-c: Kick scenario for BH/NS binaries. Just as with the NS/NS 
system, a BH/NS binary can form under a third mechanism, avoiding any 
common envelope evolution for appropriate kick magnitudes and directions. 
However, as the NS/NS kick formation scenario, the probability of this kick 
scenario is somewhat rare. 



BH/WD Scenarios 
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• As WD/BH binary merge, the white dwarf is tidally disrupted and most of 
its matter is converted into an accretion disk around the BH. The accretion 
of this disk matter onto the BH may drive a GRB. The energy from neutrino 
annihilation process is neghgible for most cases in WD-BH megers (Popham 
et al. 1999). The timescale of accretion for disk formed in BH-WD mergers is 
in the range of long-duration GRBs, but the rate of BH-WD merger is even 
lower than NS-NS and BH-NS mergers. Therefore, BH/WD mergers are not 
likely to be the leading causes of most GRBs. BH/WD binary may begin with 
a binary consisting of a primary with mass great than Mbh mentioned above 
and a low-mass (< lOAfo) companion, or it can also from neutron star system 
with low-mass (< IOMq) companions scenario. 

Table 11.71 provides a list of various rate estimates for some of these possible 
short-hard GRBs progenitors based on the review Lee & Ramirez-Ruiz (2007), and 
compared them to the rate of SNe events. However, there are many factors to 
cause the uncertain of these rates, such as the supernova kicks, the mass ratio 
distribution in binaries, mass limit for BH formation, stellar radii and common 
envelope evolution and so on (e.g. Fryer et al. 1999; Clark et al. 1979; Lipunov et 
al. 1987; Phinney 1991; Tutukov e& Yungelson 1993; Lipunov et al. 1995; Bloom 
et al. 1999; Belczynski et al. 2001, 2002, 2006). 

The mergers rate and typical lifetime of NS/NS binaries are estimated based on 
the observed system in our Galaxy or theoretical population synthesis. The current 
detection of NS/NS binaries in our Galaxy depends on at least one of the companions 
being a recycle pulsar. The sample of observed NS/NS binaries is still small today. 
We have only three NS/NS binaries examples: PRS B1913+16, PSR B1934+12 and 
PSR J0737-3039. The first calculations of the Galactic NS-NS merger rate, which 
were based on two systems (PRS B1913+16 & PSR B1934+12), showed the rate is 
between 10"^ to 10^^ per yr per galaxy (Phinney 1991; Narayan, Piran & Shemi 
1991). The discovery of the relativistic third binary pulsar PSR J0737-3039 makes 
the Galactic mergers rate increased to 1.7 x 10"^ — 2.9 x 10~^yr^^ at 95% confidence 
and the local universe mergers rate to be 200-3000 Gpc"^ yr"^ (Kalogera et al. 2004). 
On the other hand, population synthesis showed the NS-NS mergers rate span over 
two orders of magnitude, which include the range inferred from observed Galactic 
binaries. Bethe & Brown (1998) suggested that the productions and mergers rate 
of low-mass BH and NS should be an order of magnitudes greater than NS-NS 
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Progenitor Rate {z = 0) 

NS-NS 1-800 

BH-NS 0.1-1000 

BH-WD 0.01-1000 

BH-He ~ 1000 

NS AIC 0.1-100 

WD-WD 3000 

SN Ib/c 60000 

SN la 150000 

SGRBs 10(47r/fi) 

Table 1.7: Estimated progenitors of SGRBs and their plausible rates in yr~^ Gpc"'^. 
The rates for these various occurrences are plauged by a variety of uncertainties in 
many aspects. The observed rates of Type (la+Ib/c) events given here provide a 
generous upper limit (Lee & Ramirez-Ruiz, 2007). 



mergers. They carried a assumption that the semimajor axes of binaries of heavy 
main sequence stars are distributed as da/ a, and that this distribution extends out 
to a = 2 X lO^km, or to orbital periods as long as 100 days. 

The rate of BH-NS mergers could only be evaluated via population synthesis. 
Bethe & Brown (1998) concluded the BH-NS mergers rate is ~ 10""^ yr^^ galaxy"^, 
which was in a factor of ~ 10 more merging than the commonly though before 
them (~ 10~^ yr~^ galaxy"^). Evaluating the fraction of binaries that survive both 
supernovae is important to an upper limit on the local rate of compact objects 
mergers. However, this fraction depends mostly on the distribution of the supernova 
kick velocity, which is not well constrained. According to the review of short-hard 
GRBs (SGRBs) by Nakar (2007), the upper limit on the local rate of short-lived 
NS-NS and NS-BH binaries (r < 1 Gyr) mergers is ~ 1000 Gpc^'^ yr^^ (Cappellaro 
et al. 1999), and an upper limit of 10"^ Gpc^'^ yr~^ on the local mergers rate of 
long-lived binaries (r > 4 Gyr) could be obtained by relating it to the rate of core- 
collapse SNe at redshift 0.7 (Dahlen et al. 2004). While the current observations 
point toward a lift time of progenitors of SGRBs is dominated by several Gyr old, 
the upper limit of the SGRBs must be ~ 10"^ Gpc~^ yr^^ if they are the results of 
mergers of compact binaries. On the other hand, the observed BATSE local rate of 
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SGRBs is ~ 10 yr-^ (Nakar, Gal- Yam & Fox 2006), then the SGRBs rate 

due to mergers must be in the range (Nakar 2007) 

10 < 'iisGRB=merger < 10^GpC-=^yr-\ (1.2) 

and the actual SGRBs local rate may be evaluated as (Nakar, Gal- Yam & Fox 2006) 

^SGRB^W^'ijJ^^^) 'gpC-V-\ (1.3) 

yiO^^ergs/s/ 

where /^~^ is the beaming factor (the fraction of the total solid angle into which 
the prompt 7-rays are emitted) with 1 ^ /& < 100, L^i^i is the lower cutoff of the 
luminosity function {(f){L) oc L^^, L > L^i^^). 

Several groups of researchers have estimated the progenitor lifetime of SGRBs 
directly based on their host galaxy types, and showed that their lifetime is about 
several Gyr. Zheng & Ramirez-Ruiz (2007) considered that the constraints of the 
SGRB progenitors lifetime can be derived from separating the host galaxies into 
early and late types. The convolution of the split star formation history and a give 
lifetime distribution predicts the fraction of short-hard GRBs in each host type. 
Zheng & Ramirez-Ruiz (2007) suggested at least half of the short GRB progenitors 
that can outburst within a Hubble time have lifetimes greater than 7 Gyr. Gal- Yam 
et al. (2008) analyzed new and archival observation of the fields of well-located IPN 
SGRBs. They compared the distribution of SGRBs host types to that of Type la 
SNe. SGRBs apparently occur in host galaxies of all types, as do SNe la. However, 
compared to SNe la, SGRBs appear to favor earlier type hosts. Even if the shorter 
values derived for the typical Sn la delay time is adopted (~ 1 Gyr) , the progenitors 
appear to require a larger delay time, of order several Gry old. 

On the other hand, the observed NS/NS systems in our Galaxy represent a 
population with a typical lifetime of ~ 100 Myr. A binary with total mass IOMiMq 
mass radio Qm and period Pd in a nearly circular orbit will merge in 

r = 1 X 10^P^/'m-'^\i + QM)il + l/gA/)yr (1.4) 

Therefore for a merger to occur with a Hubble time, spiral-in most have reduced to 
orbital period to < 1 day. The merger rate derived based on the observed Galactic 
sources is dominated by PSR 0737-3039 (Nakar 2007), which has a period of 2.4 
hours and will merge in about 85 Myr (Burgay et al. 2003). Therefore, this method 
predict that the lifetime distribution of NS/NS binaries is dominated by short- 
lived systems ^ 1 Gyr. Since both the observed SGRB sample and the Galactic 
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NS.NS sample are small today, it is somewhat early to make a determined conclusion 
about the lifetime of short GRBs and Galactic NS/NS systems. However, if further 
observations support the result that the observed Galactic binaries are representative 
of the cosmological NS/NS population, and most short GRBs are actual as old as 
several Gyr, then the candidates of progenitors for most short GRBs should only be 
BH/NS rather than NS/NS binaries. 

1.4.2 NS-NS Merger Simulations 

We followed Nakar (2006) and Lee & Ramirez-Ruiz (2007) to review the NS-NS and 
BH-NS merger simulations in §1.4.2 and §1.4.3. Moreover, we also discuss the recent 
NS-NS and BH-NS simulation results after 2007. 

The numerical studies of merging binaries began in the 1980s and 1990s, with 
computations of the gravitational wave emission and determinations of the stabil- 
ity and dynamics of the system at separations comparable with the stellar radius 
under various simplifying approximation (Oohara & Nakamura 1989, 1990, 1992; 
Nakamura & Oohara 1989, 1991; Zhuge et al. 1994, 1996; Shibata et al. 1992, 1993; 
Shibata 1997; Wilson et al. 1996; Marronett et al. 1998; Mathews et al. 2000; etc.). 
The thermodynamical evolution of the fluid during mergers, with the potential for 
electromagnetic energy release and GRBs was also considered by various groups 
(Davies et al. 1994; Janka et al. 1996; Ruffert et al. 1996, 1997, 2001; Rosswog et 
al. 2003). These studies used Newtonian or Post-Newtonian gravity with additional 
terms included in the equation so motion to mimic gravitational radiation reaction 
by various methods such as Lagrangian Smooth Particle Hydrodynamics (SPH) and 
Eulerian Piecewise Parabolic Method (PPM). 

For double NSs, synchronization during spiral-in is impossible because the vis- 
cosity in neutron star matter is too small (Kochanek 1992) and so they merge with 
spin frequencies close to zero compared with the orbital frequency (i.e., irrotational 
case). Contact occurs at subsonic velocities and a shear larger then develops at 
the interface. Modeling this numerically is extremely difficult, because the larger is 
unstable at all wavelength s and vortices develop all along it (Faber & Rasio 2000) , 
possibly amplifying the magnetic field to extremely large values very quickly. The 
mass ratio in double NS binaries is quite close to unity, so a fairly symmetrical 
remnant would be a natural and expected outcome. However, in general even small 
departures from unity can have important consequence in the inner structure of the 
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final object: the lighter star is disturbed and spread over the surface of its massive 
companion, which can remain largely undisturbed (Rasio & Shapiro 1994; Rosswog 
et al. 2000). The final configuration now consists of a supra-massive neutron star 
surrounded again by a thick shock-heated envelop and hot torus similar to that 
formed in BH-NS mergers, in the range of O.O3-O.3M0. The center of the remnant 
is rapidly, and in many cases, differentially rotating, which can have a profound 
impact on its subsequent evolution. A narrow funel along the axis of symmetry is 
relatively baryonic free and may serve as a potential site for launching a GRB jet 
(Ruffert k Janka 1998, 1999). 

In addition to Newtonian and Post-Newtonian simulations. General Relativistic 
calculations have also been studied (Shibata & Uryii 2000; Oechslin, Rosswog & 
Thielemann 2002), and recently progressed even further, going beyond the adoption 
of a simple polytropic pressure-density relation (Shiabata et al. 2005, 2006; Oechslin 
& Janka 2006). The outcome is predictably complicated and depends sensitively on 
the total mass of the system and the initial mass ratio. For example, Shibata 
& Taniguchi (2006) use a full general simulations with a hybrid equation of state 
(EOS) that mimics a realistic stiff EOS, for which the maximum allowed cold mass 
of spherical neutron stars Mgph is larger than 2Mq. ALso ,they focused on binary 
NSs of the ADM mass (Arnowitt, Deser & Misner 1962) M > 2.QMq. For an ADM 
mass larger than a threshold mass Mthj., the merger results in prompt formation of 
a black hole irrespective of the mass ratio Qm with 0.7 < Qm < 1, but the disk 
mass steeply increases with decreasing the value of for given ADM mass and 
EOS for Qm < 0.7. Here the value of Mths is about 1.3 ~ 1.35Msph, depending 
on EOS. For M < Mt^r, the outcome is a hypermassive neutron star (HMNS) of a 
large ellipticity. Figure fTTTOl is the results in Shibata & Taniguchi (2006). Kiuchi 
et al. (2009) recently studied longterm GR simulation from NS/NS binary with a 
large initial orbital separation to the formation of disk+BH system. 

Besides studies on unmagnetized NS-NS mergers, full GR magneto-hydrodynamics 
(GRMHD) simulations are indeed necessary to model such NS-NS systems with 
strong magnetic fields. The first two GRMHD codes capable of evolving the GRMHD 
equations in dynamical spacetimes were developed by Duez et al. (2005) and Shi- 
bata & Sekiguchi (2005). Later they used these codes to study magnetic fields in 
HMNSs, which are possible transient remnants of binary NS-NS mergers (Duez et 
al. 2006a, 2006b; Shibata et al. 2006). Secular angular momentum transport due 
to magnetic braking and the magnetorotational instability results in the collapse 
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Figure 1.10: Summary about the outcome after the merger. "HMNS", "GW", "B- 
field" and " J-transport" are hypermassive neutron star, gravitational wave emis- 
sion, magnetic field, and angular momentum transport, respectively. "Small disk", 
"massive disk" and "heavy disk" imply that the disk mass is Mdisk ^ O.OIM0, 
O.OIM0 < Mdisk < O.O3M0, and Mdisk > O.OSMq, respectively (Shibata & Taniguchi 
2006). 

of an HMNS to a rotating black hole, accompanied by a gravitational wave burst. 
The nascent black hole is surrounded by a hot, massive torus undergoing quasista- 
tionary accretion and a collimated magnetic field. Recently, Anderson et al. (2008) 
and Liu et al. (2008) have sued GRMHD codes to study the magnetized NS-NS 
mergers directly. Anderson et al. (2008) showed that the aligned magnetic fields 
delay the full merger of the stars compared to the unmagnetized case. Liu et al. 
(2008) showed that the effects of magnetic fields during and short after the merger 
phase are significant but not dramatic. The most important role of magnetic fields 
is long-term, secular evolution of the newly formed disk+BH or HMNS system. 



1.4.3 BH-NS Merger Simulations 

Mergers of a black hole and a neutron star (BH-NS) is the second class of mergers. 
Paczyhski (1991) and Narayan et al. (1992) also suggested that the merger of a 
neutron star with a preexisting black hole of several solar masses might produce 
GRBs. In the dominant formation scenario of binaries consisting of a BH and 
NS, the BH is formed via hypercritical accretion during a common-envelop phase 
(Bethe & Brown 1998). The resulting BH has a very low mass (~ 3Mq) and a NS. 
Figure 11.111 shows the Newtonian dynamical evolution of a merging BH-NS binary, 
during which the NS (modeled as a polytrope) is tidally disrupted and an accretion 
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disk promptly forms (Lee & Kluzniak 1999a, 1999b; Lee 2000, 2001). The general 
conclusion of this body of work, which includes a mock radiation reaction force to 
account for gravitational wave emission, is that when the orbital separation is of 
the order of a few stellar radius, the star becomes greatly deformed due to tidal 
effects, and the system becomes dynamically unstable, for stellar component with 
relatively stiff EOS (F > 5/2), the instability is due to a strong steepening of of 
the effective potential because of tidal effects mass loss leads to an expansion and 
Roche lobe overflow, further accelerating the process sand leading to a runaway in 
which disruption occurs. All of the features anticipated in the work of Lai et al. 
(1993, 1994) concerning the stability of the binary are apparent, and are also seen 
in the Rasio k. Shapiro (1995). The main additional result in terms of the dynamics 
is that conflgurations that are stable in principle up to Roche lobe overflow are 
de-stabilized by the mass transfer process itself, and fully merge as well within a 
few orbital periods. It is also clear that in the presence of gravitational radiation 
reaction, the system enters a dynamical infall at small separations that no amount 
of mass transfer can revert. Qualitatively, the result is largely independent of the 
mass ratio, the assumed initial condition in terms of NS spin, both tidally locked 
and irrotational cases, and the assumed compressibility. Quantitatively, the details 
are different, and are primarily reflected in the flnal disk mass and the gravitational 
waves. Anyway, after a few initial orbital periods, a BH of M ~ 3— 5Mq, surrounded 
by a thick and hot debris disk (torus) with Mdisk ~ 0.01 — O.IM0 approximately 
4 X lO^cm across is all that remains of the initial couple (Lee & Kluzniak 1999a, 
1999b; Lee 2000, 2001; Duez et al. 2002). 

It is important to note that the debris disks are formed in only a few dynamical 
timescale about a few millisecond, which is practically instantaneous considering 
their later, more leisurely evolution. The possibility that a fraction of the NS in a 
BH-NS binary would survive the initial mass transfer episode and produce cycles 
of accretion was explored at long timescales by Davies et al. (2005). This was 
motivated by the fact that numerical simulations employing relatively stiff equations 
of state at high binary mass ratios Lee 2000; Rosswog et al. 2004) showed that this 
might actually occur. However, this is most likely not the the required 

EOS was unrealistically stiff and gravity was essentially computed in a Newtonian 
formalism. More recent calculations with pseudo-Newtonian potentials and the use 
of General Relativity consistently fail to reproduce this behavior for a range of 
compressibleness in EOS (Rosswog 2005; Lee et al. 2005; Faber et al. 2006a, 
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r=2.5 r=2 r=5/3 




Figure 1.11: The tidal disruption of a NS by a BH in a binary (Lee & Ramirez-Ruiz, 
2007) Each column depicts the interaction for a given value of the adiabatic index 
r in polytrope EOS. Logarithmic density contours of density (with the lowest one 
at log jN(g cm~^) = 11), are shown in the orbital plane. All three cases initially had 
identical mass ratios, Qm = 0.31. 



1.4. Progenitor II: Merges of Compact Stars 



70 



2006b). Instead, the neutron star is promptly and fully disrupted soon after the 
onset of mass transfer. 

While Newtonian simulations seen to give a qualitatively correct picture of the 
dynamics in at least some of the NS-NS mergers scenarios, it is not clear at all 
that they are applicable also in the case of BH-NS mergers. More importantly, it is 
also not even clear how to estimate its effects with simple analytical consideration. 
Computations of the location of the innermost stable circular orbit (ISCO) in black 
hole systems indicate that tidal disruption may be avoided completely, with the 
star plunging directly beyond the horizon, essentially being accreted whole in a 
matter of a millisecond (Miller 2005). This would preclude the formation of a GRB 
lasting 10 to 100 times longer. But we stress that, just as for stability considerations 
in the Newtonian case, even if the location of the ISCO can be a useful guide in 
some cases, it cannot accurately describe the dynamical behavior of the system 
once mass transfer beings. In pseudo-Newtonian numerical simulation (Rosswog 
2005) and post-Newtonian (Prakash et al. 2004), even when a near radial plunge 
is observed, the star is frequently distorted enough by tidal forces that long tidal 
tails and disk-like structures can form. The outcome is particularly sensitive to the 
mass ratio Qm = N^s/Mbr- Moreover, the spin of the BH is also very important, 
with rotating BHs favoring the creation of disks. Dynamical calculations of BH- 
NS systems in pseudo-Newtonian potential that mimic General Relativity effects 
typically show that for mass ratios Qm — 0.25 it is possible to form a disk, although 
of lower mass than previously thought, Mdisk ~ 1O~^M0. Faber et al. (2006a, 
2006b) presented their results for the dynamical merger phase of a BH-NS binary 
for low mass ratio {Qm — 0.1) using the conformal flatness approximation for GR 
for a Schwarzschild BH. WHile a polytropic relation with F = 2 was assumed, the 
flnal outcome is clearly dependent on the complex dynamics of mass transfer. Even 
though at one point in the evolution most of the stellar material lies within the 
analytically computed ISCO, tidal torques transfer enough angular momentum to a 
large fraction of the fluid, producing an accretion disk with Mdisk — O.IM0 by the 
end of the simulation at t ^ 70 ms. Table fL8l gives a summary of the disk properties 
for different progenitors based on the calculations of various groups up to 2006 (Lee 
& Ramirez-Ruiz 2007). 

Recently, more advanced full relativistic BH-NS simulations were carried out 
by Shibata & Uryu (2007), Shibata & Taniguchi (2008), Duez et al. (2008), Etienne 
et al. (2009) and Shibata et al. (2009). Shibata & Taniguchi (2008) studied BH-NS 
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Prog. 


Mdisk/M© 


Gravity, Method 


EOS 


References 


BH/NS 


0.1-0.3 


N, SPH 


Polytropes 


Lee & Kluzniak (1999a, 1999b); Lee 2000, 2001 


BH/NS 


0.03-0.04 


PW, SPH 


Polytropes 


Lee et al. (2005) 


BH/NS 


0.26-0.67 


N, Grid 


LS 


Janka et al. (1999) 


BH/NS 


0.001-0.1 


PW, SPH 


Shen 


Rosswog et al. (2004), Rosswog (2005) 


BH/NS 


0.001-0.1 


GR, SPH 


Polytropes 


Faber et al. (2006a, 2006b) 


NS/NS 


0.2-0.5 


N, SPH 


Polytropes 


Rasio & Shapiro (1992, 1994) 


NS/NS 


0.4 


N, SPH 


Polytropes 


Davies et al. (1994) 


NS/NS 


0.01-0.25 


N, Grid 


LS 


Ruffert et al. (1996, 1997, 2001) 


NS/NS 


0.25-0.55 


N, SPH 


LS 


Rosswog et al. (1999, 2000, 2002, 2003), etc. 


NS/NS 


0.05-0.26 


GR, SPH 


Shen 


Oechislin & Janlta (2006) 


NS/NS 


0.0001-0.01 


GR, Grid 


APR 


Shibata & Taniguchi (2006) 



Table 1.8: Remnant disk masses in compact mergers of a variety of equations of 
state: polytropes, Lattimer & Swesty (LS), Shen et al. (Shen); and various gravity 
methods: Newtonian (N), Paczynski & Wlita (PW), General Relativity (GR). (from 
Lee & Ramirez-Ruiz , 2007) 

binaries in a quasi-circular orbit as the initial condition and adopted EOS with F = 2 
and the irrotational velocity fields. They found the resulting torus mass surrounding 
the BH depends significant on the initial NS mass and radius: M^isk < O.O5Af0 for 
i?Ns = 12km and Mdisk ~ O.ISMq for i?Ns = 14.7km. The total released energy is 
~ 10^^ ergs for NS compactness < 0.145. Etienne et al. (2009) explained the effects 
of BH spins aligned and antialigned with the orbital angular momentum. Only a 
small disk M^isk < O.OIMq forms for the antialigned spin core a/M^n = —0.5 and 
for the most extreme-mass -ratio case {Qm = 0.5). On the other hand, a massive 
hot disk Mdisk ~ O.7M0 forms in the rapidly spinning aligned {a/MBH = 0.75). 
Such a disk could drive a short-hard GRB. 

1.4.4 WD- WD Merger Simulations 

WD-WD merger scenario (the double-degenerate scenario) has been widely studied 
as a possible candidate for Type la supernova progenitor since Iben & Tutukov 
(1984) and Webbink (1984). On the other hand, it is not likely that WD-WD 
mergers could directly lead to GRB phenomena. However, researchers have showed 
that WD-WD mergers could also form a neutron star remnant in some cases (Saio 
& Nomoto 1985, 1998; Kawai, Saio & Nomoto 1987; Mochkovitch & Livio 1990; 
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Timmes, Woosley & Taam 1994; Mochkovitch, Guerrero & Segretain 1997; King, 
Pringle & Wickramasinghe 2001). The newly formed NS, particularly the magnetar 
or highly magnetized NS, could be the central engine of GRBs (Levan et al. 2006; 
Chapman et al. 2006). We will discuss the magnetar and neutron star models in 
§1.5.1. 

The process of WD-WD merger itself was first studied by Mochkovitch & Livio 
(1989, 1990), using an approximate method. The full SPH simulation have been 
carried out by Benz, Thielemann & Hills (1989), Benz, Cameron & Bowers (1989), 
Benz, Hill & Thielemann (1989), Benz et al. (1990), Rasio & Shapiro (1995), Seg- 
retain et al. (1997), Guerrero et al. (2004); Loren-Aguilar et al. (2005) Yoon et 
al. (2007), Shioya et al. (2007) and Loren-Aguilar et al. (2009). For example, 
Benz, Hills & Thielemann (1989) studied the mergers of two WDs 0.6 + O.6M0 and 
0.7 + 0.9Mq respectively, using 5000 SPH particles. Segretain et al. (1997) used 
~ 6 X 10^ SPH particles to simulate the coalescence of a 0.9 + 0.6Mq system. Guer- 
rero et al. (2004) studied a large range of masses and chemical components of the 
merging binaries, paying special attention to the issue of whether or not thermonu- 
clear runaway occurs during the process of merging. Loren-Aguilar et al. (2004) 
studied gravitational wave (GW) radiation from a 0.6 + O.6M0 WDs binary, and 
recently Loren-Aguilar et al. (2009) adopted a high-resolution SPH code with an 
improved treatment of the artificial viscosity in this algorithm to study the merg- 
ing process again. Figure 11.121 shows the temporal evolution of the density for the 
merger of the 0.6 + O.SMq WD binary system. The first step of WDs binary system 
evolution in these simulations is more or less the same. The WDs are brought to- 
gether by GW radiation, until the less massive, and thus the less dense one fils its 
Roche lobe and begins to transfer mass. However, depending on the initial condi- 
tion, mass transfer (accretion) could proceed either stably or dynamically unstably, 
which lead to different outcomes. If the mass transfer process is stable, mass will 
flow at relatively low accretion rates with a period of order ~ 10^ yr. The destruc- 
tion of the accreting WD in a thermonuclear explosion could produce a Type la 
supernova. On the contrary, unstable accretion make the whole merging process to 
finish within a few minutes. At such high accretion rate, the primary WD is believed 
to collapse to form a NS, not to produce a SN la. The difference between the two 
cases relies on the ability of the binary system to return enough angular momentum 
back to the orbit. In fact, there are two competing processes. On the one hand, 
the donor star is supported by the pressure of degenerate electrons and, hence, it 



1.4. Progenitor II: Merges of Compact Stars 



73 



taq ft 



109 P 



2 

-3 

-4. 
+ 

2 



-? 

— t 
■1 

2 

Q 

-2 

-+ 



•0 






1 N 

- 6 -? 

-4 




- 


• 


f 


- 


} 


4 

^ 2 
- 5 N. 

^ -2 
-4 


• 


- 








• 


4 

< 2 
m N 

■ i 




— 


• 



-4-20 2 4-4 -202 4-4-202 4 



-2 2 4-4 -2 2 4-4 -2 2 4 

I! », )f 



Figure 1.12: Temporal evolution of the density for the coalescence of the O.6 + O.8M0 
double WD binary system. The positions of the particles have been projected onto 
the xy plane (left panels) and in the xz plane (right panels). The disk and central 
object evolution should be carried out in future study (Loren-Aguilar et al. 2009). 



will expand as it loses mass, thus enhancing the mass-transfer rate. On the other, 
if orbital angular momentum is conserved the orbit will expand as the donor star 
loses mass thus reducing the mass-transfer rate. The precise trade-off between both 
physical processes determines the stability of mass transfer. 

Up to this date, almost all the WD-WD merger simulations only adopted SPH 
code and showed that a compact central object surrounded by a hot corona or disk as 
the merged configuration. More detailed simulation should be carry out to calculate 
the evolution of the disk with its angular momentum transfer and the final fate of 
the central object have been done. And of course, GR or GRMHD methods will 
instead SPH techniques for the future generation of WD-WD merger simulations. 



1.4.5 Gravitational Waves from Merges 

Gravitational radiation plays an observable role in the dynamics of many known 
astronomical systems. Mergers of compact binaries (NS-NS, BH-NS, BH-BH) are 
expected to be the first cosmological sources of GW detected by ground-based ob- 
servations. If short-hard GRBs are generated by NS-NS or BH-NS mergers, then 
they are the electromagnetic counterpart of the most accessible GW sources. In 
principle the mergers are expected to have three different phases of GW emission: 
the chirp inspiral signal, the merger signal and the signal from the ringdown of the 
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Figure 1.13: Gravitational waveforms observed along the z axis (solid curve) for 
NS-BH merger models in Shibata et al. (2009). mg is the total mass defined by 
Mbh+^ns- h denotes a gravitational- wave amplitude and -D is a distance between 
the source and an observer. 

remaining BH. Figure 11.131 shows an example of GW radiation from Shibata et al. 
(2009), who studied NS with a polytropic F = 2 and the irrotational velocity field 
tidally disrupted and shallowed by the stellar-mass BH. Figure [HH] shows the three 
noise curves (LIGO-I, "wide-band" LIGO-II and "narrow-band" LIGO-II), and the 
possible signal from NS and BH binaries in the last few minutes of their inspiral 
(Cutler & Thorne 2002). At its current LIGO-I can detect a NS-NS merger up to 
an average distance of about 15 Mpc, and a merger of a NS with IOMq BH up to 
about 3OM0. Next generation observatories, such as LIGO-II (advanced-LIGO), are 
expected to be ten times more sensitive. LIGO-II would detect mergers between NS 
binary up to ~ 300 Mpc, and NS and 10 Mq BH to 650 Mpc. 



1.5 Other Progenitor Models 

1.5.1 Magnetized Neutron Star and Magnetar 

GRBs were once considered from pulsar-like activities in our Galaxy before 1990s. 
The "cyclotron features" in the spectra (20-40keV) of several GRBs observed by 
KONUS and Ginga seemed to support the conclusion that GRBs are produced by 
strongly magnetized (~ 1.7 x 10^^ G) neutron stars with energy releasing rate of 
Iq3i gj,gg g-i ^ggg p J -j^ detail). Later, however, BATSE and BeppoSAX confirmed 
that GRBs actually come from cosmological distances, which indicate that most 
Galactic pulsar models were incorrect. New cosmological pulsar models involving 
much more energetic pulsar-like activities (~ 10^° ergs s"^) require the pulsar to 
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Figure 1.14: The noise h{f) in several planned LIGO interferometers plotted as 
a function of gravity- wave frequency /, and compared with the estimated signal 
strengths hs{f) from various sources (Cutler & Thorne 2002). 

be a millisecond-rotation-period NS with very high surface magnetic fields up to 
Bs > 10^^ G. 

Neutron star might be formed via the accretion-induced collapse (AIC) of WDs 
(Nomoto et al. 1979; Canal et al. 1980; Nomoto & Kondo 1991; Usov 1992; Woosley 
& Baron 1992; Thompson & Duncan 1995; Kluzniak and M. Ruderman 1998; Ru- 
derman et al. 2000; Dessart et al. 2006), the WD-WD binary merges (see §1.4.4) 
and NS-NS binary mergers (see §1.4.3 and Figure [TT6l or Dai et al. 2006; Gao & 
Fan 2006) as well as core collapse of massive stars. 

AIC of Magnetized WDs to NSs 

Some WDs in tight binaries can accrete enough mass from their companions 
to initiate implosions as they approach the Chandrasekhar limit. After such an 
implosion begins, there is a competition between energy release from nuclear fusion 
reactions, which act to explode the star, and the growing rate of electron captures, 
which removes pressure support and accelerates collapse. The outcome of such WD 
AIC is Type la SNe or NSs. Particularly, NSs could form when the core evolves 
to sufficiently high density prior to carbon or neon "ignition" (typically p > 10^°g 
cm~^), that electron captures lead to an underpressure and consequent collapse of 
the WD (Timmes & Woosley 1992). Figure [TT5] shows the final fate of accreting 
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Figure 1.15: The final fate of accreting 0+Me+Mg WD {left panel) and C+0 WD 
{right panel) expected for their initial mass and accretion rate M (Nomoto & Kondo 
1991). 

0+Ne+Mg and C+0 WDs, which mainly depends on the mass accretion rate. 
Also, the outcome for the case WD mass M > I.IMq and that of M > I.IMq are 
different. (Nomoto 1986, 1987; Nomoto &; Kondo 1991). Next we focus on the case 
of successful NS formation by WD AIC. 

Usov (1992) considered a WD with a surface magnetic fields Bs to be a few times 
of 10^ G, which might exist, for instance, in magnetic cataclysmic binaries. In the 
process of collapse, the stellar radius changes from Rwd ~ 10^ cm for typical WD 
to R]\fs ~ 10^ cm for Ns, and the surface magnetic fields on the newly formed NS 
can reach B^s = Bw d{Rw d / Rn s)"^ ~ 10^^ G. Moreover, from angular momentum 
conservation during the collapse process, the expected angular velocity of the created 
NS can reach the maximum possible value of NS VL^s ^ 10"^ s~^ for the angular 
velocity of WD VL-\^£, ^ 10~^ s"^. As a result, the highly magnetized WD could 
form a millisecond magnetar, which would lose its rotational kinetic energy on a 
timescale of second or less by electromagnetic or gravitational radiation. Levan et al. 
(2006) discussed that the WDs with magnetic fields 10^ G doa actual exist, although 
they are only in a small fraction (~ 10%) of all WDs (Figure ri.l6p . Therefore, 
it is plausible that the AIC of a WD could create a magnetar, whose magnetic 
fields are organized mainly by collapse of the WD. Kluzanik & Ruderman (1998) 
and Ruderman et al. (2000), on the other hand, requires a relatively much lower 
magnetic fields from WDs -Bvkd ~ 10^ G and B^s ~ 10^^ G for a millisecond-period 
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Figure 1.16: The distribution of WD magnetic fields seen in mCVs (black line) and 
isolated WDs (red dashed) from Levan et al. (2006) and Chapman et al. (2006). 

NS formed by AIC of a WD. The magnetic fields can farther amplified by differential 
rotating as well as by the AIC process. 

WD- WD and NS-NS Binary Mergers 

Strictly speaking, WD-WD merger to form a NS is another process of AIC of a 
WD. As mentioned in §1.4.4., the less massive star in the WD binary can be tidally 
disrupted and begin to transfer mass to the primary. A high accretion rate induced 
by dynamical instability make the accreting primary to become a accretion-induced 
NS. Levan et al. (2006), Chapman et al. (2006), Chapman, Priddey & Tanvir (2008, 
2009) suggested that the scenario of WD-WD merger with a magnetar remnant could 
be the progenitor of SGRs, and even be the progenitor of a population of nearby 
short GRBs (Tanvir et al. 2005, Salvaterra et al. 2008), which can be explained as 
the extra-Galactic SGR giant fiares (see also Nakar 2007). 

NS-NS merger simulations show that HMNS could be formed in some cases (see 
§1.4.3 and Figure frTTj) . Dai et al. (2006) first suggested that, the new-born magnetic 
HMNSs, which is formed by NS-NS binary mergers, could be a long-activity GRBs 
central engine and produce the X-ray fiares after the prompt emission (see also Gao 
& Fan 2006). 

Formation of Strong Magnetic Fields in NS 

Besides AIC of WDs and compact object mergers, the more commonly way to 
produce NSs is by core collapse of massive stars, which has been studied for decades 



1.5. Other Progenitor Models 



78 



since Baade & Zwicky (1934). The problem for GRB progenitors in magnetar mor 
magnetized NS scenario is that, how could the new-born NS to generate a strong 
magnetic fields, and extract the rotating energy of NS via magnetic activities to 
produce a GRB? (Another way to produce a GRB is via thermal hyperaccreting 
onto the NS, as studied by Zhang & Dai 2008, 2009a and Metzger, Quataert & 
Thompson 2008. However, the NS with its magnetic fields is still considered the 
central engine to produce the prompt extension emission or the early afterglow such 
as X-ray flares.) 

The magnetic fields in a magnetar can be as strong as 10^^ — 10^^ G. Such 
strong fields are generated via three processes: collapse of highly magnetized WDs, 
amplification from differentially rotation and Paker instability inside the NS, and 
convective dynamo action during a period of gradient-driven convection after NS 
formation. Collapse-induced magnetic fields, as mentioned before, satisfied the re- 
lation B^s = Bv/d{.Rwd/ RnsY ■ In this AIC scenario, strong magnetic fields is 
generated as soon as the NS forms. Differential rotation and convection, on the 
other hand, could amplify the magnetic fields by extracting the rotating energy to 
electromagnetic energy for a period of time after NS formation (i.e., post-collapse 
evolution of magnetic fields). Differential rotation may be caused for two reasons 
(Thompson k. Duncan 1993; Ruderman et al. 2000). First, NSs are less centrally 
condensed than the degenerate electron pressure-supported cores out of which they 
form. For a polytropic EOS, the central density pc of a WD is pdWD) ^ bbpwDj 
where pwD is the initial average WD density. The central density of a NS satisfies 
Pc{NS) ~ 5piys (Shapiro & Teukolsky 1983). Second, the angular momentum of 
various mass shells are conserved to a first approximation in the collapse. As a re- 
sult, the central regions of the newly born NS should initially be spinning much less 
rapidly than most of the mass in that star by a a factor of about 0.2 (Ruderman et 
al. 2000). On the other hand, according to Thompson & Duncan (1993), convection 
in the NS may be driven by a radial gradient in the lepton number per baryon (Ep- 
stein 1979) or by an entropy gradient with the convective velocity ~ 1.3 x 10^ cm~^, 
after the NS neutrinosphere has shrunk to a radius of 10 — 20 km. NS convection is a 
transient phenomenon and has an extremely high magnetic Reynold number ~ 10^^. 
The convective motions are only mildly turbulent on scales larger than the ~ 10^ 
cm neutrino mean free path, but the turbulence is well developed on smaller scales. 
If the ratio of mean free path, but the turbulence is well developed on smaller scale. 
If the ratio of mean magnetic pressure to turbulent pressure equals that observed in 
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Figure 1.17: Magnetic field evolution in a diff'erential rotation NS for three stages 
(Kluzanik & Ruderman 1998): (i) poloidal field passing through the NS; (ii) toroidal 
field amplification; (iii) eff'ect of packer buoyancy instability. See §1.5.1 for detailed 
discussion. 
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the upper convection zone of the Sun, and the initial rotation period exceeds ~ 30 
ms, the energy for field amplification comes mostly from convection, not different 
rotation, and fields as strong as 3 x 10^^ G can be generated by convection during 
the first few seconds after NS formation. On the other hand, large-scale a — Q 
dynamo action is possible NS P < 30 ms to generate strong magnetic fields. For 
NSs with rapid rotation period P ~ 1 ms, the fields generated by differential rota- 
tion may be strong enough to suppress convection in some regions, the wrapping 
of fields around the star by the shear motion allows the formation of large scale 
magnetic structure. Duncan & Thompson (1992) argued that the fields could reach 
to 3 X 10^^(P/lms)~^ G as the differential rotation is smoothed by growing magnetic 
stresses (see also Kluzniak & Ruderman 1998). When the strength of magnetic fields 
has been sufficiently amplified, the Parker buoyancy tends to change the topology 
of the fields, drive fiux ropes across the surface of the star, where they reconnect, 
diffuse and eject into the surround medium, and directly provide the energy of GRBs 
(e.g. Duncan & Thompson 1992; Thompson & Duncan 1993; Kluzanik & Ruderman 
1998; Dai & Lu 1998b; Ruderman et al. 2000; Dai et al. 2000). 

1.5.2 Supranova Model 

Vietri & Stellar (1998, 1999) presented a scenario (they called "supranova model") 
for the formation of GRBs occuring when a hypermassive neutron star (HMNS) lose 
so much angular momentum that centrifugal support against self-gravity becomes 
impossible and the implodes to a BH about 2-3 Mq surrounded by a transient 
disk ~ O.1M0. The HMNS could be formed directly in the SN explosion of a core 
with too much mass and angular momentum to end up in a normal NS (Vietri & 
Stellar 1998), or by accreting matter onto a normal NS from a close companion 
during a low-mass binary phase (LMXB), while the transport of mass and angular 
momentum from the secondary makes the NS to become a HMNS (Vietri & Stellar 
1999). The maximum mass for a differentially rotating HMNS (Cook, Shapiro & 
Teukolsky 1994a, 1994b) can reach to ^ 2 - 3.5Mq. Then the HMNS lose angular 
momentum via the usual magnetic dipole radiation or gravitational waves radiation. 
Slowly the HMNS collapses into a BH. Since the neutrinos inside the HMNS have 
short mean free paths, the implosion from HMNS to BH is almost adiabatic. A mass 
of ~ 0.1 Mq in the equatorial belt can easily reach centrifugal equilibrium and forms 
a accretion tours or disk. The new formed BH+disk system is similar to the final 



1.5. Other Progenitor Models 



81 



results of collapsar and compact object mergers evolution. However, the mechanism 
of extraction of energy from the system in the supranova scenario is mainly via the 
conversion of Poynting flux into a magnetized relativistic wind, not the baryonic or 
neutrino annihilation process. 

The advantage of the supranova model is that, it keeps the environment baryon- 
free. The internal shock scenario requires a small baryon contamination ~ 1O~^M0 
to produce a relativistic jet with the bulk Lorentz factor T to be several hundred 
(Rees & Meszaros 1992). The powerful wind from a collapsar may still contains 
lots of baryons, but his is not the case for the supranova model. The GRB jet 
produced via the collapse of a HMNS does not have to punch a whole through the 
stellar envelope, both because the former SN explosion has swept away the medium 
surrounding the remnant, and because of the clean and silent collapse of the HMNS 
once centrifugal support weakens critically. The small baryon contamination is a 
natural consequence of the supranova scenario, with typical values of ~ lO^^M© 
well below the ~ 10~^Mq upper limit. 

The main two difficulties of the supranova model are that, the delay between 
supernova and the following GRB is quite long in this model; and the uncertainty of 
the torus mass and the lacking of an envelope may not produce long GRBs. Vietri 
& Stellar (1998) considered the major source of HMNS angular momentum loss is 
through the usual magnetic dipole radiation. The timescale between a normal SN 
where a HMNS formed and the implosion to a BH is 

where the mass in the range of M ^ 2 — 3.5Mq, equatorial radius Reg ~ 11 — 18 km, 
angular velocity u ~ 8000 — 12, 000 s~^, and the angular momentum j ^ 0.6 — 0.78. 
However, it is clear in the case of events like GRB 980425 and GRB 030329 that 
the supernova and the GRB happened nearly simultaneously-within a few days of 
each other at most (e.g. Hjorth et al. 2003). Therefore, the supranova model, 
with the long delay betwen SNs and GRBs, could probably only explain few GRB 
events. Moreover, the main uncertainty in this model is the mass of the formed disk 
or torus, although Vietri & Stellar estimate a disk Mdisk ~ O.IMq. The mass of 
the remaining disk depends strongly on the EOS and magnetic fields strength (e.g.. 
Cook, Shapiro & Teukolsky, 1994a, 1994b; Shibata & Shapiro 2002; Shibata 2003; 
Shapiro 2004; Duez et al. 2006a, 2006b, Stephens et al. 2008). A HMNS with a 
polytropic and soft EOS 7 — 4/3 ^ 1, a massive disk may form after its collapse into 
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a BH. On the other hand, Shibata (2003) showed that a HMNS with 7 > 3/2 leaves 
a disk Mdisk < 10~^Mq. However, strong magnetic fields with the MHD angular 
momentum transfer make a massive disk towards the equator of a HMNS even with 
a stiff EOS r = 2 (Duez et al. 2006a, 2006b; Stephens et al. 2008). Anyway, 
without an remaining stellar envelope contained around the HMNS, the new formed 
BH+disk system could only produce short GRBs at most. From this point of view, 
whether the suprannova scenario allows a lifetime > 1 Gyr, as mentioned in §1.4, is 
still questionable. 



Chapter 2 



Black Hole Accretion Disks, 
Accretion Flows and GRB Central 
Engines 

Most GRB progenitor scenarios lead to a formation of a stellar-mass black hole 
and a hyperaccretion disk around it. The accreting black hole system is commonly 
considered as the direct central engine of GRBs. In this chapter, we first discuss 
the equations and the classical solutions of the accreting black hole systems, and 
then focus on the hyperaccreting black-hole disks, which could only be cooled via 
neutrino emissions. 



2.1 Conservation Equations 

Basic Equations 

The general mass conservation or continuity equation is 

|^ + V-(pv) = 0. (2.1) 

Moreover, the general momentum conservation equation with viscosity, i.e., the 
Navier-Stokes equation is (Landau & Lifshitz, 1959) 

1^ + (v ■ V)v = --Wp -\/^ + ^Av + (e + |) V(V ■ v), (2.2) 

where $ is the gravitational potential, the constant r] and C, are called coefficients of 
viscosity. For incompressible fiuid, the term + ?7/3)V(V ■ v) in the right hand of 
equation 12.21 is vanished. 
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For accretion disks under axial symmetry assumption, we adopt cylindrical 
coordinates {r,ip,z), and take d/d(p = 0. Three velocity components of accretion 
flow at a radius r from the central compact object {vr,v^p,Vz) can be divided into 
two parts: an toroidal component v^i, = Qr with Q as the disk angular velocity, and 
a small poloidal component Vp = {vr,Vz)- If we also consider the disk is in a steady 
state, i.e., d/dt = 0. Then the mass conservation equation can be written as 



1 d 



{prvr) 



d 



0. 



(2.3) 



r dr dz 

The three components of the momentum equation are (Frank, King & Raine 2002) 
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where Vt^ is the Kepler angular velocity Vt^ = ^J{GM) /r^ with M being the mass 
of central star, and the nine components of stress tensor a for incompressible fluid 
are 
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The axial symmetry assumption and the disk geometry half-height H ^ radius r 
allows us to take the approximation that the terms and d/dz are much smaller 
compared to other terms in equations (j2.4l) to ()2.6I) . The the radial component of 
the momentum equation (12. 4h can be simplifled as 
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The angular momentum equation (12. 6p to be 
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The z-direction momentum equation (|2.5|) be rewritten as 

nj,z + -^^o. (2.10) 

poz 

For 'thin' disk with z H, we can set \dp/dz\ ^ p/H and z H, the half-height 
of the disk H satisfies 

i7=-^. (2.11) 

where Cg = \/p/p is the isothermal sound speed. Furthermore, the energy balance 
in a steady-state disk is established among the heating rate the cooling rate q~ 
and the advection rate gadv per unit volume. The heating rate term g+ is usually 
contributed by local viscous dissipation (Thompson 1972) 

<,+ = ,r^(f)\ (2.12) 

Cooling is mainly via phonon or high-energy particle emissions. The advection term 
gadv is energy flux driven by entropy gradient in the accretion process. Thus the 
local energy conservation energy is written 

ds , _ 

gadv = P^rT— = q^ -q . (2.13) 

where s is the specify entropy and T is the temperature of the disk at radius r. 

Conversation equations (12. 3p . (12.81) . (12.91) . (12.131) and relation (12. lip are com- 
monly used for disks under the assumptions of axisymmetry and 'thin' disk geometry 
(e.g., Abramowicz et al. 1988; Narayan & Popham 1993; Narayan & Yi 1994). 

a-Prescription 

The radio of dynamic viscosity t] and the density p ,i. e., u = r]/ p, is called 
the kinematic viscosity. We adopt the relation that the kinematic viscosity z/ is 
proportional to the isothermal sound speed and the disk half-thickness H, and 
write 

u = aCsH. (2.14) 

with the viscosity parameter a < 1 in most cases. This famous a-prescription 
was first adopted by Shakura & Sunyave (1973) from another point of view. More 
detailed description based on microphysics scenario can be seen in many classical 
references (e.g.. Landau & Lifshitz 1959; Frank et al. 2002). Although MHD simula- 
tions beyond a-prescription for understanding the physical mechanisms which may 
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generate a viscosity in disks have been carried out for years (see Balbus & Hawley 
1998 for a review), the a-prescription, which is a much simpler treatment with clear 
physical scenario, is still very useful and will continue to be used for analytic and 
semi-analytic calculations. Now we use the relation /i = z/p = aCgpH in all of our 
equations. 

Vertically Integrated Equations 

A farther reasonable approximation treatment which could simplify the group 
of partial differential equations and make them to be differential equations, is the 
"vertical integration" treatment along the z-direction. The disk may be described by 
vertically average physical quantities as a function of radius r. The surface density 
is ^ = 2pH . Thus the equations of continuity, radial and angular momentum (12.31 
EH EH]) are 

M = -27rrtvS, (2.15) 



..^ = - ^l)r - (Ec^) , (2.16) 



r dr Sr^ dr \ dr J 
The angular equation (j2.17p can be further integrated. If we take the angular velocity 
of the accretion flow Q ~ Qk, then we obtain the angular momentum equation as 

M 

vT. = — /, (2.18) 

where / = 1 — Iq/I with / = r^f2 is the speciflc angular momentum and /q is the 
special angular momentum constant at the inner edge of the disk. Usually we can 
write / = 1 — \fr\Jr- with r\ being the inner edge of the disk (Frank et al. 2002). 
Furthermore, combining equations (12.121) and fl2.18|) the vertically intergraded local 
viscous dissipation rate of a nearly Keplerian disk is 

- i-'^f, (2.10) 

Sir r-^ 

and the integrated energy equation is 

1 d._3GMM 

2 dr 8 87rr3 ^ ^ ' 
The factor 1/2 in the left side of equation (|2.20l) is added because we only study the 
vertically-integrated energy equation over a half-thickness H. 
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2.2 Equations for Magnetized Flows 

For magnetized accretion flows, we need to consider the efl^ects of magnetic fields on 
momentum transfer and energy dissipation. The momentum equation of accretion 
flows (12.21) is modified as 

dv 1 77 1 

— + (v-V)v = — Vp- V$ + -Av+ — J X B, (2.21) 

at p p pc 

with the added term of Lorentz force in the right side of the equation. The current 
density J satisfies 
in 

J = — (VxB), (2.22) 

In cyUndrical coordinates (r, if, z), the three components of Lorentz force are 

1 , ^ Id (Bl + Bl\ OB, Bl ^ ^ 

— (J X B)^ = -7r\— -]+—^ (2.23) 

pc 2pdr \ An J Anp oz Anpr 

1(J X B), = + + (2.24) 

pc Anp Anp or Anp oz 

1 . ^ Id fBl + Bl\ Br dB, 

The right side of equations (12.231) . (12.231) and (I2.23p need to be added to the right 
side of equations (12.41) . (12.51) and (12. 6p respectively. 

The energy equation should include Joule dissipation (or Ohmic dissipation) as 
well as viscous dissipation, 

ds 

P^rT-^ = + qtonie " (2-26) 



where 



? Joule ~ ^2 '^"^ 

fdB^\ 7]rn(dBr OB A' 



9 , „ 



An \ dz ) ' An \ dz Or ) ' Anr"^ (2.27) 
with r]„i being the magnetic diffusivity of the disk. If we define the Alfven sound 
speeds along the three directions c^^^^ = -B^^^/(47rp), then the vertically integrated 
momentum equations read (Zhang & Dai 2008b) 
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r dr ^ dz Sr^ dr \ dr J 

+ ^ + ^|(v^c.) + ^|(v^c.), (2.29) 



(2.30) 



And the energy conservation equation becomes 
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Lovelace, Wang & Sulkanen (1987) derived similar momentum equations as 
fl2.28p to (|2.31l) . The magnetic fields symmetry requires 

BJr,z) = +BJr, -z), 
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~B^{r, -z), 
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The r, ip, 2;-component equations are 
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respectively, where < ... > is defined as 

1 /-^ 

>= — y ^dzB^{r,z). 



(2.36) 
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2.3 Photon Radiation and Shakura-Sunyaev Solu- 
tions 

In accretion disks, the vertical energy transfer mechanism may be either radiative 
or convective, depending on the temperature gradient along the 2;-direction. We 
will discuss the convection effect later in §1.1.4. In this section we first consider the 
energy transfer is radiative. The specific flux is 

Fu{z) = 2.37 

3kj,p oz 

where Ki, is the opacity coefficient for a particular frequency z/. Here we assume the 
radiation field in the disk has reached thermal equilibrium in the layer z to z + dz, 
and B^{T) is the Planck blackbody function. Intergrading fl2.37p over frequency we 
obtain 

where is the radiation constant while as the Stefan-Boltzmann constant, kr 
is the Rosseland mean opacity. Hubeny (1990, see also Popham k. Narayan 1995) 
derived an more elaborate expression for the vertical fiux 

Fiz) = , (2.39) 

3(r/2 + l/v^+l/3rj' ^ ^ 

where r = krpH and = i^apH are the total and absorption optical depths. 

The generated dissipation energy in the disk is mainly cooled by thermal photon 

emission. Thus we have the cooling rate Q~^^ over a half-thickness disk 

^-'^ = l!" = ^^^^ " ^^-^^^ 

We adopt the simplified energy equation, i.e., energy balance is established between 
radiation and viscous dissipation 

a-ad = FiH) - F(0) = 

" ^ , s 3 GMM , 

Tc is the central temperature at z=0, and we assume Tc ^ T{H). The main contri- 
bution to the opacity for a normal thermal disk comes from Thompson scattering 
on free electrons, and free-free absorption (Shakura & Sunyave 1973) 

aT = 6.65 X 10-25 cm^ ajf = O.llT-^/^^cm^g'S (2.42) 
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Figure 2.1: Physical scenario of Shakura & Sunyavae disk. 



For a complete set of equations we also need thermodynamical equation, or the 
expression of pressure, which include both gas pressure and radiation pressure 

p = p,+p, = ^;I? + i^r^. (2.43) 

where 3? is the gas constant, /iacc is the mean molecular weight. 

Combining equations fl2llD . fl2l4D . (I238D . (ICTD . fICTD and ((233]), we are able 
to determine the physical properties of a thin photon radiative disk as functions of 
accretion rate M, central object mass M, radius r and inner edge radius r*. The 
analytical solutions were first derived by Shakura & Sunyaev (1973), who divided 
the disk into three regions, and gave different solution in different region: a) Pr ^ Pg, 
aT ^ CTff 

T = 2.3 X 10^(am)-i/^f-=^/^ 

n = J:/{2Hmp) = 4.3 x 10^'^ m^^m^^ r^^^ f'^ 

H = 3.2x lO^rhmf 

Vr = 7.7 X lO^am^f-^/V, (2-44) 
b) pg > Pr, ar > aff 

S = 1.7 X 10^a-^/5m3/5^V5^-3/5^3/5 
T = 3.1 X 10«a-i/5m2/5,ri-i/5f-9/io/2/5 
n = 4.2 X 1024a-7/i0m2/5^-Vi0^-33/20^2/5 
i7 = 1.2 X 10^a~'/V/'m^/V/''f/' 

Vr = 2x lO'^a^/Sm^/s^-i/Sf-a/s ^2.45) 
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b) Pg > Pr, CTff > Ct 

E = 6.1 X 105a-^/5m7/i°mV5f-3/V'/^° 
T = 8.6 X 10^a-i/5m3/io^-i/5^-3/4^3/io 

n = 3 X 1025«-Vl0^11/20^-7/10^-15/8^11/20 
if = 6.1 X 103a-Vl0^3/20^9/10^9/8 ^3/20 

Vr = 5.8 X lO^a^/^m^AOm-i/^r-i/V"'/'", (2.46) 

where 

MM M r 1 / r \ , 

Mq' M^^ 3 X lO-SMgyr-i V ^ / ' Sr^ m \9kmJ ' ^ ' ^ 

and the units of surface density S, temperature T, number density n, half-thickness 
ii and radial velocity Vr are g cm~^, K, cm"'^, cm and cm s~^. The general scenario 
of the disk structure is summarized in Figure 12.11 which shows the three regions 
having different physical properties. 

2.4 Accretion Flows with Self-Similar Structure 

We switch back to the basic energy equation (I2.13P 

gadv = - q~ 

where gadv is the advection transport of energy driven by the entropy gradient. In 
last section §2.1.3, we approximately set gadv — 0. In fact, depending on the relative 
magnitudes of the terms in equation (12.131) . we may identify three cases of accretion 
flows (Narayan, Mahadevan & Quataert, 1998) 

• g"*" ~ qq^ ^ gadv, the cooling-dominated flow where all the energy released 
by viscous stresses is radiated. The S-S thin disk solutions correspond to this 
case. 

• gadv — g"*" ^ gg~, an advection-dominated accretion flow (ADAF) where al- 
most all the viscous energy is stored in the gas and is deposited into the central 
BH. For a given M, an ADAF is much less luminous than a cooling-dominated 
flow. Moreover, the effect of convection in an ADAF is significant for suffi- 
ciently low viscosity parameter a. Convective ADAF is called "convection- 
dominated accretion fiow" (CDAF, Narayan et al. 2000). 
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— gadv — ^ qq^, advection-cooling-balance accretion flow, where energy 
generation by viscosity is negligible, but the entropy of the inflowing gas is 
converted to radiation. 



Self-similar treatment is very useful to describe the properties of various fluid 
since Sedov (1969) and Taylor (1950). The analytical ADAF solution based on 
self-similar treatment has been derived by Narayan & Yi (1994). The integrated 
equations (12.151) . fl2.16p . (12.171) and the energy equation 



ds 3 + 3e^ dc 



Si/— ^ - 2ciHv, 



dp nEcy /dQ\ 
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dr 2 dr ^ ^ dr ^l;^ \dr J 

permit a self-similar solution of the form (Spruit et al. 1987): 



(2.48) 



(2.49) 



Here e = Pr/v is the fraction of radiation pressure, and / measures the degree to 
which the flow is advection-dominated. Thus the self-similar solution of an ADAF 
is (Narayan & Yi, 1994) 



Vr{r) = -(5 + 2e )— vk 
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1 (2.53) 



Taking the assumption ^ 1, the solution fl2.50p to (I2.52p takes a simple form 
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(2.54) 



In the limit of very efficient cooling, / ^ and e' ^ 0, we obtain Vr,Cs <C Vk and 
Q Qk, which correspond the Keplerian accretion flows. In the opposite limit 
of an ADAF / ^ 1, we have the extreme case f2^0 for 7^5/3 and Cg ~ vk, 
H ~ Cs/vk ~ vk/^k = which correspond to the spherical Bondi accretion limit. 
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Next we discuss the effect of convection in ADAFs. The r-direction integrated 
form of angular momentum equation (12.91) read 

= + Jadv = -c^T^pr^-r + prvr^r^, (2.55) 
itK dr 

where the viscosity next flux 

J. = -^T^pr^-r- 2.56 
\Ik dr 

Analogous to the viscosity flux and viscosity parameter a, Narayan et al. (2000) 
introduced the "convection parameter" and the angular flux due to convection 
as 

= A[(]^3(i-s)/2]^ ^2.57) 

\Ik dr 

with the index g describes the physics of convective angular momentum transport. 
When (7 = 1, expression (I2.57p becomes 

Jc = -acT^pr^-r^ 2.58 
\Ik dr 

convection angular momentum flux is oriented down the angular velocity gradient. 
While when g = —1/3, 

ci dQr^ 

Jc = -«c7^pr— — , 2.59 
iIk dr 

convection angular momentum flux is due to the specific angular momentum gradi- 
ent. The r-direction angular momentum equation reads 

= X + Jc+j^ = -a:^pr'^-a,:^pr'('+^y'^[nr'('-^y']+prvrnr'. (2.60) 

Uk dr Hk dr 

We take the diffusion constant Kc as 

Kc = «c7^, (2.61) 

and the energy flux via convection is 

^ c1 ^ds , , 

Thus the energy transport by convection in cylindrical coordinates is r~^ d{r F^) / dr . 
In this section we follow Narayan et al. (2000) and adopt the expression r~'^d{r'^Fc) / dr 
in spherical coordinates and obtain the energy equation including convection as 

^'^Tr + T^T^^'^ = «^ = (a + «c)-^pr^ (^ j . (2.63) 
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The radial momentum equation (|2.8I) . and new angular momentum and energy 
equations (|2.60p and fl2.62p allow us to obtain the self-similar solutions for ADAF 
with convection. We take the self-similar structure 

P = Por~\ Vr = VqVk, ^ = ^o^K, = clv]^, H = Cor, (2.64) 

where the index s is equal to 3/2 in normal ADAF structure (e.g., Narayan & Yi 
1994), and po,vo,^o,co is the dimensionless constant to be determined. Thus we 
can derive the relation 

Ql = l-(^s + l)cl (2.65) 



3 

vo = -^ia + 9ac)cl (2.66) 



^ _ ^'0 + (^s - 2 J J "cCo = -fio(a + go^c) (2.67) 

Moreover, another microphysics equation based on the mixing length theory can be 
adopted (Narayan et al. 2000) 

^ r (l + ^)[(7 + l)-(7-l)^] „2 .1'^' 

= , , n i Co - 1 } (2.68) 



4V2{1 + gycl{ 7 

Combining equations (12.651) to (12.671 and taking s = 3/2 (i.e., the case of normal 
ADAF), we have 



5-37 
7-1 



Co = ^ia + ga,)(l-^cl] (2.69) 



Equations (12.681) and (I2.69P can be used to determine Oc and a as the function of Cq. 
For g < 2/3, the minimum value of a can be reached when the sound speed takes 
on its maximum value, Cq = 2/5, and the minimum value of a is 

2 \ll,/5-3j^"'' 



Therefore, the normal ADAF self-similar solution can not exist when g < 2/3 and 
a satisfies < a < ttcriti at the same time. What happens if a < ttcriti? If a is 
small and g < 2/3, the viscous flux is unable to cope with the with inward flux due 
to convection, and there is no consistent accretion solution. However, a completely 
different solution is possible if g < 0. Equation (|2.69l) could also be satisfled if 
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s = 1/2, a = —gotc and vq = 0. The new self-similar solution is referred as a 
"convective envelope" solution or "convection-dominated accretion flow" (CDAF). 
We obtain 




(2.71) 



and the maximum value of a for CDAF solution 



We list the different solutions with the range of parameters a and g following 
Narayan et al. 2000: 

• g>2/3, ADAF solution for a < 1 

• < 5f < 2/3, ADAF solution for a > ttcriti 

• g <0, ADAF solution for a > Ocriti; CDAF solution for a > acrit2- 

Figure 12.21 shows the variation of ttc as a function of a for various adiabatic index 
and g = —1/3. We note that, since Q;crit2 > «criti, the self-similar solution is not 
unique for oicriti < a < acrit2, and both ADAF and CDAF solutions exist in this 
case. 

Self-similar solutions for ADAF with large-scale magnetic fields have also been 
studied (e.g.,Shadmehri 2004; Shadmehri & Khajenabi 2005; Akizuki &; Fukue 2006; 
Shadmehri & Khajenabi 2006; Ghanbari, Salehi & Abbassi 2007; Zhang & Dai 
2008b; Bu, Yuan & Xie 2009). The physical properties of magnetized flows are 
different to that without magnetic flelds. For example, Akizuki & Fukue (2006) 
examined the effects of toroidal magnetic flelds and mass-loss from the disk. They 
found that the disk becomes thick due to the magnetic pressure, and the radial 
infalling velocity and rotation becomes fast. Zhang & Dai (2008b) also discussed 
the self-similar solutions for CDAFs with large-scale flelds. We will discuss these 
results in S3 in details. 
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(2.72) 



If the accreting matter has a sufflciently high temperature and density, the photon 
optical depth is enormous and radiation cannot escape. However, it can cooled by 
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Figure 2.2: Variation of the convective parameter Oc as a function of the viscosity 
parameter a for three values the adiabatic index 7 (Narayan et al. 2000). 

neutrino emission, leading to a neutrino-dominated accretion flow (NDAF, Popham, 
Woosley & Fryer 1999). 

Neutrino-cooled accretion disk around BH has been considered as the central 
engine of GRBs. Both processes of massive star collapses or compact object mergers 
lead to the formation of BH + neutrino-cooled disk systems. These disk are typically 
compact, with the bulk of the mass residing with 4 x 10^ cm of the BH (~ 3 — 5Mq) 
and temperature (lO^K < T < lO^^K), density (10^ g cm^'^< p < 10^^ g cm~^), 
and a huge accretion rate up to ~ IMq s~^. The accretion timescale of these disks 
tacc ~ Mdisk/M is short, from tens of milliseconds after mergers to tens of seconds 
after collapses. 

Neutrino Cooling Rates and Optical Depths 

The generated viscosity can be cooled via neutrino emission via various cooling 
processes, including absorption processes such as electron-positron pair annihila- 
tion, electron-positron capture rate by nucleons, nucleon-nucleon bremsstrahlung, 
plasmon decay into neutrinos, and scattering processes such as neutrino-nucleon 
scattering and neutrino-electron scattering. 

The rates of electron-positron pair annihilation into neutrinos are (Burrows & 
Thompson 2004) 

C-e+^.e^e = 2-56 X 1033j.fi/(r/e)ergscm-3s-\ (2.73) 
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= ?;-e+^..p. = 1-09 X m'''Tyive)evgscm^'s^', (2.74) 
where Tn = T/IO" K, 

^^"^^^ " 2F4(0)F3(0) ^^-^^^ 

and 

^n(^e) = / rdx. (2.76) 

The electron-positron capture rate by nucleons (or, the URCA reaction) is rep- 
resented by the sum of three terms: 

QeN = Qp+e-^n+Ue + Qn+e-^p+Ue + Qn^p+e~+Ue: (2.77) 

with 

= ^"^21^'^^ ^^ + r 

(2.78) 



(2.79) 



(2.80) 

where the constants Gp = 1.463 x 10""^^ ergs cm~^, Cy = 0.947, axial vector = 
1.26, Q is defined as (m„ — mp)c^, and Up and n„ are the number density of protons 
and neutrons in the flows. 

The nucleon-nucleon bremsstrahlung rate through n + n^n + n + u + u is 
represented by 

?brems = 3-4 X 10''T^,pf crgs cm'^ s-\ (2.81) 
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in the degeneracy regime of nucleons, and 

Cems = 1-5 X lO^^^Tif p^ergscm-^s-i, (2.82) 

in the nondegeneracy regime of nucleons (Hannestad & Raffelt 1998). Here pi^ = 
p/lO^^ g cm~^. 

Plasmon decay into neutrino through 7 — > z/g + t'e is estimated as (Ruffert et 
al. 1996) 

^plasmo 



1.5 X 10^2Ti\7^e~>(l + 7p) (2 + ergscm~3s~\ (2.83) 



where 7p = 5.656 x 10"^[(7r^ + Si]'^) /SY^'^ . However, in most cases, both the n — n 
bremsstrahlung and plasmon decay are less important than URCA and e~e^ pair 
annihilation in a NDAF. Thus, the absorption optical depths for three different types 
of neutrino can be calculated by (e. g., Popham et al. 1999; Kohri et al. 2005) 

^"'"^ ~ 4(7/8aBT4) 4(7/8aBT4) ^ 

^"'"''■^ ~ 4(7/8aBr4) 4(7/8aBT4) ^ 

Furthermore, the neutrino scattering processes include elastic scattering off 
background nucleons, Vi=e,^i,T + {v^ ''^j ~^ ^^=e,^i,T + {p, n}- The total lyi—p scattering 
cross section (Burrows & Thompson 2004) 

a, = ^ ' [{Cy - If + 3g\iCA - 1)% (2-86) 



< = 7 Z^) liCv - 1)' + ^aliCA - in (2.87) 



and the transport cross section is 

2 

^ 6 \ymeC^^ 

where ctq = 1-705 x 10"''^ cm^, Ei, is the average neutrino energy. The total Ui — n 
scattering cross section is 

^^/i+M, ,2. 



4 V 4 
and the transport cross section is 

.r = ^(i±MV (2.89) 



4 V 6 
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Neutrino-electron scattering rate is given by Tubbs & Schramm (1975) for elec- 
trons with different physical properties: (a) relativistic, nondegenerate electrons: 



^^oz:^A;BT[(Cy + Ca? + {Cv - CaY/^I (2-90) 



3 5t 

) 

(b) relativistic degenerate electrons, and high energy neutrinos ^ Sp (Fermi 
energy of degenerate electrons): 

^e.. = ^<To'-^,[{Cv + Ca? + {Cv - CaY/^I (2.91) 

(c) relativistic degenerate electrons, and low energy neutrinos 6^ <^ Sp 

^e.. = ^ao {j^^' (^^^ [{Cv + Ca? + {Cv - Ca)V3], (2.92) 

As a result, the neutrino scattering optical depth, which is contributed by neutrino- 
nucleon scattering and neutrino-electron, is given by 

Ts,u,{e,^l,T) = H[ap^^np + an,u,nn + (TeMA^e- + ^^6+)] (2.93) 

Using the formulae of neutrino optical depths (12. 841) . (I2.85P and (I2.93P above, 
the total neutrino cooling rate per unit area is (Popham & Narayan 1995; Di Matteo 
et al. 2002) 

n-=V (^/^^-^^^^ (2 94) 

.=tr,. (3/4)[r.,/2 + l/VS + 1/(3^,)] ^ ' ' 

where the total optical depth of the neutrino is r^. = + j,. . Formula (j2.94p is 
designed to operate in both the optically very thin and optically very thick limits. 
Thermodynamics 

The cooling term in energy equation fl2.20p has two contributions: neutrino 
emission (see formula [2.940 and photodisintegration of a-particles 

Q- = + Qphotodis, (2.95) 

where 

^ 6.8X .0»e..c.-^-V (I)-' (^) 

(2.96) 
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with A being the mass number of the nucleons, B being the binding energy of the 
nucleons (=28.3 Mev for ^He) and Xnuc being the mass fraction of free nucleons 

Xnuc = min{l, 295.5p7o'^^r{'/'exp(-0.8209/Tn)}. (2.97) 

The effect of photodisintegration can be neglected in the region with sufficiently 
high temperature and rare a-particles Xnuc ~ 1- 

The advection term in energy equation (12.201) is (Di Matteo et al. 2002; Liu et 
al. 2007) 

Qadv = pVrHT^ 

dr 

[A _4 , 3 ^l + 3X„,e , 4m, 



^ iv,-T [^-asT^ + -p'^ ^ + -^J , (2.98) 

where ^ oc —dhys/dlnr can be approximately taken as equal to 1. Another expression 
of Qadv can be seen in Zhang & Dai (2008a) that 



Q 



adv 



MT 



1 + ^e) + -9* 



(2.99) 



2 ' 'V 4 y 3" p 3 T 

where is the radio of electron to nucleon number density, the parameter g^. = 2 
for photons and = 11/2 for a plasma of photons together with relativistic e~ — e"*" 
pairs. 

The total pressure in the disk is 

P = Pe + Pra.d + Pga.s + Pv (2.100) 

The pressure Pe is contributed by electrons and positrons Pe = Pe~ + Pe+ with 

where pe is the chemical potential of the electron gas. The radiation pressure is 

Prad = aBTV3, (2.102) 

while Popham et al. (1999), Narayan et al. (2001), Di Matteo et al. (2002) took 
Prad = llaBT^/12, which include the contribution of relativistic e~ — e"*" pairs. We 
calculate the pressure of e~ — pairs in the term of Pe, not Prad- Moreover, The 
gas pressure, can be written as 



/ 1 + "i^nuc \ 

\ 4 ) 



Pgas = p3ftT ^^l^p^ , (2.103) 
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as ideal gas pressure is still a good approximation in the neutrino-cooled disks. A 
more elaborate expression considered the series correction is (Janiuk et al. 2007) 

P^(p,n) = |^^^^A'^'[F3/2(r/„ A) + Ai^5/2(r7., A)/2], (2.104) 

where Pi = kT/nieC^, rji = Hi/kBT with /ij being the chemical potential, and 
Fk{rii,(3i) is the incomplete Fermi-Dirac integral for an index k. The pressure of 
neutrinos p,, = on the other hand, can be neglected in neutrino-cooled disks 

for most cases. 

Charge Equilibrium and Chemical Equilibrium 

The charge equilibrium requires 

rir, = ^^—^ = Ue- — ne+, (2.105) 

TUB 

where 

"mpC\ ^ f°° n , dx 



neT=87r(^) / x^dx- — , , (2.106) 

The chemical equilibrium requires 

'^n(J^n+e+—^p+Ue ~^ '^n-^p+e^+u^ ~^ n+Ue^p+e^) (2.107) 

We define a coefficient K equal to GpCy{l + 3g'^)/27i^hJc^ ^ then the transition 
reaction rates from neutrons to protons and from protons to neutrons are 

poo 

Tp+e-^n+u. = K / dE,E,^jEl-mlc\E, - Qff,-, (2.108) 
Jo 



poo 

rp+e-_„+,^ = K / dE,E,^E^^-mlc^{E, - Qfil - f,-), (2.109) 

JQ 

poo 

r„+e+^p+.e = K dE.E.^J El - mlc^{E, + Qff,+ , (2.110) 

poo 

r„+e+^p+p. = K dE,E,^El-mlc\E, + Q)\l - /e+), (2.111) 
rQ 

K^p+e-+.. = K / dE,E,.jEl-ml(^{Q - E,)\l - f,-), (2.112) 

J meC^ 
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rQ 

r„^p+e-+.. = K / dE,E,.jEl-mlc\Q - E,ff,-, (2.113) 

where /e=F = {exp[(£'e — He) /ksT] + 1}^^. If the neutrinos are perfectly thermalized 
and have an ideal Fermi-Dirac distribution, we can simplify equation ()2.107p as 

^1 -xpl^^l^l (2.114, 



for the neutrino-opaque limit and (Yuan 2005) 

-1 =expl^^l (2.115) 



for the neutrino-transparent limilQ- A combined form for both neutrino-opaque and 
transparent cases can be given by (Lee et al. 2005; Liu et al. 2007) 

Let us give a brief summary in this section. We have list all the formulae and 
equations for determining the structure of neutrino-cooled disks as functions of ac- 
cretion rate M, central BH mass M, and the radius r completely. The accretion 
disks satisfies the conservation equations (12.151) . (12.161) . (12.181) and (I2.20p . The total 
neutrino cooling rate is expressed as formula (I2.94|) . while formulae (12.731) to (I2.93p 
show how to calculate various cooling processes and neutrino optical depths. Pho- 
todisintegration is showed as formula (12.961) . while advection fiux can be estimated 
using formula (j2.98l) or (12.991) . The total pressure is contributed by four terms as 
showed in equation (I2.100p . with formulae (I2.10ip to (I2.104p discuss each type of 
pressure. Finally, we need the charge and chemical equilibrium equations (I2.105p 
and (I2.107p . with density equation (12.1061) and transition rates formulae (I2.108P to 
fl2TT3D . 

Effects of Highly Strong Magnetic Fields 

Now we discuss the neutrino-cooled disk with highly strong magnetic fields > 
10^^ G. Such ultrahigh magnetic fields may be generated by amplification processes 
in disks such as differential rotation, or directly form the central BH. Strong magnetic 
fields could change the disk physical properties significantly. The effect of magnetic 
fields on macrophysical conservation equations have been discussed in §2.1.2 (see 



^Beloborodov 2003 derived the relation (ri,„ — np)/(n„ + Up) = 0.487(2/.te — Q)/{kBT) for the 
neutrino-transparent limit. 
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Xie et al. 2007 and Lei et al. 2008 for more discussion). Here er mainly focus on 
microphysics. The main modification in the case of strong magnetized disk comes 
from the available phase space for the electrons. The phase space for i? = should 
be replaced as 

IJl'p — ts.Lf'-^fdp^, (2.117) 

n=0 

where the free degree gnL = 1 for n = 1 and gnL = 2 for n > 1. Thus the energy of 
electron is 

E = ^J-plc^ + m^c^ + 2nLeBhc, (2.118) 

which is the form of "Landau ni-level of energy". The electron number density 
reads 



rieT = 

n=0 



Y.3nL / dp^U, (2.119) 



OO 



h^C 

and the charge equilibrium condition satisfies 



pYe 



rriB „ 

n=0 



T.9nL dp-^iU-U). (2.120) 



The pressure of electrons and positrons is modified as 

Pe^ =YgnL dp , ^ =U. (2.121) 



n=0 



The various neutrino cooling rates should also be modified under in strong magnetic 
fields environment. We give the examples of the e~ — e"*" capture rate, which is the 
most important cooling term in neutrino-cooled disks: 

_G|C;^(l + 3a^ 2^4^^ f e{e - qfde 

(2.122) 



_GlCl^i+^ f e{e + qfde 

g„-,e-^,+p. - g^3^6,5 ^^^^^^^ ) V e'-l-2n,eBrn TJ'"' 

(2.123) 
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G|C|^(l + 3a^ 2 f e{q-efde 

SiT'^hPc^ ^ J y/e^ - 1 - 2nLeBmhc 

(2.124) 



The above equations allows us to solve the structure of neutrino-cooled disks 
with ultrahighly magnetic fields. 



2.6 NDAFs and Neutrino- Cooled Disks II: Solutions 

Analytical Solutions 

Popham, Woosley & Fryer (1999) first studied the structure of neutrino-cooled 
disks with huge accretion rate from COIA/q s^^ to IO.OMq s"^. They simplified the 
formulae of neutrino cooling emission (j2.73l) . ()2.77p in last section as 

q^p ^ 5.0 X lO^^Tf*! ergscm"^ s~^ (2.125) 

for pair annihilation, and 

qeN ~ 9.0 X 10=^VioTA^„„cergscm-=^ s-^ (2.126) 

for the capture of pairs on nucleons. Thus the neutrino cooling rate over a half- 
thickness disk can be written as 

Q~ = iqup + qeN)H. (2.127) 

Moreover, the pressure of electrons is assumed mainly due to relativistic degenerate 
electrons; Pg oc (peV)'^^^ with Y^, being fixed as 0.5. Based on these simplifications, 
Narayan, Piran & Kumar (2001) derived the analytical solutions of NDAFs. They 
took the disk mass (m^M©) and the outer radius {routRs, Rs is the Schwarzschild 
radius of the central BH). GRBs could only be produced when the disk is small 
enough, i.e.. Tout < ll8a_l^'^m'^^m^^'^ with a_i = a/O.l, = M/(3Mq) and 
m = M/Mq s~^, because small disk can be sufficiently cooled via neutrino emission 
and accreted most of its mass into the central BH. On the other hand, large accretion 
disk with its CDAF structure are unlikely to produce GRBs since very little cooling 
mass reaches the BH. When the outer radius satisfies 26.2aZl^'^rn'^^^^^^'n\l'^^^ < 
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—ill 1 3/7 

Tout < 118a_]^' 777,3 1 g^^ pressure dominates in the NDAF. As a result, the 
temperature, accretion timescale and accretion rate of the disk are 

tacc = 2.76 X WaZfrnfrtil 

rh = 36 .2a^^ m'^^^^ mdr~^/^ . (2.128) 

When rout < 26.2aJl^'^m^^^^'^^m^^^'^^ , electron degeneracy pressure takes over from 
gas pressure and the disk quantities are 

tacc = 2.82 X 10~'aZlmf'm~'^\lil 

777 = 355a^im^^^^'^rr\/'^rout'^ ■ (2.129) 

However, these solutions are derived based on the assumption that the accreting gas 
is neutrino optically thin. Since the NDAF may become neutrino optically thick 
when r < 20.5al^^^^?773'^^°^^^^?7i^^''^^^. Inside the radius, neutrino transport should 
be considered. 

The accretion timescale tacc is sensitive dependence on the viscosity parameter 
a. However, the accretion timescale is unlikely to be sufficiently long to explain long 
GRBs, because the above discussions are based on the scenario that the disk or debris 
torus is formed after mergers immediately without supplementary feeding material. 
If the accretion disk can be fed by fallback of material after the collapse of a massive 
star, as in the collapsar model, then the timescale of the burst id determined by 
fallback, not accretion. Such a disk can produce long GRBs. On the other hand, as 
showed in numerical calculations, a disk with a fixed huge hyperaccretion rate may 
contains different regions such as convection-dominated region, neutrino-dominated 
and gas-pressure-dominated or degeneracy-pressure-dominated region at the same 
time. This scenario is different to that in Narayan et al. (2001) that a disk is either 
CDAF or NDAF, depending on its size and total mass. 

Kohri & Mineshige (2002) used semi-analytical method to study NDAFs with 
high surface density S > 10^° g cm~^, which is realized when about a solar mass of 
accreting matter is contained within a disk of size ~ 5 x 10^ cm. Electron degeneracy 
pressure dominates over gas and radiation pressure. This result is consistent with 
that in Narayan et al. (2001). On the other hand, Kohri & Mineshige (2002) also 
showed the discrepancies between their results and those in Narayan et al. (2001). 
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Region 


p 


Q+ 

^ VIS 




T - S relation 


A/ — E relation 


I 


Pgas 




Qr"ad ^ 


„l/3s2/3^-l/2^jl/6 


«4/3s5/3rM-l/3 


II 


Prad 




Qr"ad S-lT* 


Q,-l/420r-3/8jyjl/6 


Q-iE-ir3/2A/-i/2 


III 


Prad 


aS-ir8r-3/2M-i/2 


Q^^ oc aS-3Ti6rii/2Af-5/2 


Q,0si/4r-i/2Mi/4 


aEr-i/2Mi/2 


IV 


Pd.rcl 


aS9/7rr-2Vi4M»/i4 


oc aST2r-l/2M-i/2 


„0sl/7r-5/7jvj4/7 


^£9/7^15/14^,^-5/14 


V 


Pd.rcl 


Q,S9/7Tr-2Vl4M9/14 




j^4/7r-6/7jyj2/7 


Q,29/7rl5/14j^/-5/14 



Table 2.1: T — S and M — S relations in various regions. Here p shows the dominant 
type of pressure. Pd,rei is the electron relativistic degeneracy pressure (Kohri & 
Mineshige 2002). 

For example, the relation prad ^ Pgas is always realized in the nondegenerate electron 
region at T > nieC^/kB, while Narayan et al. (2001) showed Pgas > Prad in this region. 
More elaborate numerical calculations (e.g., Kohri et al. 2005) support the analytical 
result of Kohri & Mineshige (2002). Table 12.11 gives the five cases for T — S and 
M — S relations from Kohri & Mineshige (2002). 

Zhang & Dai (2008a) also obtained a group of analytical solutions both for 
ADAF we do not consider the effect of convection) and NDAF region in a disk with 
fixed accretion rate. The disk region for a radiation-pressure-dominated ADAF is 

T.r'l' < 74.6 (1 + Y:)-"'m^l^m/'^a^l 

r&r'^'^ < 74.6 (1 + Y^)-^'^ mJl^m-^'^all, (2-130) 

where the notations in these relations are slightly different to those in Narayan et al. 
(2001): M = O.OlrhrfMo s~\ M = IAtuMq, r = lOVg cm. Also, the gas-pressure- 
dominated ADAF region satisfies 

^47/22^„20/n > 128(1 + m''/''mf''a-_f/'\ 

r,r'/-' > 74.6 (1 + Fe)"'/' m'/^mf/'a'Jl (2.131) 

The neutrino-cooled dominated region, where satisfies Qadv < Qu i£l 

^47/22^_2o/ii < (1 + Fe)~''/" m'^/''mfaZf^'\ (2.132) 

^In this thesis, neutrino-cooled accretion flows include both ADAFs and NDAFs, because both 
ADAFs and NDAFs are cooled by neutrino emissions. In analytical solutions we consider Q^dv > 
for ADAF case and Qadv < QZ for NDAF case respectively. 
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and the gas-pressure-dominated NDAF is the region where 



(2.133) 



Finally, we derived the region where is degeneracy-pressure-dominated NDAF 



which could only be satisfied for very large radius. 

On the other hand, for a fixed radius r, we could obtain the range of for 
two types of accretion fiows with various dominated pressure. More details about 
the analytical solutions of neutrino-cooled disk will be discussed in §3.3.1. 

Numerical Solutions 

Numerical methods have been carried out to study the neutrino-cooled disks 
first by Popham et al. (1999), then by Di Matteo et al. (2002), Lee & Ramirez-Ruiz 
(2002), Lee et al. (2004, 2005), Janiuk et al. (2004, 2007), Kohri et al. (2005), Gu et 
al. (2006), Chen & Beloborodov (2007), Liu et al. (2007), Shibata et al. (2007), etc. 
Their numerical outcomes are slightly different with each other, due to the different 
simplifications and energy transport forms. 

Popham, Woosley & Fryer (1999) adopted the conservation equations based 
on Kerr geometry, but used simplified equations of neutrino emission and pressure 
mentioned above. They did not consider the effect of neutrino opacity. The disk 
is advection-dominated outside about 10® cm, and neutrino-dominated inside. Di 
Matteo et al. (2002) followed Kohri & Mineshige (2002) to discuss various neu- 
trino cooling processes, and focused on the effect of neutrino opacity at high M. 
They found that, for M > IMq s~^, neutrinos are sufficiently trapped that energy 
advection becomes the dominant cooling mechanism in the fiow. Thus the neu- 
trino luminosity would decrease for high accretion rate, and uu annihilation above 
the neutrino-cooled disk is an inefficient mechanism. Similar to Popham et al. 
(1999), they mainly considered the contribution of relativistic degeneracy pressure 
Pe oc {pYeY^^ in the term of electron pressure, and fix Yg to be 0.5 in their calcula- 
tions. Gu et al. (2006), on the other hand, argued that in the optically thick region 
advection does not necessary dominate over neutrino cooling because the advection 
factor /adv = Qadv/Qtis relevant to the geometrical depth rather tan the optical 



r,f-'/' > 8.07 X 19W/3m;2/'a2_/f (i + yji2 ^ 
r,r'/' > 174m^/3a2.3^;2/3^-8/3^ 



38/33 



(2.134) 
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Figure 2.3: contours of matter density pio = p/10 g cm~'^, temperature T\\ = 
K, the degeneracy parameter ?7e and the dominant coohng process in the 
radius-accretion rate parameter plane (kohri et al. 2005). 



depth of the flow (Abramowicz et ah 1986) 
/adv oc {H/rf. 



(2.135) 



This conclusion is consistent with the more elaborate numerical calculations by 
Kohri et al. (2005). 

Kohri, Narayan & Piran (2005) calculated the electron pressure and density 
using the Fermi-Dirac distribution (12.1011) and (12.1061) . and adopt the full equation 
(I2.94P for neutrino cooling rate, thermal equation (12.1141) for chemical equilibrium 
calculation. Figure [2731 shows the contours of matter density pio = p/10^° g cm"'^, 
temperature Tn = T/10^^ K, the degeneracy parameter rje and the dominant cooling 



process in the radius-accretion rate parameter plane. Moreover, Figure 12.41 is the 
contour of the nucleon fraction Xnuc, neutrino-to-proton ratio, the dominant source 
of pressure and number density of electrons. These two figures well describe the 
physical properties of the Newtonian Keplerian neutrino-cooled disk from accretion 
rate less than O.lMg s"^ to IO^Mq s"^ in the disk of size ~ 6 x 10^(M/Mq) cm. 
Similar to Popham et al. (1999), Chen & Beloborodov (2007) presented general 
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Figure 2.5: 



relativistic calculation of macrophysical structure of neutrino-cooled disks around 
Kerr BHs. Also, they adopted Fermi-Dirac distributions to calculate the electron 
density and pressure. However, they only considered the e~ — e+ pair capture onto 
nucleons among various neutrino cooling processes, and simplified the equations of 
neutrino transfer and total cooling rate. Figure [2?5] gives the scenario of an accretion 
disk around a Kerr BH with a huge accretion rate, where radius r^, rign, r^, rp, rtr 
are five characteristic radii: 

• Radius Tq, where 50% of the a-particles are decomposed into three nucleons 
via photodisintegration process. 

• "Ignition" radius ngn, where the neutrino emission switches on, i.e., the accre- 
tion flow becomes neutrino-cooled. The ignition radius exists only if M > Mign, 
where the critical accretion rate Mign depends on the viscosity parameter a 
and spin parameter a. 

• Radius r^, where the disk becomes opaque for neutrinos and they relax to a 
thermal distribution. 

• Radius rp, where the disk becomes opaque for antineutrinos. Then both neu- 
trinos and antineutrinos are now in thermal equilibrium with the matter. 

• Radius rtr, where the timescale of neutrino diffusion becomes longer than the 
accretion timescale, and neutrinos get rapped and advected into the black hole. 
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2D and 3D time-dependent simulations were given by Lee & Ramirez-Ruiz 
(2002), Lee et aL (2004, 2005) and Setiawan et al. (2004). Lee & Ramirez-Ruiz 
(2002) took the disk initial condition from 3D BH-NS simulations and studied the 
time dependence of the disk structure for 0.2 s in 2D cylindrical coordinates {r,z). 
They showed the dynamical evolution of the accretion disks formed after BH-NS 
mergers. A neutrino-cooled disk could produce a short impulsive energy input Li,p oc 
^-5/2 yj^ z/i/-annihilation, while strong fields B ^ 10^^ G being anchored in the dense 
matter could also power a short GRB. However, the equation of state was simplified 
in Lee & Ramirez-Ruiz (2002) with a ideal gas and adiabatic index T = 4/3. Also, 
they assumed that all the energy dissipated by viscosity is radiated away. Next Lee 
et al. (2004) improved the equations of state following Popham et al. (1999) and Di 
Matteo et al. (2002), and considered pair capture on nucleons as the main neutrino 
cooling process. The improved simulations last approximately 1 s. The inclusion of 
neutrino optical depth effects produces important qualitative temporal and spatial 
transitions in the evolution and structure of the disk, which may directly reflect on 
the duration and variability of short GRBs. Later, more elaborate 2D simulations 
were carried out, also by Lee et al. (2005), who used much more details detailed 
equation of state, neutrino emission processes and optical depths. They construct 
the bridging formula for chemical equilibrium in both optical thin and thick cases 
(i.e., equation |2.115| ). However, the effect of neutrino absorption was still neglected, 
since the total neutrino cooling luminosity is computed according 



Also, as conservation equations were not included, the initial conditions were also 
taken from the results of BH-NS merger simulations. Setiawan, Ruffert, & Janka 
(2004) presented 3D simulations of a time-dependent hyperaccretion disk around a 
BH, while the initial data is obtained from Janka et al. (1999) with a BH mass 
of 4.017Mq and torus mass changing from O.OI2OM0 to O.1912M0. The accretion 
duration in their model is about tens of milliseconds. 

The above 2D and 3D simulations stared with initial disk conditions obtained 
from the early-phase simulations of compact stars merger, and focused on disk dy- 
namical evolution less than 1 s. Janiuk et al. (2004) self-consistently obtained the 
initial disk structure based on the equations as showed in Popham et al. (1999), Di 
Matteo et al. (2002), Kohri et al. (2005); and extended the study of disk evolution 
to much longer timescale. The time-dependent evolution is mainly cased by density 




(2.136) 
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Figure 2.6: The evolution of local accretion, for several chosen radial locations in 
the disk: 6.87, 7.73 and 12.85 Rs. The starting accretion rate is M = 12Mq 
(Janiuk et al. 2007). 

and temperature variation, which can be determined by time-dependent equations 
of mass and angular momentum conservation 



as _ 1 a 

dt r dr 



or 



(2.137) 



where X = {P ~ Prad)/p- Moreover, the contribution of photodisintegration varies 
with time as 

Qp-hoto oc..^ + (2.139) 

Janiuk et al. (2007) found that, for sufficiently large accretion rates (M > lOM© 
s~^, the inner regions of the disk develop a viscous and thermal instability, which 
might be relevant for GRB observations. For example. Figure [2?6l showed the behav- 
ior of the local accretion rate in the unstable disk at several chosen locations with 
the instability strip. Furthermore, Metzger, Piro & Quataert (2008) presented the 
dynamical evolution of the neutrino-cooled disks in a timescale of ~ 100 s based on 
their "ring model", which treats the disk as a single annulus that is evolved forward 
in time. They also obtained analytic self-similar time-depend solution that the disk 
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mass Md oc t the accretion rate M oc t ^^/^ for neutrino-cooled thin disk, and 
Md oc t"^/'^, M oc for late-time advective case. 



2.7 Neutrino Annihilation and Jet Production 

In neutrino-cooled disks and other compact high-energy objects, a significant frac- 
tion of the gravitational energy is converted during the accretion into neutrino flux. 
This energy is available to extracted via z/i/-annihilation and subsequent pair produc- 
tion. The problem is that, could the process of z/z/-annihilation launch a relativistic 
jet, and provide sufficient energy for a GRB? We have mentioned some results of 
i^z/-annihilation above disks, now we discuss this process more detailed. 

Motivated by the delayed explosion of Type II supernovae, the energy depo- 
sition rate due to the z/i/-annihilation above the spherical neutrinosphere has been 
calculated by Cooperstein et al. (1986), Goodman et al. (1987), Berezinsky & Pri- 
lutsky (1987) and later by Salmonson & Wilson (1999). The uu e~e+ deposition 
per unit time per volume in Newtonian case is (Goodman et al. 1987) 



Q<^p{r) = f^{p^,r)fp{p^,r){a\v^-vp\e^ei,}— ^d^p^d^p^, (2.140) 



where f^, and /p are the numbers of neutrinos and antineutrinos per unit volume 
per momentum state, Vj, is the velocity of the neutrino, and a is the appropriate 
rest-frame cross section, which can be calculated as 



where G| = 5.29 x 10"^^ cm^ Mev'^ and 

^^l±W>>„, + 8sin^0H-^ (2.142) 

with the plus sign being for i^gZ/g pairs and minus sign being for ly^iy^ and z/^-P^ pairs, 
and siii^Ow ~ 0.23. Taking d^p^ = {el/c^)deude^^ we obtain 




{a\vu - V, 



£u£u} — 2J^ G^(£^£p — Pj^ ■ PpC 



(2.141) 




e' 



(2.143) 



where the angular integration factor 




(2.144) 
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The phase factor integrations are 

Uetde, = ^-j^ (2.146) 

Thus the z/P-annihilation energy deposition rate is 

^-W = ^-^^^^^^{ksTfQir) oc T^e(r), (2.147) 

where the angular integration can be analytically derived as 

e(r) = ^(1 -x)^(x2 + 4x + 5) (2.148) 

with X = a/1 — {Ru/rY- Here is the radius of neutrinosphere. Goodman et al. 
(1987) estimated the total rate of annihilation energy input 

Q{ueUe) = / g(z/ei^e)4vrr2rfr = 0.682 x 10^^ ergs s"^ 
Q{u^iy^) = Q{urUr) = 0.585 x 10^^ ergs s"^ 

Q(total) = 1.9 X 10^^ ergs s~\ (2.149) 

Salmonson & Wilson (1999) calculated the annihilation rate in Schwarzchild coor- 
dinates 

where L^o is the luminosity at r — > oo. It is found that the efficiency of uu- 
annihilation is enhanced over the Newtonian values up to a factor of more than 
4 times for a spherical neutrinosphere. 

Asano &: Fukuyama (2000), on the contrary , argued that the gravitational ef- 
fects do not substantially change the annihilation energy deposition rate. They stud- 
ied the gravitational effects on the annihilation rate for neutrinosphere with either 
spherical or disk geometry, assuming the neutrinosphere is isothermal and the gravi- 
tational fields by the Schwarzchild BH. The main discrepancy between Salmonson &; 
Wilson (1999) and Asano & Fukuyama (2000), is probably that, the former consid- 
ered the proper energy deposition rate per unit proper time, but the latter computed 
the deposition rate per unit world time under the isothermal assumption (Birkl et 
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al. 2007). Later Asano & Fukuyama (2001) investigated the effects of Kerr BH 
on the neutrino-cooled accretion disks. They found that the energy deposition rate 
can be either decreased or increased up to a factor about 2, depending on the Kerr 
parameter a and temperature distribution of the neutrinosphere. 

Miller et al. (2003) considered the full 3D calculations of the z/z/-annihilation 
above a thin disk around a Kerr BH using full geodesic equations. Formula (12.1401) is 
still used to calculate the energy deposition rate at a point x. The momentum and 
velocity vector in (]2.140|) is measured in the local frame at x with an orthonormal 
base 

^ 1,0,0,0), (6^ = ^^(1,0,0,0), 



9tt V-9r 
(6^ = ^^(0,0,1,0), 

(^^) = \/^?^!-^(°'°'^'°) ^2.151) 

where {t, r, 9, (p) is measured in the global Boyer-Lindquist spacetime metric. The 
steps for evaluating /^(p) with a chosen direction p in the local frame in (j2.140p are 
as follows: 

• Transform p to global Boyer-Linquist frame by pQ = p^e^. 

• Trace the geodesies to the disk starting at the observer point back to the point 
at the disk {tDyXo) and 4-momentum p^) = {Ed,Pd)- The geodesic equation 
is 

^=Pg, ^ = -WpI (2.152) 

• Compute fuit.x.pc) = fu{tD,XD,PD) = [1 + exp{ED/kBTD)]^^ , where Ed = 
Pd ■ Ud with UDitDyXn) being the 4- velocity at the disk. 

In many cases, fu{p) = because the geodesies cannot be traced back to the 
surface of the disk. Birkl et al. (2007) used the similar geodesies trace method to 
investigate the effects of general relativity (GR) on the i^zz-annihilation, and they 
studied different shapes of the neutrinospheres, such as spheres, thin disks and thick 
accretion torus. It was found that, GR effects increase the total annihilation rate 
measured by an observer at infinity by a factor of two when the neutrinosphere is a 
thin disk, but the increase is only ~ 25% for toroidal and spherical neutrinospheres. 
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The above works mainly focus on the process of i^z/-annihilation and the effects 
of GR. The properties of disk or torus neutrinosphere is simplified. On the other 
hand, some researchers, as mentions in last section §2.1.6, derived the disk structure 
and neutrino luminosity by solve the group of equations of state, hydrodynamics, 
thermodynamics and microphysics in detail; but they adopted a relatively simple 
method to calculate the z/i/-annihilation process. Since GR effect cannot change the 
result dramatically, Newtonian scenario is a good approximation for annihilation 
calculation. Popham, Woosley & Fryer (1999) calculated the neutrino annihilation 
at any point above a neutrino-cooled disk by a simplified expression (see also Ruffert 
et al. 1997; Rosswog et al. 2003) 

+A2J:k—j^^k'-^— -{I - cosOkk'), (2.153) 

where Ai ^ 1.7 x lO^^'' cm ergs^^ s~^ and A2 ~ 1.6 x 10^^^ cm ergs"^ s~^ are the 
neutrino cross section constants for electron neutrinos. The disk is modeled as a 
grid of cells in the plane with neutrino mean energy e^^ and luminosity AL'l^. For 
each pair of cells and a given point above the scale half-thickness of the disk iJ(r), 
dk is the distance from each cell to that point, and {6) is angle between the neutrinos 
and antineutrinos from the pair of cells interact. The summation over all pairs of 
cells gives the energy density from pair production itui^ii'i) at that point. Moreover, 
integrating over the distance above the plane and taking advantage of the cylindrical 
symmetry of the disk. 



27rr / ltM^^)dz, (2.154) 

JH{r) 

demonstrates the distribution of annihilation energy deposition rate along the disk 
radius r. Further integrating the luminosity over the equatorial raids gives the total 
neutrino annihilation luminosity. Figure 12.71 gives the vv annihilation luminosity 
distribution along the disk radius and the z-direction for M = O.IMq s~^ and the 
mass of BH M = 3.0Mq. The total luminosity out to each radius is also plotted in 



Figure [2771 for the same models. In these examples, a half of the annihilation energy 



is injected in a narrow beam with radii< 2 x 10 cm. Table [2T2] gives the neutrino 
annihilation energies and efficiencies for all models studied by Popham et al. (1999). 
The efficiency increases with the increasing of accretion rate and spin parameter a. 
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Figure 2.7: vv annihilation luminosity distribution along the disk radius (left panel) 
and the z-direction (right panel) for M = O.IMq s^^ and the mass of BH M = 
3.0Mq. The total luminosity out to each radius is also plotted (Popham et al. 
1999). 
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Table 2.2: The neutrino annihilation efficiency for different cases. (Popham, 
Woosley, & Fryer 1999). 
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The energy conversion efficiencies become extremely high for M = IOMq s ^ 



However, the results showed in Table 12.21 is too optimistic, as they do not consider 
neutrino opacity and overestimate the neutrino luminosity. Di Matteo et al. (2002) 
showed that the effect of neutrino opacity becomes significant for M > IMq s~^, 
and recalculated the annihilation rate by 



Luu ~ 6 X 10 



-35 



TTC [1 (^f^min/ ^rmsurf^ ] 
I poo 

X / (ie$(cos6'min — cos6'surf)^ ergs s~^, (2.155) 

'^rmsurf Jo 

where L^, is the neutrino luminosity, r^^^^ is the inner edge of the disk, rsmf is the 
radius where t^, = 2/3, and is the average energy of the escaping neutrinos. Di 
Matteo et al. (2002) demonstrated that the L^p increases up to its maximum value 
of ~ 10^° ergs s~^ at M > IMq s~^ and decreases for large M. Thus Di Matteo et 
al. (2002) concluded that the annihilation in hyperaccreting BHs is an inefficient 
mechanism for liberating large amounts of energy. However, they neglected the 
neutrino emission from the region with neutrino optical depth r > 2/3. Gu et al. 
(2006), on the other hand, showed that the energy released by annihilation is still 
sufficient, if the contribution from the optically thick region of the neutrino-cooled 
disks r > 2/3 is included. Liu et al. (2007) improved the results of Gu et al. (2007) 
based on more elaborate calculations similar to Kohri et al. (2005). The electron 
degeneracy and the lower Yf, < 0.5 resulting from the neutronization processes indeed 
suppress the neutrino emission considerably, thus the resulting L^, and L^p are lower 
than the simplified calculations by Gu et al. (2006). However, the corrected L^^p 
still reaches to ~ 10^^ ergs s~^ for M ~ IOMq s~\ thus can provide the energy of 
GRBs. Figure [2^81 gives the neutrino radiation efficiency ri^{= L^/Mc^) and neutrino 
annihilation efficiency ri^p{= Lyp/L,,) as a function of accretion rate, rjyp increases 
rapidly with increasing M. Figure [2^9] is the contour of 27rr/^p in units of ergs s~^ 
cm~^. Similar to the results in Popham et al. (1999), the i^z/-annihilation strongly 
concentrates near the central region of space. Nearly 60% of the total annihilation 
luminosity is ejected from the region r < 20rg. Also, Figure 12.91 shows that the 
annihilation luminosity varies more rapidly along the 2;-direction than along the 
r-direction. 

Although the space distribution of the i^z/-annihilation energy deposition rate 
can be calculated, it is less clear how could such process produce a narrowly col- 
limated relativistic jet, which is required in the GRB inner shock model. In the 
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Figure 2.8: Neutrino emission efficiency rj^ and neutrino annihilation efficiency ?7j,p 
with M = 3Mq, a = 0.1 (Liu et al. 2007). 




Figure 2.9: Contours of the z/i^-annihilation luminosity above the disk in units of 
ergs s"^ cm~^. The parameters are the same as in Fig. 12.81 (Liu et al. 2007). 
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Figure 2.10: Density contour with velocity fields for BH-disk model without mag- 
netic fields in Nagataki et al. (2007): t = 2.1s (left panel) and t = 2.2s (right panel). 
The central region is r < 10*^ cm in this figure. No jet is launched. 



collapsar scenario, as mentioned in §1.3.3, Aloy et al. (2000) and Zhang et al. 
(2003, 2004) showed that the jets from the central BH+disk systems are collimated 
by their passage through passage through the stellar mantle. But how can a jet, 
or called "the seed of jet", forms inside 10^^ cm? MacFayden et al. (1999, 2001) 
discussed that it is not possible to produce a strong jet very early when the momen- 
tum of the infalling material along the axis is too high. At ~ 1 s, for example, the 
density of the infalling material is > 10^ g cm~^ and its velocity is ~ 10^° cm s"^ 
for Type I collapsar. Thus any energy deposited by neutrino will be advected into 
the BH. As time passes, the density especially the density along the polar direction 
declines, and a disk is formed with the accretion rate up to ~ O.IM© s"^ about 10 
s after core collapse. Thus MacFayden et al. (1999, 2001) discussed that the jets 
could be initiated when the disk has fully formed, although the initial jets are not 
well collimated. However, their work did not includes the detailed microphysics of 
the z/z/-annihilation heating for jets formation. More detailed Mewtonian simula- 
tions (e.g., Nagataki et al. 2007) and GR simulations (e.g., Nagataki et al. 2009) 
showed that, the z/z/-annihilation processes are not efficient to launch a relativistic 
jet. Figure ETTO] shows the density contour of the central region of collapsar without 
magnetic fields at t = 2.1 s and t = 2.2 s. No jet occurs in this case, partly because 
the accretion rate which drops monotonically from ~ O.IMq s~^ to ~ 10~^Mq s~^ 
is not high enough to provide energy along the polar axis. It is possible longterm 
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simulations (at least ~ 10 s) is needed to see whether the jets could be formed. 

Besides the collapsar scenario, jets formation after compact object mergers has 
also been studied. As the environment outside the BH+disk systems > 10^ cm does 
not collimate the initial jets as showed in the stellar mantle of coUapsars in this 
case, other mechanism should be considered. For example, Rosswog et al. (2003) 
found that the i/z/-annihilation may fail to explain the apparent isotropized energies 
implied for short GRBs, unless the jet is beamed into less than 1 per cent of the 
solid angle. They argued that the energetic, neutrino-driven wind may have enough 
pressure, and thus provide adequate collimation to the i^z/-annihilation-driven jet, 
based on the mechanism pointed out by Levinson & Eichler (2000) that the pressure 
and inertia of a baryonic wind can lead to the collimation of a baryon-poor jet, 
However, such pressure-driven collimation was not self-consistently obtained in the 
simulations of Rosswog et al. (2003). As a result, it is still an open question that 
whether the z/i/-annihilation mechanism is efficient to launch a relativistic collimated 
jet which can produce a GRB. 

2.8 MHD Processes and Jet Production 

Jets produced in accreting systems surrounded by magnetic fields via MHD processes 
have been widely studied in various astrophysics objects such as active galactic 
nuclei, galactic microquasars as well as GRBs. Strong magnetic fields up to lO^'' — 
10^^ G is required to launch relativistic Poynting-flux-jets from the stellar-mass BH+ 
diks systems and rive the GRB phenomena. Even if the initial magnetic fields are 
low in the progenitors such as weak magnetic massive collapsar, it is still expected 
that magnetic fields can be amplified by the magneto-rotational instability (MRI, 
Balbus & Hawley, 1991; or see Balbus k. Hawley 1998 for a review). Although the 
mechanisms for the creation of MHD jets are still a matter of much debate, there 
are two basic types of MHD mechanisms that may account for the jet formation 
(Garofalo 2009). The first involves a magnetocentrifugal or MHD wind similiar to 
the solar wind phenomena (e.g., Blandford & Payne 1982; Koide et al. 1998, 1999). 
The second class of mechanism applied only to BH accretors, which drive jets by 
their ergosphere (e.g., Pernose 1969; Blandford & Znajek 1977). 

Blandford & Payne (1982) illustrated that a centrifugally driven wind from the 
disk is possible if the poloidal component of the magnetic field makes an angle of 
less than ~ 60° with the disk surface. At large distances from the disk, the toroidal 
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component of the field becomes important and collimates the outflow into a pair 
of anti-parallel jets moving perpendicular to the disk. Close to the disk, the flow 
is probably driven by gas pressure in a hot magnetically dominated corona. As a 
result, magnetic stresses can extract the angular momentum from a thin disk and 
enable matter to be acreted, independently of the disk viscosity. Although the basic 
purpose of Blandford & Payne (1982) was to explain the radio jets which emerging 
from the AGNs, this mechanism does also work in the stellar-mass BH+ disk system 
as the GRB central engine. However, this mechanism tends to produce relatively 
cold jets, in the sense that the thermal energy of the jet is not initially large compared 
to either the rest mass of the jet or the jet kinetic energy. MacFadyen et al. (2001) 
discussed that cold MHD jets may be collimated both by magnetic flelds and by 
geometry. 

Christodolou (1970) flrst discussed that for a rotating hole described by the Kerr 
metric, a portion of the rest mass can be regarded as "reducible" in the sues that it 
can be removed and extracted to infinity. The possibility of extracting the reducible 
mass was discussed by Pernose (1969) that the existence of negative energy orbits 
within the ergosphere surrounding a Kerr BH permits the mechanical extraction 
of energy via certain types of particle collision (see Teukolsky & Press 1974 for a 
similar process study). However, neither process seems likely to operate effectively 
in any astrophysical situatioij^. Blandford & Znajek (1977) studied a rotating BH 
surrounded by a stationary axisymmetric magnetized plasma (see Figure [2TTT1) . They 
showed an effective mechanism which can extracted the rotational energy of the 
BH by ergosphere. This mechanism appears when the charges around the BH are 
sufficient to provide the force-free condition. The fundamental equations describing 
a stationary axiymmetric magnetosphere were derived in Blandford & Znajek (1977), 
and the details of the energy and angular momentum balance were discussed. The 
poloidal components of the conserved electromagnetic energy flux S'r and angular 
momentum flux =Sf,. satisfy 

<^r = u;{Qh - oo) ( , {rl + a')eo, (2.156) 



i + o?cos'^9 



S£r = <^r/uJ, (2.157) 

^Piran & Shaham (1975, 1977), as showed in §1, suggested a Galactic GRB model that GRBs 
are produced in the X-ray binary systems, are Compton scattered by tangentially moving electrons 
deep in the ergosphere of the rotating black hole via the Penrose mechanism. 
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Figure 2.11: Schematic cross-section of BH and magnetosphere. A current / is 
flowing from the magnetosphere into the hole, and back out of the hole into the disk 
D lying in the 9 = 71/2 plane. Between the disk and the hole there is a transition 
region T in which the matter is falling from the disk to the hole. More details can 
be seen in Blandford & Znajek (1977). 

where VLh = a/{r\+a?) is the angular velocity of the hole with r_|_ being the radius of 
the event horizon, oj is the "rotation frequency" of the electromagnetic fields, and 
is the 0-component of a vector potential A^. Here the Boyer-Lindqust coordinates 
are adopted. Thus S^.S^^ > implies < < f2/J^. Furthermore, Blandford & 
Znajek (1977) adopted a perturbation technique to provide approximate solutions 
for slowly rotating holes a <^ 1. Particularly, for the force-free magnetosphere with 
a paraboloidal magnetic force, the extracted energy appears to be focused along the 
rotation axis, and the power radiated satisfies 

Lbz « Yi^^^B\\a-c. (2.168) 

Although the formula (12.1581) was originally obtained for a <^ 1, Komissarov (2001) 
has performed a numerical study of the BZ solution concluding that the formula is 
valid at least up to a = 0.9. 

GRMHD simulations in the Kerr metric in 2D (McKinney &: Gammie 2004; 
Mckiney 2005, 2006; Garofalo 2009) and in 3D (De Villiers et al. 2003, 2005; Hirose 



^According to the numerical resutls of Komissarov (2001) and the argument of MacDonald & 
Throne (1982), uj adjusts to ^ ^h/'^ even at large a. 
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et al. 2004; Krolik et al. 2005; Hawley & Krolik 2006) have been carried out to 
investigate the properties of the MHD jets from the central BHs surrounded by the 
magnetized plasma. For example, McKinney k. Gammie (2004) used a general rela- 
tivistic MHD code (HARM) to evolve a weakly magnetized thick disk around a Kerr 
BH. They found an outward electromagnetic energy flux on the event horizon as an- 
ticipated by Blandford & Znajek (1977). The funnel region near the polar axis of the 
BH is consistent with the BZ model. The outward electromagnetic energy flux is, 
however, overwhelmed by the inward flux of energy associated with the rest-mass and 
internal energy of the accreting plasma. This result that suggested confirms work by 
Ghosh & Abramowicz (1997) that suggested the BZ luminosity should be small or 
comparable to the nominal accretion luminosity. Hawley & Krolik (2006) examined 
the unbound axial outflows (jets) that develop within 3D GRMHD simulations. Dif- 
ferent to most of other studies that magnetic field boundary conditions are imposed 
on the simulations, they simulated how accretion dynamics self-consistently creates 
magnetic field and explore the outflows and jets. They jets have two major com- 
ponents: a matter-dominated outflow that moves at a modest velocity (v/c ~ 0.3) 
along the centrifugal barrier surrounding an evacuated axial funnel, and a highly 
relativistic Poynting flux-dominated jet within the funnel. The funnel-wall jet is 
accelerated and collimated by magnetic and gas pressure forces in the inner torus 
and the surrounding corona. The Poynting flux jet results from the formation of a 
large-scale radial magnetic field within the funnel. This field is spun by the rotating 
spacetime of the BH. Figure 12.121 shows the specific angular momentum and mass 
flux at late time of MHD outflows and jets evolution in Hawley & Krolik (2006). 
Their results are in general agreement with those of Blandford & Znajek (1977), but 
there are also specific differences from the classical Blandford-Znajek model. For 
instance, it is not in general in a state of force-free equilibrium in the magnetically 
dominated funnel region. Also, the electromangetic luminosity in the outflows that 
places entirely as a by-produce of accretion in Hawley & Krolik (2006), whereas in 
the classical BZ model there was zero accretion. Recently, Garofalo (2009) studies 
the spin-dependence of the BZ effect. Large scale magnetic flelds are enhanced on 
the BH compared to the inner accretion flow and that the ease with which this 
occurs for lower prograde BH spin, produces a spin dependence in the BZ effect. 

The GRMHD simulations mentioned above are not directly applicable to the 
GRB they do not consider the dense disks with huge accretion rate with a 

fraction of solar mass per second and the neutrino cooling and heating processes. 
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Figure 2.12: Specific angular momentum and mass flux at late time in the KDPs 
simulation in Hawley & Krolik (2006), Colar contours show the mass- weighted mean 
angular momentum in the funnel-wall outflow. Th radius is in unit of M with 
G = c = l. 

Nagataki (2009) studied the outgoing Poynting flux exists at the horizon of the 
central BH around the polar region inside a collapsar. They concluded that the jet 
is launched mainly by the magnetic held amplifled by the gravitational collapse and 
differential rotation around the BH, rather than the BZ mechanism in this study. 
However, no microphysics is included in the code such as nuclear reactions, neutrino 
processes, and equation of state for dense matter. Further studied should be done 
in subsequent work. 



2.8. MHD Processes and Jet Production 126 



Chapter 3 



Hyperaccretion Disks around 
Neutron Stars 

3.1 Introduction 

Gamma-ray bursts (GRBs) are commonly divided into two classes: short-duration, 
hard-spectrum bursts, and long-duration, soft-spectrum bursts. The observations 
have provided growing evidence that short bursts result from the mergers of compact 
star binaries and long bursts originate from the collapses of massive stars (for recent 
reviews see Zhang & Meszaros 2004; Piran 2004; Meszaros 2006; Nakar 2007). It is 
usually assumed that both a compact-star merger and a massive-star collapse give 
rise to a central black hole and a debris torus around it. The torus has a mass of 
about 0.01 — IMq and a large angular momentum enough to produce a transient 
accretion disk with a huge accretion rate up to ~ I.OMq s^^. The accretion timescale 
is short, e.g., a fraction of one second after the merger of two neutron stars, and 
tens of seconds if a disk forms due to fallback of matter during the collapse process. 

The hyperaccretion disk around a black hole is extremely hot and dense. The 
optical depth of the accreting gas is so enormous that radiation is trapped inside 
the disk and can only be advected inward. However, in some cases, this hot and 
dense disk can be cooled via neutrino emission (Narayan et al. 1992). According 
to the disk structure and different cooling mechanisms, flows in the disk fall into 
three types: advection-dominated accretion flows (ADAFs), convection-dominated 
accretion flows (CDAFs), and neutrino-dominated accretion flows (NDAFs). The 
flrst two types of flow are radioactively inefficient (Narayan et al. 1998, 2000, 2001) 
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and the final type cools the disk efficiently via neutrino emission (Popham et al. 
1999; Di Matteo et al. 2002). In view of eff'ects of these three flows, hyperaccretion 
disks around black holes have been studied both analytically and numerically (e.g., 
see Popham et al. 1999; Narayan et al. 2001; Kohri & Mineshige 2002; Di Matteo 
et al. 2002; Gu et al. 2006; Chen & Beloborodov 2007; Liu et al. 2007; Janiuk et 
al. 2007). 

However, newborn neutron stars have been invoked to be central engines of 
GRBs in some origin/afterglow models. First, the discovery of X-ray flares by Swift 
implies that the central engines of some GRBs are in a long-living activity (at 
least hundreds of seconds) after the bursts (Zhang 2007). This provides a challenge 
to conventional hyperaccretion disk models of black holes. Recently, Dai et al. 
(2006) argued that newborn central compact objects in the GRBs could be young 
neutron stars, at least transiently-existing neutron stars, rather than black holes 
(for alternative models see Perna et al. 2006 and Proga & Zhang 2006). These 
neutron stars may have high angular momentum and their maximum mass may 
be close to or slightly larger than the upper mass limit of nonrotating Tolman- 
Oppenheimer-Volkoff neutron stars. According to this argument, Dai et al. (2006) 
explained X-ray flares of short GRBs as being due to magnetic reconnection-driven 
events from highly-magnetized millisecond pulsars. It is thus reasonable to assume 
a unified scenario: a prompt burst originates from a highly-magnetized, millisecond- 
period neutron star surrounded by a transient hyperaccretion disk, and subsequent 
X-ray flares are due to a series of magnetic activities of the neutron star. 

Second, the shallow decay phase of X-ray afterglows about several hundreds of 
seconds after a sizable fraction of GRBs discovered by Swift has been understood 
as arising from long-lasting energy injection to relativistic forward shocks (Zhang 
2007). It was proposed before Swift observations that pulsars in the unifled scenario 
mentioned above can provide energy injection to a forward shock through magnetic 
dipole radiation, leading to flattening of an afterglow light curve (Dai & Lu 1998a; 
Zhang & Meszaros 2001; Dai 2004). Recent model fltting (Fan & Xu 2006; Yu & 
Dai 2007) and data analysis (Liang et al. 2007) indeed confirm this result. An 
ultra-relativistic pulsar wind could be dominated by electron/positron pairs and 
its interaction with a postburst fireball gives rise to a reverse shock and forward 
shock (Dai 2004). The high-energy emission due to inverse-Compton scattering in 
these shocks is significant enough to be detectable with the upcoming Gamma-ray 
Large- Area Space Telescope (Yu et al. 2007). 
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Third, we note that, in some origin models of GRBs (e.g., Kluzniak & Ruderman 
1998; Dai & Lu 1998b; Wheeler et al. 2000; Wang et al. 2000; Paczynski & 
Haensel 2005), highly-magnetized neutron stars or strange quark stars surrounded 
by hyperaccretion disks resulting from fallback of matter could occur during the 
collapses of massive stars or the mergers of two neutron stars. A similar neutron 
star was recently invoked in numerical simulations of Mazzali et al. (2006) and data 
analysis of Soderberg et al. (2006) to understand the properties of supernova SN 
2006aj associated with GRB 060218. In addition, hyperaccretion disks could also 
occur in type-II supernovae if fall-back matter has angular momentum. It would be 
expected that such disks play an important role in supernova explosions via neutrino 
emission, similar to some effects reviewed by Bethe (1990). 

Based on these motivations, we here investigate a hyperaccretion disk around 
a neutron star. To our knowledge, this paper is the first to study hyperaccretion 
disks around neutron stars related possibly with GRBs. Chevalier (1996) discussed 
the structure of dense and neutrino-cooled disks around neutron stars. He consid- 
ered neutrino cooling due to electron-positron pair annihilation, which is actually 
much less important than the cooling due to electron-positron pair capture in the 
hyperaccreting case of our interest, since the accretion rate assumed in Chevalier 
(1996) (~ MQyr"^) is much less than that of our concern (~ O.IMqS"^). In this 
chapter we consider several types of neutrino cooling by using elaborate formulae 
developed in recent years. In addition, we focus on some differences between black 
hole and neutron star hyperaccretion. A main difference is that, the internal energy 
in an accretion fiow may be advected inward into the event horizon without any 
energy release if the central object is a black hole, but the internal energy must be 
eventually released from the disk if the central object is a neutron star, because the 
stellar surface prevents any heat energy from being advected inward into the star. 
Since the accretion rate is always very high, the effective cooling mechanism in the 
disk is still neutrino emission, and as a result, the efficiency of neutrino cooling of 
the entire disk around a neutron star should be higher than that of a black hole 
disk. 

There have been a lot of works to study accretion onto neutron stars in bi- 
nary systems (e.g., Shapiro & Salpeter 1975; Kluzniak & Wilson 1991; Medvedev & 
Narayan 2001; Frank et al. 2002) and supernova explosions (e.g.. Chevalier 1989, 
1996; Brown k. Weingartner 1994; Kohri et al. 2005). In the supernova case, spher- 
ically symmetric accretion onto neutron stars (the so-called Bondi accretion) was 
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notation 


definition 


§/Eq. 


771 


mass of tlie central neutron star, 771 = M/\AMq 


p.3.1, (|3.2ip 




mass accretion rate, ihd = M /Q.Q1MqS~^ 


§3.3.1, (|3.21| 


Ye 


ratio of the electron to nucleon number density in the disk 


§3.2.2, 1321) 


r* 


radius of the neutron star 


§3.2.3, |3.13| 


"Tout 


outer radius of the disk 


§3.2.3, |3.13| 




angular velocity of the stellar surface 


§3.3.3, l|3.52|) 


e 


efficiency of energy release in the inner disk 


§3.2.3, (|3.17| 


f 


radius between the inner and outer disks 


§3.2.3, |3.12| 


f 


radius between the neutrino optically-thick & -thin regions 


§3.3.2, ||3.5n| 


k = r/f 


parameter to measure the neutrino optically-thick region 






useful factor as a function of r 


§3.2.2, 1321) 




value of / at radius f 


§3.3.2, ||3.41| 




average efficiency of neutrino cooling in the outer disk 


S3.2.3. Il3.13|) 



Table 3.1: Notation and definition of some quantities in this chapter. 



investigated in detail. In particular, Kohri et al. (2005) tried to use the hyperac- 
cretion disk model with an outflow wind to explain supernova explosions. In the 
binary systems, as the accretion rate is not larger than the Eddington accretion rate 
(~ 10~^MQyr^^), the physical properties of the disk must be very different from 
those of a hyperaccretion disk discussed here. 



This chapter is organized as follows: in §3.3.2, we describe a scheme of our 
study of the structure of a quasi-steady disk. We propose that the disk around a 
neutron star can be divided into two regions: inner and outer disks. Table [3TT] gives 
the notation and definition of some quantities in this chapter. In order to give clear 
physical properties, we first adopt a simple model in §3.3, and give both analytical 
and numerical results of the disk properties. In §3.4, we study the disk using a state- 
of-the-art model with lots of elaborate considerations about the thermodynamics and 
microphysics, and compare results from this elaborate model with those from the 
simple model. §3.5 presents conclusions and discussions. 
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3.2 Description of Our Study Scheme 
3.2.1 Motivations of a two-region disk 

We study the quasi-steady structure of an accretion disk around a neutron star with 
a weak outflow. We take an accretion rate to be a parameter. For the accretion 
rates of interest to us, the disk flow may be an ADAF or NDAF. In this chapter, 
we do not consider a CDAF. Different from the disk around a black hole, the disk 
around a neutron star should eventually release the gravitational binding energy 
of accreted matter (which is converted to the internal energy of the disk and the 
rotational kinetic energy) more efficiently. 

The energy equation of the disk is (Frank et al. 2002) 



where S is the surface density of the disk, Vr is the radial velocity, T is the tempera- 
ture, s is the entropy per unit mass, r is the radius of a certain position in the disk, 
and Q'^ and Q~ are the energy input (heating) and the energy loss (cooling) rate 
in the disk. From the point of view of evolution, the structure of a hyperaccretion 
disk around a neutron star should be initially similar to that of the disk around a 
black hole, because the energy input is mainly due to the local viscous dissipation, 
i.e., = Qvis- However, since the stellar surface prevents the matter and heat en- 
ergy in the disk from advection inward any more, a region near the compact object 
should be extremely dense and hot as accretion proceeds. Besides the local viscous 
heating, this inner region can also be heated by the energy (Q^dv) advected from the 
outer region of the disk. Thus, the heat energy in this region may include both the 
energy generated by itself and the energy advected from the outer region, that is, 
we can write = Qvis + ^adv Initially, such a region is so small (i.e., very near the 
compact star surface) that it cannot be cooled efficiently for a huge accretion rate 
(~ 0.01 — 1MqS~^). As a result, it has to expand its size until an energy balance 
between heating and cooling is built in this inner region. Such an energy balance 
can be expressed by = Q~ in the inner region of the disk. 

Once this energy balance is built, the disk is in a steady state as long as the 
accretion rate is not significantly changed. For such a steady disk, therefore, the 
structure of the outer region is still similar to that of the disk around a black hole, 
but the inner region has to be hotter and denser than the disk around a black hole. 




Q 



(3.1) 
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and could have a different structure from both its initial structure and the outer 
region that is not affected by the neutron star surface. 

Based on the above consideration, the hyperaccretion disk around a neutron 
star could have two different regions. In order to discuss their structure using a 
mathematical method clearly, as a reasonable approximation, we here divide the 
steady accretion disk into an inner region and an outer region, called inner and 
outer disks respectively. The outer disk is similar to that of a black hole. The inner 
disk, depending on its heating and cooling mechanisms discussed above, should 
satisfy the entropy conservation condition Tds/dr oc — Q~ = 0, and thus we 
obtain P oc , where P and p are the pressure and the density of the disk, and 7 
is the adiabatic index of the disk gas. Also, the radial momentum equation is 

i^'-^l)r--^^ipc's) = 0, (3.2) 

where and are the angular velocity and Keplerian angular velocity of the 
inner disk, and Cg = \fPjp is the isothermal sound speed. We here neglect the radial 
velocity term Vrdvr/dr since we consider the situation Vrdvr/dr <^ — r2|-|r, which 
can still be satisfied when tv <^ tQk with Q ~ Qk but \Q — Qk\ > Vr/r. Equation 
(13. 2p gives oc r"^/^ and oc r~^/^. Moreover, from the continuity equation, we 
have Vr oc {prH)~^ with the disk's half-thickness H = Cg/Q oc r. Thus we can derive 
a self-similar structure in the inner region of the hyperaccretion disk of a neutron 
star, 

p oc r"i/(^-i), P oc r-^/(^-^), Vr oc r^^-^^)/(^~^\ (3.3) 

This self-similar structure has been given by Chevalier (1989) and Brown & Wein- 
gartner (1994) for Bondi accretion under the adiabatic condition and by Medvedev 
& Narayan (2001) and Medvedev (2004) for disk accretion under the entropy con- 
servation condition. In addition, if the gas pressure is dominated in the disk, we 
have 7 = 5/3 so that equation (13.31) becomes p oc r~^/^, P oc r~^/^, and Vr oc r^^/^, 
which have been discussed by Spruit et al. (1987) and Narayan & Yi (1994). 

An important problem we next solve is to determine the size of the inner disk. 
Since the total luminosity of neutrinos emitted from the whole disk significantly 
varies with the inner-region size, we can estimate the inner region size by solving an 
energy balance between neutrino cooling and heating in the entire disk. The details 
will be discussed in S3. 2. 3. 
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Finally, we focus on two problems in this subsection. First, we have to discuss 
a physical condition of the boundary layer between the outer and inner disks. There 
are two possible boundary conditions. One condition is to assume that a stalled 
shock exists at the boundary layer. Under this assumption, the inner disk is a post- 
shock region, and its pressure, temperature and density just behind the shock are 
much higher than those of the outer disk in front of the shock. The other condition 
is to assume that no shock exists in the disk, and that all the physical variables 
of two sides of this boundary change continuously. We now have to discuss which 
condition is reasonable. 

Let us assume the mass density, pressure, radial velocity, and internal energy 
density of the outer disk along the boundary layer to be pi. Pi, Vi, and Mi, and the 
corresponding physical variables of the inner disk to be p2, P2, ^2, and U2 at the 
same radius. Thus the conservation equations are 

PlVl = P2V2 

Pi+Pivl = P2 + P2vl (3.4) 

{Ui + Pi + pivl/2)/pi = {U2 + P2+ P2vi/2)/p2. 

From the Rankine-Hugoniot relations, we know that if P2 ^ Pi, the densities of 
two sides of the boundary layer are discontinuous, which means that a strong shock 
exists between the inner and outer disks. On the other hand, if Pi ~ P2, we can 
obtain pi ~ P2, which means that only a very weak shock forms at this boundary 
layer, or we can say that no shock exists. Therefore, we compare Pi and pit^i of 
the outer disk. If Pi ^ pif^ or -C fi, we can assume that a stalled shock exists 
at the boundary layer, i.e., the first boundary condition is correct. If Pi ^ pivf or 
Cs ^ t'l, otherwise, we consider Pi ~ P2, and thus no shock exists. In §3.3 and §3.4, 
we will use this method to discuss which boundary condition is reasonable. 

Second, what we want to point out is that the effect of the magnetic field of 
the central neutron star is not considered in this chapter. We estimate the order 
of magnitude of the Alfven radius by using the following expression (Frank et al 
2002), rA ^ 2.07 x 10^m^^^'^m~^/'^ p%\ where = M/OMMq s'^ is the accretion 
rate, m = M/I.4M0 is the mass of the neutron star, and pso is the magnetic 
moment of the neutron star in units of 10^°G cm^. Let r* be the neutron star radius. 
If the stellar surface magnetic field Bg < Ps,cr = 2.80 x lO^^rhy^m^/^r* G or 
Bg < Bs cr = 0.89 X lO^^rhy^m^/^ G when = 10^ cm, then the Alfven radius is 
smaller than r*. The critical value Bg cr increases with increasing the accretion rate. 
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This implies that the stellar surface magnetic field aff'ects the structure of the disk 
significantly if Bg > Bg^cv ~ 10^^ — 10^^ G for typical accretion rates. Therefore, we 
assume a neutron star with surface magnetic field weaker than -B^^cr in this chapter. 
This assumption is consistent with some GRB-origin models such as Kluzniak k. 
Ruderman (1998), Dai & Lu (1998b), Wang et al. (2000), Paczyhski & Haensel 
(2005), and Dai et al. (2006), because these models require a neutron star or strange 
quark star with surface magnetic field much weaker than Bg^cr- 



3.2.2 Structure of the outer disk 

Here we discuss the structure of the outer disk based on the Newtonian dynamics 
and the standard a-viscosity disk model for simplicity. The structure of the hyper- 
accretion disk around a stellar-mass black hole has been discussed in many previous 
works. The method and equations we use here are similar to those in the previous 
works since the outer disk is very similar to the disk around a black hole. 

We approximately consider the angular velocity of the outer disk to be the Ke- 



plerian value VLk = a/ GMjr'^. The velocity VLk should be modified in a relativistic 
model of accretion disks (Popham et al. 1999; Chen & Beloborodov 2007), but 
we do not consider it in this chapter. We can write four equations to describe the 
outer disk, i.e., the continuity equation, the energy equation, the angular momentum 
equation and the equation of state. 
The continuity equation is 

M = AirrpVrH = 27rrSw^, (3.5) 

where the notations of the physical quantities have been introduced in §3.2.1. 

In the outer disk, the heat energy could be advected inward and we take Q^^^^ = 
{l/2)T,Tvrds/dr to be the quantity of the energy advection rate, where the factor 1/2 
is added because we only study the vertically-integrated disk over a half-thickness 
H. Thus the energy-conservation equation (|3.1I) is rewritten as 

Q^ = Q;.a + Q:a. + Qu- (3.6) 

The quantity in equation (13.61) is the viscous heat energy generation rate 
per unit surface area. According to the standard viscosity disk model, we have 

- ^/ (3.7) 
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where / = 1 - (n/r)i/2 (Frank et al. 2002). 

The quantity equation (13.61) is the photon cooling rate per unit surface 

area of the disk. Since the disk is extremely dense and hot, the optical depth of 
photons is always very large and thus we can take Qj^^j = as a good approximation. 

The entropy per unit mass of the disk is (similar to Kohri & Mineshige 2002) 

2 aT3 



s = .gas + .rad = -y + ^ = ^n. |-- + -In [ ^3^^ J \ + So + -g. 



P 
{3.i 



where the summation runs over nucleons and electrons, fc^ is the Boltzmann con- 
stant, h is the Planck constant, a is the radiation constant, 5*0 is the integration 
constant of the gas entropy, and the term 2g^aT^ /?>p is the entropy density of the 
radiation with = 2 for photons and (7* = 11/2 for a plasma of photons and 
relativistic e^e~ pairs. We assume that electrons and nucleons have the same tem- 
perature. Then we use equation (13.81) to calculate ds/dr and approximately take 
dT/dr ^ T/r and dp/dr ^ p/r to obtain the energy advection rate, 



Qadv = ^rT^ 



1 + Ye) + -g, 



(3.9) 



2 V ■ 3" p 

where the gas constant R = 8.315 x 10^ ergs mole~^ and is the ratio of 
electron to nucleon number density. The first term in the right-hand bracket of 
equation (13.91) comes from the contribution of the gas entropy and the second term 
from the contribution of radiation. 

The quantity Q~ in equation (13. 6p is the neutrino cooling rate per unit area. 
The expression of Q~ will be discussed in detail in §3.3 and §3.4. 

In this chapter we ignore the cooling term of photodisintegration Qphotodis' 
approximately take the free nucleon fraction Xnuc ~ 1- For the disks formed by 
the collapses of massive stars, the photodisintegration process that breaks down a- 
particles into neutrons and protons is important in a disk region at very large radius 



becomes less significant for a region 
at small radius, where contains less a-particlesll- On the other hand, for the disks 



r. However, the effect of photodisintegration 
at small radius, where contains less a-particle 
formed by the mergers of double compact stars, there will be rare a-particles in the 



1 Kohri et al. (2005), Chen & Beloborodov (2007), and Liu et al. (2007) discussed the value of 
nucleon fraction Xnuc and the effect of photodisintegration as a function of radius for particular 
parameters such as the accretion rate and the viscosity parameter a. The former two papers show 
that Xnuc ~ 1 and Qphotodis ~ for r < lO^Vg. Although the value of Xnuc from Liu et al. (2007) 
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entire disk. As a result, we reasonably take all the nucleons to be free (Xnuc ~ 1) 
and neglect the photodisintegration process, since we mainly focus on small disks 
or small regions of the disks (as we will mention in §3.3.4 with the outer boundary 
Tout to be 150 km.) 

Furthermore, the angular momentum conservation and the equation of sate can 
be written as 
M 

vY. = — /, (3.10) 



P = Pe + Pnnc + Pr.d + Pu, (3.11) 

where z/ = aCgH in equation (13.101) is the kinematic viscosity and a is the classical 
viscosity parameter, and Pg, -Pnuc, -frad and Pj, in equation (13. lip are the pressures 
of electrons, nucleons, radiation and neutrinos. In §3.3 we will consider the pressure 
of electrons in extreme cases and in §3.4 we will calculate the pressure using the 
exact Fermi-Dirac distribution function and the condition of /^-equilibrium. 

Equations (13.51) . (13. 6p . (I3.10p and (13.111) are the basic equations to solve the 
structure of the outer disk, which is important for us to study the inner disk. 



3.2.3 Self-similar structure of the inner disk 



In §3.2.1 we introduced a self-similar structure of the inner disk, and described the 
method to determine the size of the inner disk. Now we will establish the energy 
conservation equation in the inner disk. We assume that f is the radius of the 
boundary layer between the inner and outer disks, and that p, P, and Vr are the 
density, pressure and radial velocity of the inner disk just at the boundary layer 
respectively. From equation (13. 3p . thus, the variables in the inner disk at any given 
radius r can be written by 

p = p(f/^)i/(7-i)^p = P{f/ry'/^^-^\vr = t5,(f/r)(2T'-3)/(7-i). (3.12) 

We take the outer radius of the accretion disk to be rout- The total energy per 
unit time that the outer disk advects into the inner disk is (Frank et al. 2002) 
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(3.13) 



is somewhat different from the previous worlds, the ratio of Q 



photodis 



/ in their worl<; also drops 



dramatically for r < lO^rg. Therefore, it is convenient for us to neglect the photodisintegration 
process for r < lO^Vg or r < 400 km for the central star mass M = IAMq. 
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where fu is the average neutrino cooling efficiency of the outer disk, 



p"* Q+27rrdr' 



(3.14) 



If the outer disk flow is mainly an ADAF, <ti Q^, then f^, ~ 0; if the outer 
disk flow is mainly an NDAF, Q~ ^ Q^^d Qu ^ Qadv? have 1. The 

heat energy in the inner disk should be released more efficiently than the outer disk, 
we can still approximately take ^2 ^ in the inner disk, and the maximum power 
that the inner disk can release is 

1/2- 
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(3.15) 



where we have integrated vertically over the half-thickness. The first term in the 
right-hand of this equation is the total heat energy per unit time of the entire disk, 
and the second term is the power taken away through neutrino cooling in the outer 
disk. Considering rout ^ we have 



7" ~ 
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(3.16) 



The maximum energy release rate of the inner disk is GMM /Ar^, if the outer 
disk flow is mainly an ADAF and ~ 0. This value is just one half of the gravi- 
tational binding energy and satisfles the Virial theorem. If the outer disk flow is an 
NDAF, then the energy release of the inner disk mainly results from the heat energy 
generated by its own. 

Following the above consideration, most of the energy generated in the disk 
around a neutron star is still released from the disk, so we have an energy-conservation 
equation, 



2-Krdr = e 
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(3.17) 



where e is a parameter that measures the efficiency of the energy release. If the 
central compact object is a black hole, we have e ~ and the inner disk cannot 
exist. If the central compact object is a neutron star, we can take e ^ 1 and thus 
we are able to use equation (I3.17P to determine the size of the inner disk. 
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3.3 A Simple Model of the Disk 

In §3.2, we gave the equations of describing the structure of a hyperaccretion disk. 
However, additional equations about microphysics in the disk are needed. In order 
to see the physical properties of the entire disk clearly, we first adopt a simple model 
for an analytical purpose. Comparing with §3.4, we here adopt a relatively simple 
treatment with the disk microphysics similar to Popham et al. (1999) and Narayan 
et al. (2001), and discuss some important physical properties, and then we compare 
analytical results with numerical ones which are also based on the simple model. 

If the disk is optically thin to its own neutrino emission, the neutrino cooling rate 
can be written as a summation of four terms including the electron-positron pair cap- 
ture rate, the electron-positron pair annihilation rate, the nucleon bremsstrahlung 
rate and the plasmon decay rate, that is, = (gcN + Qe+e- + gbrems + gpiasmon)-f^ 
(Kohri & Mineshige 2002). We take two major contributions of these four terms 
and use the approximative formulae: (je+e- = 5 x lO^^Tfj^ergs cm~'^ s~^, and geN = 
9 X lO^^pTf^ergscm"'^ s~^ Thus equation (13.61) can be rewritten as 



3GMM ^ _ MT 
871-7-3 Airr'^ 



R.^ 22 aT3 

— (1 + Ye) H 

2 ^ 3 p 



+ (5 X lO^^Ti^ + 9 X lO^V^n)??^- (3-18) 

"A- 



If neutrinos are trapped in the disk, we use the blackbody limit for the neutrino 
emission luminosity: ~ {^aBT^) /r, where r is the neutrino optical depth. We 
approximately estimate the neutrino optical depth as (ge+e- + <ieN)H/{4: x Icr^T^). 

Moreover, we take the total pressure in the disk to be a summation of three 
terms Pg, -Pnuc and Prad, and neglect the pressure of neutrinos: Pg = UekT + 
Ki {pYe)'^^^ ^ Pnuc = n^uckT, and Prad = llaT''/12, where Ki (pYg)^^^ is the rela- 
tivistic degeneracy pressure of electrons, Ue and nnuc are the number densities of 
electrons and nucleons respectively. Here we also neglect the non-relativistic degen- 
eracy pressure of nucleons. We thus obtain 

P = Pe + Pnuc + Prad = P (1 + Y^) RT + K, {pY^f^ + ^aT\ (3.19) 

where Ki = ^ {s^^Y^^ = 1-24 x lO^^cgs. 

Equations (I3.10p . (13.181) and (I3.19P can be solved for three unknowns (density, 
temperature and pressure) of the steady outer disk as functions of radius r for 
four given parameters a, Ye, M and M in the simple model. Once the density, 
temperature and pressure profiles are determined, we can present the structure of 
the outer disk and further establish the size and the structure of the inner disk. 
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3.3.1 The outer disk 

We analytically solve equations (13.101) . (|3.18p and (13.191) in this subsection. Our 
method is similar to that of Narayan et al. (2001). However, what is different from 
their work is that we use the same equations to obtain both ADAF and NDAF 
solutions in different conditions. Besides, we find that the factor / = 1 — (r*/r)^/^ 
cannot be omitted because of its importance. In this subsection, for convenience, 
we expand the solution range to the entire disk (i.e., < r < rout) rather than just 
consider it in the outer region. The size of the inner disk, which depends on the 
structure of the outer disk, will be solved in §3.3.2. 

First we show a general picture. If the accretion rate is not very high, most of the 
energy generated in the disk is advected inward and we call the disk as an advection- 
dominated disk. As the accretion rate increases, the density and temperature of the 
disk also increase and the neutrino cooling in some region of the disk becomes 
the dominant cooling mechanism. Thus we say that this region becomes neutrino- 
dominated. When the accretion rate is sufficiently large, the disk may totally become 
neutrino-dominated. Also, there are some other factors such as the mass of the 
central neutron star, M, and the electron-nucleon ratio, Fg, are also able to influence 
the disk structure. 

In order to obtain analytic solutions, we have to make some assumptions. First 
of all, we assume that the disk flow is an ADAF with the radiation pressure to be 
dominated. Let the mass of neutron star M = IAitiMq, the accretion rate M = 
rhdX O.OlM0S-^ a = 0.1a_i, r = lO^rgcm, p = lO^pngcm-^ T = lOi^Tn K, and 
P = 10^^P29 ergs cm"^. Combining equations (I3.10p . (I3.18P and (I3.19P to eliminate 
pressure P, we obtain 



mrhdfrQ ^ = O.lQQm^Tj^pi/rg ^ 

2/3 1/3^2/3 .2/3^-2/3 2 _ r. qRQT4 



(3.20) 



(3.21) 



Then we find that the density and temperature in the disk are 
= 0.0953mdm-i/2/^^/^«:}rg 
Tn = 0.832mi/8my V'/'aiy V^'- 
Also, the pressure of the disk from equation (]3.19l) becomes 

P29 = 3.32m^/2mrf/^/2a:}r~^/^ (3.22) 

Equations (|3.21l) and (13.22^ tell us that for an advection-dominated disk with the 
radiation pressure to be dominated, the density p, pressure P and temperature T all 
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decrease as radius r increase. These quantities increase with increasing the accretion 
rate m^, and are all independent of the electron fraction Ye. p decreases but P and 
T increase with increasing the mass of the central compact star. Besides, in the 
region near the neutron star surface where the radius r is relatively small, the term 
/ is able to decrease P and T but increase p significantly. 

We have to check the validity of the assumption made in deriving the above 
solution. First, the assumption of ADAF is valid only if > ■ Since the 
radiation entropy in the quantity Q~^^ is always much larger than the gas entropy 
in an ADAF, and is usually the dominant term Q~ (where we consider that the 
outer disk is optically thin to neutrinos), Q~^^ > Q^jsf requires 

ref/^ > 2.28m^^/^mfaZl (3.23) 

Furthermore, we require that the gas pressure and the degeneracy pressure are 
smaller than the radiation pressure ( Prad > -Pgas and Prad > Pdeg ) • From equations 
(K21^ and iK22^ . we obtain 

and 

rj-'^' < mm'/-'m,'/'a'/fY-'/\ (3.25) 

Inequation fl3.23p gives the range of an advection-dominated region in the disk 
with the radiation pressure to be dominated, and this region decreases with decreas- 
ing the mass of the center compact star m, a or increasing the accretion rate 771^. 
For a fixed radius r, we can rewrite inequation (I3.23p as 

< 0.504m'/^a'J^rl^''f/'. (3.26) 

which means that a larger radius allows a larger upper limit of the accretion rate 
for the radiation-pressure-dominated region. On the other hand, if the parameters 
m, a and rhd in some region of the disk do not satisfy inequations (13.231) or (13.261) . 
the other types of pressure can exceed the radiation pressure but the region can 
still be advection-dominated. For an analytical purpose, we want to discuss the 
range of different types of pressure in two extreme cases where ~ 1 or Fg ^ 1- 
From inequation (13.24^ . we can see that, since the minimum value of rg/"^/^ is 19.9, 
when rfid > 0.453m^/^a_i for Fg ~ 1, or rhd > 7.25m''/^a_i for Fg <C 1 , the gas 
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pressure takes over the radiation pressure in the disk and the entire disk becomes 
gas-pressure-dominated. On the other hand, the degeneracy pressure is larger than 
the radiation pressure at a very large radius if the electron fraction Yf. is not very 
small. However, we do not consider this situation for an ADAF region of the disk, 
because the degeneracy pressure, even if larger than the radiation pressure, cannot 
exceed the gas pressure. 

When the gas pressure is dominated and the outer disk flow is still an ADAF, 
we consider another set of equations, 

m^'^py^mfp/'aZTr^' = 1.14 (1 + PuTu- ^ ' ' 

and obtain the density, temperature and pressure of the disk, 

n KKC ^1 I -^z\-12/ll 5/11 • 8/11 /.5/11 -8/11 -21/11 

Pii = 0.556 (1 + le) ' mpi^^mj^ j^'^^a^i ' 

Tu = 1.29 (1 + Fe)^'^" m^/i^mf V^/iial^/'Vg-'/" (3.28) 

D K no n , -^z-A-Vll 9/11 • 10/11 xQ/ll -10/11 -29/11 

129 = 5.98 (1 + Ye) m^' j^' . 

Equation fl3.28p tells us that for an advection-dominated disk with dominant gas 
pressure, p, P and T increase with increasing parameters rhd and m or decreasing 

Ye. 

The assumption of a gas-pressure-dominated ADAF disk requires > , 
and thus we obtain 

^47/22^-20/11 ^ 128 (1 + Ye)-''/'' m^'/'^mf'' aZf^'K (3.29) 
-Pgas > -Prad cau bc Written by 

r,r'/' > 74.6 (1 + Yer'/' m'/'m-'/'a'!^. (3.30) 
-Pgas > -Pdcg leads to 

r,r'/' < 8.07 X 10-^ (1 + YeY' Y-'^/W/'m-'/'a'J^ , (3.31) 

which is satisfied for a large parameter space. 

If Fg ~ 1 and the parameters m and a make 0.453m''/^a_i < < 1.73m~^^/^°a;^ 
valid, the entire disk becomes an advection-dominated disk with the gas pressure to 
be dominated. However, if Ye ^ 1, such a disk cannot exist, since inequation fl3.29p 
cannot be always satisfied in the entire disk and some region of the disk would be- 
come neutrino-dominated. Also, when the mass accretion rate becomes higher, 
most region of the disk becomes neutrino-dominated. 
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In the region where neutrino cooUng is efficient, using equations (13. 101) . fl3.18p 
and fl3.19p to eliminate P and T, we have an equation about the density, 

From this equation, we can obtain two solutions if is large enough to satisfy the 
assumption of NDAF. The first solution is gas or relativistic degeneracy pressure- 
dominated, and the second is radiation pressure-dominated. From the second solu- 
tion, we can find a hotter but thinner disk than the first solution. However, using 
the second solution to calculate and Q~, we find > Qy-, which contradicts 
with the assumption of NDAF. Therefore, we have to choose the first solution. We 
further assume that the gas pressure dominates over the degeneracy pressure and 
obtain 

pn = 2.38 (1 + Y;)-'/' m'y^'rn,fa-_f/'\-'""' 

Tn = 0.490 (1 + m^l^^a'^Urf'^'' (3.33) 
P29 = 9.71 (1 + mi9/20,h,/a:jVio,-57/2o_ 

In this case, the temperature is independent of the accretion rate m^. In addition, as 
Ye decreases (that is, the disk contains more neutrons), the temperature decreases, 
which is quite different from the situation of ADAF. 

Finally we check the gas pressure-dominated assumption. Using equation (I3.33P 
and assuming Pgas > -Pdcg, we obtain 

re/-^"/^^ > 3.18Ff (1 + YeY''"' m'/'mfaZf"\ (3.34) 

Inequation (13.341) is always satisfied if Fe ^ 1, and thus we can say that the gas 
pressure-dominated assumption is valid. However, if ~ 1, a part of the disk 
becomes degeneracy pressure-dominated if rhd > 64.5a^Y^°m~^^/^°. In particular, 
in the case of Fg ~ 1 and large accretion rate rhd, a set of solutions on the part of 
the disk are 

pn = 1.26Fe-'/'m2/3mf /2/3a:2/3^-2 

Tn = 0.526F'/''mi3/i08my'V'/''«If r-g (3-35) 
P29 = 7.85Y-'/'m'/'mTf/'aZTre'^'. 

which describe an NDAF with the degeneracy pressure to be dominated. However, 
we should remember that in deriving the above solutions we have not considered 
the constraint of r > f. 
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Table 3.2: Range of the accretion rate in different regions as follows: (a) : 

Thd < QMm}'^allrl'^p'''- (b) : < 644(1 + YeY^m'l^a.irf^ f'^; 

(c) : md > 644(1 + Ye)-^m'^/^a.ir~^^^ f/^; (d) : < 4.81 x 

10-3(1 + F,)13/5^-29/20^21/10^47/20^_2. . > ^ ^q_3(i + 

y^)i3/5^-29/20^2i/io^47/20^„2. (f) . < 0.148F-4(l+Fe)''/'m-"/i0ai'/'°rf 
(g) : rhd > 0.148F,"4(1 + Y,yy'm~''/'''alT\f^''f-\ 



Here we make a summary of § 3.3.1. We used an analytical method to solve 
the density, pressure and temperature of the outer disk based on a simple model 
discussed at the beginning of §3.3. The accretion flow may be ADAF or NDAF 
with the radiation, gas or degeneracy pressure to be dominated. We flx radius r 
and show the possible cases in the disk with different accretion rate rhd in Table 
13.3. 1[ Moreover, for different electron fraction Ye and flxing m = 1 and a_i = 1, 
we calculate the upper limit of rhd. If ~ 1, the advection-dominated region 
in the disk can be radiation or gas pressure-dominated, and the neutrino-cooled 
region can be gas or degeneracy pressure-dominated. However, if Fg ^ 1, the gas 
pressure-dominated region in the ADAF case is very small, and the degeneracy 
pressure-dominated region cannot exist. In §3.3.4 we will obtain similar results by 
using a numerical method. 

The solutions given in this subsection can also be used to discuss the properties 
of the disk around a black hole. Our analytical solutions of the outer disk are 
similar to those of Narayan et al. (2001) and Di Matteo et al. (2002), who took Y^ 
to be a parameter. Narayan et al. (2001) found that advection-dominated disks can 
be radiation or gas pressure-dominated, and neutrino-dominated disks can be gas 
or degeneracy pressure-dominated instead. This is consistent with our conclusion 
for Fg ~ 1- However, these authors did not consider the factor / = 1 — \/r\/r, 
which is an important factor because a small r, as we have mentioned above, can 
dramatically change the parameter space of the outer disk. Di Matteo et al. (2002) 
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discussed the different pressure components (their Fig. 2), which is also consistent 
with our conclusion. Chen & Beloborodov (2007) calculated the value of Ye and 
showed that <ti 1 when r is small. According to the above discussion, therefore, 
the degeneracy-pressure-dominated region in the NDAF disk cannot exist. This is 
consistent with Chen & Beloborodov (2007) that the pressure in a neutrino-cooled 
disk is dominated by baryons (gas). 

On the other hand, our analytical results are partly different with Kohri et al. 
(2005) and Chen & Beloborodov (2007) which showed that the electron pressure is 
dominant in some advection-dominated regions of the disk. This difference is mainly 
because that we take Pjad = llaT^/12 in our analytical model, which includes the 
contribution of relativistic electron-positron pairs. However, Kohri et al. (2005) and 
Chen & Beloborodov (2007) took Prad = aT^/S and calculated the pressure of e+e~ 
pairs in the term of electron pressure Pg. As a result, the radiation pressure we 
consider in this subsection is actually the pressure of a 'y-e~^e~ plasma. 

In the following subsection, we will solve the structure of the inner disk and use 
the value of f to further constrain the solutions that we have obtained. 



3.3.2 The inner disk 

Boundary layer between the inner disk and outer disk 

We use the method discussed in §3.2.1 and compare the radial velocity with the 
local speed of sound of the outer disk using the results given in section §3.3.1. 
The radial velocity of the outer disk at radius r is 



_ M _ M _ MVGM 



Hence, we have 



vl pivl M'^GM mV 



0-0465-5^. (3.37) 



c2 Pi 167r2r5p2 ■ rfPfag 

In the case where the outer disk is ADAF and the radiation pressure is domi- 
nated, using solutions (|3.21l) and fl3.22|) . we have 

4 ~ 4.22 X 10- Vi/"'. (3.38) 
Therefore, we see Vi <^ for typical values of the parameters. 
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In the case of ADAF with the gas pressure to be dominated, using solution 
(I328D, we have 

4 ~ 1.302 X 10-3 (1 + m-'/''mT'a'Tr''^''rf'\ (3.39) 

For NDAF, using expression fl3.33p to compare the radial velocity with the 
speed of sound, we have 

4 ~ 4.94 X lO-'^ (1 + Y,f' m-^/iOaiYV-'re"^'"- (3.40) 

Note that this ratio is independent of the accretion rate. From (13.391) and (13.401) . 
we still find that vi <^ Cs is always satisfied except for the region very near the 
surface of the neutron star, where the factor / is very small. This region, however, 
is so small that it belongs to the inner disk where we have to use the self-similar 
structure, which we will discuss later in details. 

Therefore, for the hyperaccretion disk discussed in this chapter, as the disk is 
extremely hot and dense, the radial velocity is always subsonic. So there is no stalled 
shock between the inner and outer disks. Thus, all physical variables between two 
sides of the boundary layer between two regions of the disk change continuously. 
Besides, the rotational velocity is assumed to be the Keplerian value and has no 
jump at the boundary layer. 

Solution of the inner disk 

We now study the inner disk analytically based on the results given in §3.1. The 
main problem that we should solve in this subsection is to determine the size of 
the inner disk for a range of parameters and to describe the structure of the inner 
disk. In the case where the radiation pressure is dominated, by using the self-similar 
structure (I3.12p . we obtain the temperature of the inner disk, 

(P \ 1/4 2-7 -7 

^ J = l.OlmV^lf mf ,^^(-^) . (3.41) 

where f and p are the radius and density of the boundary layer between the inner 
and outer disk, and / = 1 — (r^,/f)^/^. 

Using the self-similar condition and the above expression of Tn, we find the 
total neutrino cooling rate, 

f Q-27rrdr = 10'''x f UOpli^m'/^rh^faZTf^^^rf^rf^dr^. (3.42) 
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Table 3.3: Equation fl3.44p gives rg in several cases. Case 1: m = 1,7 = 4/3; case 
2: rn = 1,7 = 1.4; case 3: m = 2.0/1.4,7 = 4/3. 



The outer disk flow is mainly an ADAF, using the solution of a radiation 
pressure-dominated ADAF (i.e., solutions 13.211 and I3.22p . we have the total neu- 
trino cooling rate, 

^^-^ j mV^rhf f ^6*'""^ f<J"^ -re^<^~^' \3.43) 

From the energy-conservation equation fl3.17p . the position of the boundary layer 
satisfies the following equation, 



(3.44) 



( 1 - d^) [r:y^ - r^-" J = 0-0597 ) m'^^m/^WJ.^, 



where we take e ~ 1 and /j^ ~ in equation (13.171) . The left-hand term of equation 
(I3.44P increases with increasing fg, so fg decreases if tti^ increases in the right-hand 
term of this equation. In other words, the size of the inner disk decreases as the 
accretion rate increases. From equation (|3.44l) . we can also see that its solution, fg, 
is independent of Ye, and increases with the mass of the central star. In addition, 
since the gas pressure has its own contribution to the disk, the actual adiabatic 
index 7 is larger than 4/3, which can makes the solution of equation (13.441) larger. 
For an analytical purpose, we assume several different sets of parameters to solve 
equation (I3.44p . Table [331 clearly shows that, in the radiation-pressure-dominated 
disk with an advection-dominated outer region, as the accretion rate increases, the 
value of f decreases, and that r increases with increasing 7 or decreasing m. 

In the case where the gas pressure is dominated and the outer disk flow is still 
an ADAF, we obtain the temperature of the inner disk, 

Tn = (1 + >^e)^^ = (1 + 0.874m^/3p-/^mf f r7V-. (3.45) 

O.C)iO pii 
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rhd 0.5 1 3 5 10 

Case 1 2.17 1.91 1.62 1.52 1.42 

Case 2 2.05 1.83 1.59 1.50 1.40 

Case 3 1.68 1.54 1.38 1.33 1.27 

Case 4 1.97 1.76 1.52 1.44 1.36 

Table 3.4: Equation (13.48|) gives tq in several cases. Case 1: Fg = 1,7 = 5/3, m = 1; 

case 2: Fe = 1,7 = 3/2, m = 1; case 3: Ye = 1/9,7 = 5/3, m = 1; case 4: 
= 1,7 = 5/3, m = 2.0/1.4. 



Similarly, from equations (13.171) and fl3.28|) . we have 

I^Q^2nrdr = lO^'x J 45.0/5"/°/=^ (1 + Fe)"' m^^/^^f ^"''/'^^"^Ve ^'^^^rfrg. 

(3.46) 

The neutrino luminosity of the inner disk reads 

= 3.53 X 10^3 ergs s-^(^)(l + Fer^/^^ 

xm^V22^2i/n^~|i^-2i/n^^(^-A) _ Jf^^^ ^3^^^ 

The energy-conservation equation of the inner disk is 

'zr—\ -31/11 , _3_N / 2-37 2-37 \ -1 

*.6 \ -^7-1^22'' I „ 7-1 _ r 1-'^ 

'6 1 '*,6 '6 



re 

= ^^^3^ (1 + Yer''^'' m''/^Wf/''aZf^'\,. (3.48) 

From equation (I3.48p . we see that the size of the inner disk (f) also decreases 
with increasing the accretion rate m^. Table 13.41 gives solutions of equation (I3.48P 
with different sets of parameters. We can see that f also decrease with increasing 
7, m or decreasing Yg- 

We above study the case where the outer disk is advection-dominated, and 
find that the size of the inner disk always increase with the accretion rate. In the 
case where the outer disk is mainly neutrino-dominated, using expression (I3.33P and 
equation (13.171) . we obtain an energy-conservation equation in the inner disk, 
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1.31 


1.28 


1.26 


0.7 


1.46 


1.43 


1.39 


0.5 


1.56 


1.53 


1.47 



Table 3.5: Equation (13.491) gives rg. We take fi, and 7 as parameters to solve this 
equation. 



(3.49) 



This equation shows us that fg in NDAF is independent of Ye, m, rhd, and a, 
but only dependent on 7 and f^. The size of the inner disk is constant no matter 
how much the components, the accretion rate of the disk, and the mass of the central 
neutron star are. If the outer disk is mainly an NDAF, we have fu ^ I- We choose 
several different sets of parameters to obtain the solution of equation (13.491) (see 
Table IXSil . As increases, the value of f decreases slightly. Here we also consider 
an intermediate case of 7 between 5/3 and 4/3, the decline of 7 makes the size of 
the inner disk decrease. 

However, in the above discussion about an NDAF, we have not considered the 
effect of neutrino opacity but simply assumed that neutrinos escape freely. Actually, 
if the accretion rate is sufficiently large and the disk flow is mainly an NDAF, and 
the disk's region near the neutron star surface can be optically thick to neutrino 
emission. With increasing the accretion rate, the area of this optically thick region 
increases. We now estimate the effect of neutrino opacity on the structure of the 
inner disk. Let the region of < r < f be optically thick to neutrino emission, 
the region of f < r < f be optically thin, and the electron/positron pair capture 
reactions be the dominant cooling mechanism. Thus equation (I3.17P becomes 
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(3.50) 



where we take e ~ 1. Using the self-similar relations and performing some deriva- 
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rhd 80 100 120 150 

Case 1 4.28 5.13 5.94 7.10 

Case 2 6.26 7.48 8.65 10.33 

Case 3 5.09 6.09 7.05 8.43 

Case 4 4.10 4.99 5.86 7.11 

Case 5 4.87 5.90 6.89 8.32 

Table 3.6: Equation (13.511) gives fg in several different cases. Case 1: Ye = l,m = 
1,/c = 1,7 = 5/3; case 2: Fg = 1/9, m = 1,A; = 1,7 = 5/3; case 3: = l,m = 
2.0/1.4, A; = 1, 7 = 5/3, Case 4: Ye = l,m = l,k = 0.7, 7 = 5/3; case 5: Ye = l,m = 
= 1,7 = 3/2. 



tions, we find 

18.7(1 + 1; 

7-1 



+2.77 



37-2 



8/5 


ii 










. 22: 








'( 





a 



-1 '6 



1 ■ 

7~1 ' 



-1 + 1/(7-1) 



-1 + 1/(7-1) 



*,6 



2-37 
_ f 7-1 
'6 



0.924mm„ 



1 

n,6 



3^ 



2fu 

fa 



The solution shown by equation (I3.5ip gives f. We take ~ 1 and a = 0.1. More- 
over, we define a new parameter k = fg/fg, and assume several sets of parameters 
to give the solution of equation (I3.5ip . 



From Table 13.61 we can see that the size of the inner disk increases with the 
accretion rate. In addition, an increase of m or k, or an decrease of Ye also makes 



the inner-disk size larger. We will compare the analytical results from Tables 13731 to 
13.61 with numerical results in §3.3.4 in more details. 



1/2- 



(3 



3.3.3 Discussion about the stellar surface boundary 

Now we want to discuss the physical condition near the neutron star surface. We 
know that if the rotational velocity of the neutron star surface is different from 
that of the inner boundary of the disk, then the disk can act a torque on the 
star at the stellar radius. Here we take the rotational velocity of the inner disk 
Q ~ Qk approximately as mentioned in §3.2.1 and §3.2.3. Then we always have the 
stellar surface angular velocity f2* to be slower than that of the inner disk Qk (i-e., 
< Qk)- As a result, the kinetic energy of the accreted matter is released when 
the angular velocity of the matter decreases to the angular velocity of the neutron 
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star surface. From the Newtonian dynamics, we obtain a differential equation 



dt 



(3.52) 



where G^r* = Mr^Qx — is the torque acting on the star surface from the disk, 
/ is the moment of inertia of the star, / = ^Mr^, with ^ being a coefficient. The 
above equation can be further written as 



[^K + 0]dM = ^Mdn, 



(3.53) 



From equation (|3.53l) we can see that if Q^:^ < f2x/(l + initially, we always have 
dQ^:/dM > 0, i.e., the neutron star is spun up as accretion proceeds. On the other 
hand, if ^^. q > ^k/{^ + initially, then the star is always spun down by the disk. 
The limit value of Q^: is flx/i^ + ^) in both cases. The solution of equation (j3.53p is 
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(3.54) 



where Mq is the initial mass of the neutron star, and AM is the mass of the accreted 
matter from the disk by the star. The change of fi^, depends on the ratio AM/Mq. 
For example, if we assume Mq = 1.4Mq, AM = O.OIM© and set = 2/5, then we 
have ({^ - n^) = 0.98({^ - fi,,o)- Or if we take AM = O.IMq, ^ = 2/5, and the 
central stellar mass is unchanged, then we obtain — = 0.79(1^ — il^fi). 

Here we consider that the energy released from the surface boundary is also 
taken away by neutrino emission, and assume that neutrinos emitted around the 
stellar surface are opaque. We can estimate the temperature of the neutron star 
surface through ^aBT^4:7rr^H ~ ca/a/ ^2 _ where H is the half thickness of 
the inner boundary of the disk, and the parameter e has the same meaning as 
that in §2.3. Then we can estimate the surface temperature as Tn ~ 0.415(2 — 



-1/2 



*,6 



This estimation of the temperature is only valid if the 



inner disk is optically thin for neutrinos and only the surface boundary is optically 
thick. If the inner disk, due to a large accretion rate, becomes optically thick to 
neutrino emission, the surface temperature should be higher. 



3.3.4 Comparison with numerical results 

In order to give an analytical solution of the accretion disk around a neutron star in 
the simple model, we can choose the dominant terms in equations (13.1 8p and ()3.19l) . 
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We now consider one type of pressure to be dominated, and assume extreme cases 
from ADAF to NDAF. For example, we consider the neutrino-dominated region with 
~ 1 and the advection-dominated region with f^, = 0. In this subsection, we solve 
the hyperaccretion-disk structure numerically based on the simple model. In order 
to compare the numerical results with what we have obtained analytically, we keep 
on with using the equations and definitions of all the parameters in this chapter. 
However, we first need to point out several approximations and some differences 
between numerical and analytical methods based in the simple model. 

First of all, we choose the range of rg from 1 to 15 in our numerical calculations. 
In other words, we take the range of the accretion disk to be from the surface of the 
neutron star to the radius of 150 km as the outer boundary. During the compact- 
star merger or massive-star collapse, the torus around a neutron star has only some 
part that owns a large angular momentum to form a debris disk, so the mass of the 
disk may be smaller than the total mass of the torus. From view of simulations (Lee 
& Ramirez-Ruiz 2007), if the debris disk forms through the merger of two neutron 
stars, its outer radius can be slightly smaller than the value we give above. On the 
other hand, the disk size may be slightly larger than that we assume above if the 
disk forms during the collapse of a massive star. The changes of physical variables 
of the disk due to a change of the outer radius may be insignificant, and we don't 
discuss the effect of the outer radius in this chapter. 

Second, we fix the viscosity parameter a to be 0.1. If a decreases (or increases), 
the variables of the disk increases (or decreases). More information can be seen in 
analytical solutions in §3.3.1 and §3.3.2. In numerical calculation, we take a to be 
a constant. 

Third, we still set as a parameter in numerical calculations in §3.4. In order 
to show results clearly, we consider two conditions: one is an extreme condition with 
Ye = 1, which means that the disk is made mainly of electrons and protons but no 
neutrons; the other is = 1/9, which means that the number ratio of electrons, 
protons and neutrons is 1 : 1 : 8. An elaborate work should consider the effect of 
/^-equilibrium, and we will discuss it in detail in §3.4. 

For numerical calculations, we consider all the terms of the pressure and an 
intermediate case between ADAF and NDAF. In analytical calculations we take the 
adiabatic index 7 of the inner disk to be 5/3 if the disk is gas pressure-dominated 
or 7 = 4/3 if the disk is radiation or degeneracy pressure-dominated. In numerical 
calculations, however, it is convenient to introduce an "equivalent" adiabatic index 
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7 based on the original definition of 7 from the first law of thermodynamics, 7 = 
1 + P/n, where P is the pressure of the disk at a given r, and u is the internal energy 
density at the same radius. Therefore 7 is a variable as a function of radius. We 
obtain the self-similar structure, 

p{r) _ /^_\ -V(7M-i) p(r) _ / r 

p(r + dr) \r + dr J ' P(r + dr) \r + dr 

If 7 does not vary significantly in the inner disk, the difference between the approx- 
imate solution where 7 is a constant and the numerical solution where we introduce 
an "equivalent" 7 is not obvious. 

In addition, some region of the accretion disk is optically thick to neutrino 
emission when rhd is sufficiently large. We use the same expressions of neutrino 
optical depth and emission at the beginning of §3. We also require that the neutrino 
emission luminosity per unit area is continuous when the optical depth crosses r = 1. 

We first calculate the value of f, which is the radius of the boundary layer 
between the inner and outer disks. Figure 13.11 shows f as a function of for 
different values of m. We can see that when the disk fiow is an ADAF at a low 
accretion rate, f decreases monotonously as the accretion rate increases until the 
value of f reaches a minimum. At this minimum, the outer disk fiow is an NDAF 
and most of the neutrinos generated from the outer disk can escape freely, and the 
effect of neutrino opacity is not important. If the accretion rate is higher and makes 
the effect of neutrino opacity significant, the value of f increases with increasing the 
accretion rate. From Figure 13.11 we see that when the accretion rate is either low 
or sufficiently high, f is very large and even reaches the value of the outer radius, 
which means that the inner disk totally covers the outer disk. In this situation, since 
the outer disk is covered, no part of the disk is similar to that of the accretion disk 
around a black hole as we discussed in §3.1, and thus we say that the entire disk 
becomes a self-similar structure and that the physical variables of the entire disk are 
adjusted to build the energy balance between heating and neutrino cooling. For this 
situation, we do not want to discuss in details any more. We focus on the accretion 
rate which allows the two-steady parts of disks to exist. 

In Figure 13.21 we choose several special conditions to plot the density, tem- 
perature and pressure of the whole disk as functions of radius r. If the parameter 
rhd is larger, or the disk contains more neutrons (i.e.. Ye becomes smaller), then 
the density, temperature and pressure of the disk are larger, and the change of the 
density and pressure is more dramatic than that of the temperature. The change of 
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Accretion rate (0.01 Msun/s) 

Figure 3.1: The radius fe of the boundary layer between the inner and outer disks 
as a function of accretion rate rhd in the simple model for several sets of parameters: 
(1) M = IAMq and Ye = 1.0 {solid line), (2) M = IAMq and Ye = 1/9 (dashed 
line), (3) M = 2.0Mq and Ye = 1.0 {dotted line), and (4) M = 2.0Mq and Ye = 1/9 
[dash- dotted line). 
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the temperature cannot be very large because it greatly affects the neutrino cooling 
rate of the disk. 

If the mass of the central neutron star (m) becomes larger or the electron frac- 
tion Ye becomes smaller, then the value of f in the monotonous decreasing segment 
of rhd — r becomes smaller, and the value of r in the monotonous increasing segment 
of rhd — ^ is larger. And the minimum value of f is almost independent of Yg and m. 
All of these conclusions are consistent with the analytical solutions, except for the 
case of the advection-dominated outer disk with the radiation pressure to be domi- 
nated. In §3.3.2.2, we found that the size of the inner disk increases with increasing 
m for our analytical solutions. However, by calculating the "equivalent" adiabatic 
index 7, we find that 7 decreases slightly with increasing m. This makes the value 
of fg decrease, which is also consistent with the analytical results (see Table [331) . 
Figure 13731 shows the "equivalent" adiabatic index 7 as a function of radius of the 
entire disk for several different sets of parameters. In the case where the accretion 
rate is low, the radiation pressure is important. As the accretion rate increases, the 
gas pressure becomes more dominant and the value of 7 is larger. On the other 
hand, the ratio of the degeneracy pressure to the total pressure is larger in the case 
of a higher accretion rate and Yg ~ 1- However, the gas pressure is always dominant 
for the accretion rate chosen here. We see from Figure 3 that the change of 7 in the 
inner disk is insignificant. 

Figure 13.41 shows the distribution of a dominant pressure in the rhd — r plane 
for different Ye. The results are quite similar to what we have discussed in §3.3.1. 
At low accretion rates, most of the disk is radiation pressure-dominated, and some 
inner region of the disk can be degeneracy pressure-dominated only if Kg ~ 1 and the 
accretion rate is sufficiently high. In addition, the gas pressure-dominated region in 
the ADAF case is smaller if Ye is smaller, and the disk flow can become an NDAF 
for a lower accretion rate if Ye is smaller. We also plot f in the rhd — f plane to 
obtain final results. We note that in the case of m = 1 and = 1, the region 
where the degeneracy pressure is dominant in the outer disk is entirely covered by 
the region of the inner disk, which means that the outer disk is hardly degeneracy 
pressure-dominated. In order to see this result more clearly, we here take the value 
of the accretion rate in Figure 13.41 to be wider. We do not plot the distribution of 
the dominant pressure of the inner disk in this chapter. In most cases, the dominant 
pressure of the inner disk is similar to that of the outer disk. 

Figure [375I shows the ratio of the radial velocity Vr and local speed of sound Cg as 
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Radius {10 cm) Radius (10 cm) 

Figure 3.2: The density (in units of lO^^g cm~^), pressure (in units of 10^^ ergs 
cm""^) and temperature (in units of lO^^K) of the disk as functions of radius r (in 
units of 10^ cm) in the simple model for several sets of parameters: (1) M = 1.4Mq, 
Ye = 1.0, and M = O.OIMq s"^ {thin solid line), (2) M = IAMq, Ye = 1.0, and 
M = O.IMqS-i {thin dashed line), (3) M = IAMq, Ye = 1.0, and M = I.OMqS'^ 
{thin dotted line), (4) M = 2.0Mq, Ye = 1.0, and M = O.OIMq s"^ {thick solid 
line), (5) M = 2.0Mq, Ye = 1.0, and M = O.IMqS"^ {thick dashed line), and (6) 
M = 2.OM0, Ye = 1.0, and M = I.OMq s"^ {thick dotted line). 
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Figure 3.3: The "equivalent" adiabatic index 7 of the disk as a function of radius r 
in the simple model. The meanings of different lines are the same as those in Fig. 
3.2. 
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Figure 3.4: The distribution of a dominant pressure in the — r plane for two 
different values of Fg- (a) Left "panel: Ye = 1. (b) Right panel: Ye=l/9. The neutron 
star M = IAMq. The dotted lines in two panels show the boundary where NDAF 
becomes significant as a result of higher accretion rate. The dashed lines show the 
inner disk size f as a function of for different Yg. The three regions in Figure 
13.4b divided by two solid lines from bottom to top are radiation, gas and degeneracy 
pressure-dominated regions. Two regions divided by one solid line in Figure 4b are 
radiation and gas pressure-dominated regions. 
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Figure 3.5: The ratio of the radial velocity Vr and local speed of sound Cg as a 
function of r. (a) Left panel: M = 1.4Mq, = 1.0; (b) Right panel: M = IAMq, 
Ye = 1/9. The accretion rate: = O.OIMq s""*^ {solid line), rhd = O.IMqS"^ 
{dashed line), and rhd = I.OMq {dotted line) 

a function of r. The ratio is always much smaller than unity, which means that the 
accretion flow is always subsonic and no stalled shock exists in the disk. In many 
cases the peak of this ratio is just at the boundary between the inner and outer 
disks. The reason can be found in §3.2.1, where we gave the analytical expression of 
the ratio. / = 1 — (r*/r)^/^ is the major factor that affects the value of Vr/cg of the 
outer disk. However, in the inner disk, Vr/cg always decreases since the isothermal 
sound speed can be greater at smaller radii (i.e., Cg oc r~^/^), and the radial velocity 
of the accreting gas, which satisfies the self-similar solution fl3.12p . cannot change 
dramatically for the disk matter to strike the neutron star surface. 

Figure [3^6] gives the change of /j, of the outer disk as a function of for several 
different sets of parameters (where fi, is defined by equation I3.14|) . In analytical 
calculations, we approximatively take fu = Oin an ADAF and /j, ~ 1 in an NDAF. 
Here we give the numerical result, f^, increases monotonously as the accretion rate 
increases, and reaches the value ~ 1 as most of the disk region becomes NDAF. 
However, if the accretion rate is so large that the neutrino opacity begins to play a 
significant role, then fi, decreases with increasing m^. Furthermore, an increase of 
M or decrease of can make the value of and the average /j, be larger. This 
means that the efficiency of neutrino emission from the disk is higher if the disk 
contains more neutrons or the central neutron star is more massive. 

Figure [3771 shows the total neutrino emission luminosity of the entire disk around 
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Figure 3.6: The average neutrino emission efficiency fu in the outer disk as a function 
of rhd (where the meanings of different lines are the same as those in Fig. 3.1.) 




Accretion rate (0.01 Msun/s) Accretion rate (0.01 Msun/s) 



Figure 3.7: Neutrino luminosity from the disk around a neutron star in the simple 
model. Li, is in units of lO^^ergss^^. (a) Left panel: M = IAMq and = 1.0. (b) 
Right panel: M = IAMq and Fg = 1/9. The solid line corresponds to the maximum 
energy release rate of the disk around a neutron star, the dashed line to the neutrino 
luminosity from the inner disk, the dotted line to the neutrino luminosity from the 
outer disk, and the the dash-dotted line to the neutrino luminosity from a black hole 
disk. 
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a neutron star as a function of accretion rate for parameters M and Ye (where we do 
not consider neutrino emission from the stellar surface discussed in §3.3.3), and we 
compare it with the neutrino luminosity from a black-hole disk. Also, we calculate 
the total neutrino luminosity from the inner and outer disks. Here we roughly 
take the mass of the black hole to be the same as that of the neutron star, and 
the innermost stable circular orbit of the disk has a radius which is equal to the 
radius of the neutron star. We approximately use the Newtonian dynamics for 
simplicity. In Fig. 13.71 we find that the difference in neutrino luminosity between 
the neutron-star and black-hole cases is a strong function of the accretion rate. 
When the accretion rate is low (m^ < 10), the total neutrino luminosity of the 
black-hole disk L^ ^h is much smaller than that of the neutron-star disk L^ ns, but 
Lj,BH and L^^jsis are similar for a moderate accretion rate (m^ from 10 to 100). 
Actually, this result is consistent with the general scenario introduced in §3.2.1 and 
the basic result shown in Fig. 13.11 for a low accretion rate, the black-hole disk is 
mainly advection-dominated with most of the viscous dissipation-driven energy to be 
advected into the event horizon of the black hole, and we have L^^ bk ^ GMM / (4r). 
On the other hand, a large size of the inner disk of the neutron-star disk for a low 
accretion rate makes the neutrino emission efficiency be much higher than its black- 
hole counterpart. However, for a moderate accretion rate, the black-hole disk is 
similar to the neutron-star disk, which owns a quite small inner disk, and we have 
Ly^Bn ~ -Z^j^.NS- Moreover, neutrino opacity leads the value of Lj, bh to be less again 
compared with ns for a high accretion rate, as this opacity decreases the neutrino 
emission efficiency in the black-hole disk but increases the size of the neutron-star 
disk again to balance the heat energy release. 

3.4 An Elaborate Model of the Disk 

In the last section we first studied the disk structure analytically. To do this, we used 
several approximations. First of all, we took the pressure as a summation of several 
extreme contributions such as the gas pressure of nucleons and electrons, and the 
radiation pressure of a plasma of photons and e'^e^ pairs. However, electrons may 
actually be degenerate or partially degenerate, and the neutrino pressure should also 
be added to the total pressure. Following Kohri et al. (2005), a lot of works about 
hyperaccretion disks used the Fermi-Dirac distribution to calculate the pressure of 
electrons and even the pressure of nucleons. Second, neutrino cooling we used in 
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the last section is simplified, following Popham et al. (1999) and Narayan et al. 
(2001) and neglecting the eff'ect of electron degeneracy and the effect of different 
types of neutrinos and their different optical depth. In fact, these effects may be 
significant in some cases. Third, we took the electron-nucleon-radio as a constant 
parameter in our analytic model in §3.3. Realistically, Yg should be calculated 
based on /^-equilibrium and neutronization in hyperaccretion disks. In this section, 
we still use the assumption of outer and inner disks discussed in §3.2, but consider 
a state-of-the-art model with lots of elaborate (more physical) considerations on 
the thermodynamics and microphysics in the disk, which was recently developed in 
studying the neutrino-cooled disk of a black hole. In addition, we compare results 
from this elaborate model with those of the simple model discussed in §3.3. 

3.4.1 Thermodynamics and microphysics 

The total pressure in the disk can be written as: P = Pnuc + -Prad + Pe + Pu- We still 
consider all the nucleons to be free {X^^c ~ 1) as mentioned in §3.2.2, and ignore 
the photodisintegration process. Also, we replace the term of radiation pressure 
llaT^/12 in the simple model by aT^/3 in this section, because the pressure of e+e~ 
pairs can be calculated in the electron pressure Pg with the Fermi-Dirac distribution: 



where x = p/rrieC is the dimensionless momentum of an electron and /ig is the 
chemical potential of the electron gas. Pe is the summation of P^- and Pe+. In 
addition, we take the neutrino pressure to be 




(3.56) 



P^ = 



(3.57) 



where u,y is the energy density of neutrinos. 

The "equivalent" adiabatic index can be expressed by 



7 = 1 + (^nuc + Prad + Pe + Pu) / (^nuc + ^rad + Me + Uf) ■ 



(3.58) 




(3.59) 




(3.60) 
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We then use equation (|3.55l) to obtain the self-similar inner disk. 

In addition, we add the equation of charge neutrality among protons, electrons 
and positrons to establish the relation between p, Yf. and /ig. 

rip = = Tie- — ne+, (3.62) 
rriB 

where we use the Fermi-Dirac form to calculate rig- and ?7,e+ . 

Moreover, in the elaborate model, we adopt the improved formula of the neu- 
trino cooling rate Q~ , the inner energy density of neutrinos Uy , as well as the absorp- 
tion and scattering optical depth for three types neutrinos Ta^Ui{e,tJ.,T) and Ts^Ui{e,fi,T) 
following a series of previous work (e.g., Popham & Narayan 1995, Di Matteo et al. 
2002, Kohri et al. 2005, Gu et al. 2006, Janiuk et al. 2007 and Liu et al. 2007). 
The three types of neutrino cooling rate per unit volume are 

rem asmon ; 

(3.63) 

Qu^ = (lur = Qe-e+^u^Pr + Qhvem, (3.64) 

where the meanings of four terms geN, <ie~e+^UiUi: ^brem, and gpiasmon have been shown 
at the beginning of §3.3. Here geN and gpiasmon are only related to q^^. Moreover, geN 
is a summation of three terms, 

geN = Qp+e-^n+Ue + Qn+e+^p+Ue + 4n^p+e-+Ue- (3.65) 

The formulae of three terms in equation (13.651) are the same as Kohri et al. (2005), 
Janiuk et al. (2007) and Liu et al. (2007), who considered the effect of electron 
degeneracy. In addition, we use the same formulae of qe-e+-,uiUi, ^brem, and gpiasmon 
as the early works such as Kohri et al. (2002, 2005) and Liu et al. (2007). 

Finally, different from the simple model in §3.3 in which we took the electron 
fraction as a free parameter, in this section we calculate Y^ by considering the 
/9-equilibrium in the disk among electrons and nucleons following Lee et al. (2005) 
and Liu et al. (2007) 

In f ^) = /(r.)%-^ + [1 - /(r.)]^^, (3.66) 

with the weight factor /(T;y)=exp(— r,^J and Q = (m„ — mp)c^. Equation (|3.66l) is 
a combined form to allow the transition from the neutrino-transparent limit case to 
the neutrino-opaque limit case of the /3-equilibrium. 
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Figure 3.8: (a) Left panel: the radius fg between the inner and the outer disks in 
the elaborate model with M = IAMq (solid line), and M = 2.0Mq (dashed line). 
(b) Right panel: comparison of fg in different models with M = IAMq: (1) the 
elaborate model (solid line), (2) the simple model with Ye = 1 (dashed line), and 
(3) the simple model with Yg = 1/9 (dotted line). 

3.4.2 Numerical results in the elaborate model 

Using equations (I3.5p . (I3.6p . (13.101) and fl3.1ip in §3.2.2 and the improved treatment 
in §3.4.1, we can solve the structure of the outer disk. Then using equations fl3.12p 
and (13.171) in §3.2.3, we determine the size and the structure of the inner disk, and 
calculate the neutrino luminosity of the entire disk. 

The left panel of Figure 13.81 shows the size of the inner disk in the elaborate 
model. We still choose the mass of the central neutron star to be M = 1.4Mq 
and M = 2.0Mq. From the left panel of Figure 6 we can see that the size of the 
inner disk f decreases with increasing the accretion rate, and reaches a minimum at 
M ~ O.IMqS"^. Then the value off increases with increasing the accretion rate. 
This result is well consistent with what we have found in the simple model in §3.3. 
The physical reason for this result has been discussed in §3.3.3.2 and §3.3.4. Figure 
13.6b shows the solution of the inner disk size both in the simple model and the 
elaborate model. We fix the central neutron star M = 1.4Mq. In the simple model 
of §3.3, we take Ye as a free parameter and plot two rha — fg lines with Ye = 1 and 
Ye = 1/9, while in the elaborate model we only plot one line since Ye can be directly 
determined through /5-equilibrium in the disk. From the right panel of Figure 13.81 
we conclude that the solutions of the two models are basically consistent with each 
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Figure 3.9: (a) Left panel: the "equivalent" adiabatic index 7 in the elaborate model, 
(b) Right panel: the electron fraction Ye in the elaborate model as a function of 
radius. The profiles are shown for three values of the accretion rate and two values 
of the central neutron star mass: (1) M = 1.4Mq and M = O.OIMq s"^ {thin solid 
line), (2) M = IAMq and M = O.IMqS'^ {thin dashed line), (3) M = IAMq and 
M = I.OM0 s^^ {thtn dotted line), (4) M = 2.0Mq and M = O.OIMq s'^ {thick solid 
line), (5) M = 2.0Mq and M = O.IMq s"^ {thick dashed Une), and (6) M = 2.0Mq 
and M = I.OMq {thick dotted line). 

other. 

In Figure 13.91 we shows the "equivalent" adiabatic index 7 and the electron 
fraction Fe in the entire disk for three values of the accretion rate M = O.OIMqS^^, 
O.IMqS"^ and I.OMqS^^, and for two values of the mass of the central neutron 
star M = I.4M0 and 2.0Mq. The "equivalent" adiabatic index 7 increases with 
increasing the accretion rate in most region of the disks, since gas will take over 
electrons and radiation to be the dominant pressure when the accretion rate is high 
enough. In addition, 7 decreases as the radius decreases in the inner disk. These 
are consistent with the results of the simple model (see Fig. 13. 3p . From the right 
panel of Figure 13.91 we can see that Yg ~ 1 when the accretion rate is low, and 
Fe ^ 1 when the accretion rate becomes sufficiently high. This result is consistent 
with Kohri et al. (2005, their Fig. 6b). Chen & Beloborodov (2007) and Liu et al. 
(2007) showed the electron fraction Yg < 0.5 in the disk, since they supposed that 
initial neutrons and protons come from photodisintegration of a-particles at some 
large radius far from a central black hole. However, since the hyperaccretion disk 
around a neutron star we discuss has a size smaller than that of a black-hole disk. 
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we consider the mass fraction of free nucleons Xnuc = 1 in the entire disk. Therefore, 
the fraction of protons can be slightly higher and it is possible that the protons are 
richer than neutrons in the disk or > 0.5 if the accretion rate is low enough. 

Figure 13.101 and the left panel of Figure 13.111 show the density, temperature, 
pressure and the neutrino luminosity per unit area in the entire disk with three 
different accretion rates. We fix M = 1.4Mq, and also plot two other curves of 
solutions in the simple model with = 1 and Y^, = 1/9. The density p and pressure 
P in the elaborate model are smaller than those in the simple model when the 
accretion rate is low (m^ = 1.0), but are similar to the solution of the simple model 
with Fe = 1/9 in the high accretion rate (rhd = 100). In addition, p and P in the 
elaborate model change from one solution (Fg = 1) to another solution {Y^ = 1/9) in 
the simple model for an intermediate accretion rate (e.g., rhd ~ 10), since Fg ~ 0.5 
in the outer edge of the disk and Fe ^ 1 in the inner disk. The distribution of the 
neutrino cooling rate (luminosity per unit area) in the elaborate model is almost 
the same as that in the simple model with Fg = 1 and low accretion rate or Fg = 1/9 
and a high accretion rate. However, the value of Q^J is still different in these two 
models for the region that is optically thick to neutrino emission in the disk. 

We also plot the the total neutrino emission luminosity of the entire disk, the 
outer and inner disks as functions of accretion rate with the central neutron star 
mass of 1.4Mq, and compare the total neutrino luminosity with that of the black- 
hole disk (Figure 13.111 right) . The results are similar to what we have found in the 
simple model (Figure [3771) . 

3.5 Conclusions and Discussions 

In this chapter we have studied the structure, energy advection and conversion, and 
neutrino emission of a hyperaccretion disk around a neutron star. We considered 
a quasi-steady disk model without any outflow. Similar to the disk around a black 
hole, the neutron star disk with a huge mass accretion rate is extremely hot and 
dense, opaque to photons, and thus is only cooled via neutrino emission, or even 
optically thick to neutrino emission in some region of the disk if the accretion rate is 
sufficiently high. However, a significant difference between black hole and neutron 
star disks is that the heat energy of the disk can be advected into the event horizon 
if the central object is a black hole, but if the central object is a neutron star, the 
heat energy should be eventually released from a region of the disk near the stellar 
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Figure 3.10: The density (in units of lO^^g cni^^), pressure (in units of 10^^ ergs 
cm^"^) and temperature (in units of 10^^ K) of the entire disk in two models for 
M = 1.4Mq. The profiles include three groups of lines and each group also includes 
three lines, which are shown for three values of the accretion rate M = O.OIMq s^^, 
O.IMqS"^ and I.OMqS"^ from bottom to top in these figures. The solution in the 
simple model with Ye = 1 is shown by the thin dashed line, and = 1/9 by the 
thin dotted line. The solution in the elaborate model is shown by the thick solid 
line. 
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Figure 3.11: (a) Left panel: the neutrino luminosity per unit area (in units of 
]^g39 gj,gg (,]^-2 g-i^ both the simple model and the elaborate model. The meaning 
of different lines are the same as those in Fig. 10. (b) Right panel: the neutrino 
luminosity from the disk in the elaborate model. The meanings of different lines are 
the same as those in Fig J3.7[ 

surface. As a result, the neutrino luminosity of the neutron star disk should be 
much larger than that in black hole accretion. We approximately took the disk as a 
Keplerian disk. According to the Virial theorem, one half of the gravitational energy 
in such a disk is used to heat the disk and the other half to increase the rotational 
kinetic energy of the disk. We assumed that most of the heat energy generated from 
the disk is still cooled from the disk via neutrino emission and the rotational energy 
is used to spin up the neutron star or is released on the stellar surface via neutrino 
emission. 

In a certain range of hypercritical accretion rates, depending on the mechanisms 
of energy heating and cooling in the disk, we considered a two-region, steady-state 
disk model. The outer disk is similar to the outer region of a black hole disk. We used 
the standard viscosity assumption, Newtonian dynamics and vertically integrated 
method to study the structure of the outer disk. Since the radial velocity of the disk 
flow is always subsonic, no stalled shock exists in the disk and thus we considered 
that physical variables in the disk change continuously when crossing the boundary 
layer between the inner and outer disks. The inner disk, which expands until a 
heating-cooling balance is built, could satisfy a self-similar structure as shown by 
equation (13.121) . 

In this chapter we flrst studied the disk structure analytically. To do this, we 
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adopted a simple disk model based on the analytical method. We took the pressure 
as a summation of several extreme contributions and simple formulae of neutrino 
cooling. And we took the electron fraction as a parameter in the simple model. 
We used an analytical method to find the dominant-pressure distribution (Table 
2) and the radial distributions of the density, temperature and pressure (solutions 
13.211 13.221 13.281 13.331 13.35p in the outer disk. Then we used the equation of energy 
balance between heating and neutrino cooling to calculate the size of the inner disk 
in four different cases: whether the advection-dominated outer disk is radiation or 
gas pressure-dominated, and whether the neutrino-cooled outer disk is optically thin 
or thick to neutrino emission (Table 13731 to 13.61) . Subsequently, we numerically cal- 
culated the size of the inner disk, the structure, and energy conversion and emission 
of the entire disk in the simple model (Fig. 13.21 to Fig. 13.71) and compared the 
numerical results with the analytical results. The numerical results are consistent 
with the analytical ones from the simple model. 

When the accretion rate is sufficiently low, most of the disk is advection- 
dominated, the energy is advected inward to heat the inner disk, and eventually 
released via neutrino emission in the inner disk. In this case, the inner disk is very 
large, and quite different from a black hole disk, which advects most of the energy 
inward into the event horizon. If the accretion rate is higher, then physical vari- 
ables such as the density, temperature and pressure become larger, the disk fiow 
becomes NDAF, the advected energy becomes smaller, and heating of the inner disk 
becomes less significant. As a result, the size of the inner disk is much smaller, and 
the difference between the entire disk and the black hole disk becomes less signifi- 
cant. Furthermore, if the accretion rate is large enough to make neutrino emission 
optically thick, then the effect of neutrino opacity becomes important so that the 
efficiency of neutrino emission from most of the disk decreases and the size of the 
inner disk again increases until the entire disk becomes self-similar. Besides, a differ- 
ent mass of the central star or a different electron-nucleon ratio also makes physical 
variables and properties of the disk different. However, the accretion rate plays a 
more significant role in the disk structure and energy conversion, as it varies much 
wider than the other parameters. 

The simple model is based on the early works such as Popham et al. (1999) 
and Narayan et al. (2001). We found that the simple model in fact gives us a clear 
physical picture of the hyperaccretion disk around a neutron star, even if we used 
some simplified formulae in thermodynamics and microphysics in the disk. In §3.4 
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we considered an elaborate model, in which we calculated the pressure of electrons 
and positrons by using the Fermi-Dirac distribution and replaced the factor 11/12 
by 1/3 in the radiation-pressure equation. We adopted more advanced expressions of 
the neutrino cooling rates, including the effect of all three types of neutrinos and the 
electron degeneracy. Moreover, we considered /^-equilibrium in the disk to calculate 
the electron fraction Fg. Then, in the elaborate model, we also calculated the the 
size of the inner disk (Fig. 13.80 . the radial distributions of the "equivalent" adiabatic 
index 7, the electron fraction (Fig. 13.91) . the density, temperature and pressure in 
the disk (Fig. I3.10p . the neutrino cooling rate distribution of the disk (Fig. 13.111 
left), the neutrino emission luminosity from the inner and outer disks, and the total 
neutrino luminosity of a neutron-star disk compared with that of a black-hole disk 
(Fig. [3111 right). 

The electron fraction Yg was also determined in the elaborate model. We found 
that Ye drops with increasing the accretion rate in the outer disk. can be greater 
than 0.5 at a large radius if the accretion rate is sufficiently low, and Y^ I in the 
disk when the accretion rate is high enough. If we put these results of Fg in the 
elaborate model into the simple model correctly (i.e. Kg ~ 1 for low accretion rate 
and Fg ^ 1 for high accretion rate), we find that they are basically consistent with 
each other (see Fig. 13.81 Fig. 13.91 Fig. 13.101 Fig. 13. lip , and also consistent with 
most of the early works (see the discussion in the end of §3.3.1). 

A main difference in the structure between the simple and elaborate models is 
caused by different expressions of pressure adopted in the two models. In order to see 
it clearly, we introduce the third model here. We still keep Prad = llaT^/12 as the 
simple model but just change the relativistic degeneracy pressure term of electrons 
(the second term in equation 13.19^ to the Fermi-Dirac distribution (formula 13.561 
for Pg-), and use all the other formulae in §3.4. In other words, the third model 
is introduced by only changing one pressure term in the elaborate model. We can 
find that the results from the third model are even more consistent with those of 
the simple model than the elaborate model in §3.4. Take Figure [XT2] as an example. 
We compare the solution of the inner disk of the third model with that of the simple 
model. From Fig. 13.121 we can see that if the accretion rate is low and Fg ~ 1, the 
thick solid line is much closer to the thin dashed line, which results from the simple 
model with Ye = 1; and if the accretion rate is high enough and Fg <C 1, the solid line 
is much closer to the thick dotted line, which is the result from the simple model with 
Ye = 1/9. Compared with Fig. 8a, this result is even more consistent with the simple 
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Figure 3.12: Comparison of fg in two models with M = 1.4Mq. (1) The third model 
discussed in §5 {thick solid line), (2) the simple model with Ye = I {dashed line), 
and (3) the simple model with = 1/9 {dotted line). The solution of fg in the third 
model is even more consistent with the simple model than that of the elaborate 
model discussed in §3.4. 

model. The values of density p and pressure P in Fig. 10, for a low accretion rate, 
are smaller than those of the simple model, which is also due to different expressions 
of the radiation pressure used in these two models in §3.3 and §3.4. Therefore, we 
conclude that the main difference of the results between the simple model in §3.3 
and the elaborate model in §3.4 come from different expressions of the pressure in 
disks. However, we believe that the pressure formulae given in the elaborate model 
are more realistic since llaT''/12 is only an approximated formula for the pressure 
of a plasma of photons and e~^e~ pairs. On the other hand, as what has been pointed 
out by Lee et al. (2005) and Liu et al. (2007), formulae Prad = aT*/3 and (13.561) in 
§3.4.1.1 are better and can automatically take relativistic e~^e~ pairs into account 
in the expression of Pg- 

The different expression of the neutrino cooling rate Q~ makes the neutrino 
luminosity distribution different in the region where is optically thick to neutrino 
emission. A more advanced expression of neutrino cooling rate Q~ gives better re- 
sults of the neutrino luminosity per unit area than that given by the rough expression 
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^asT^/T in §3. 

In this chapter §3 we studied the disk without any outflow, which may exist if 
the disk flow is an ADAF. However, it is still unclear whether an outflow or neutrino 
cooling plays a more important role since the size of the disk is quite small. The 
other case that we ignored is that, if the radius of the central neutron star is smaller 
than that of the innermost stable circular orbit of the accretion disk, the accreting 
gas eventually falls onto the neutron star freely. In this case, a shock could form 
in the region between the innermost stable circular orbit and neutron star surface 
(Medvedev 2004). This effect can be studied if other effects such as the equation 
of state of a differentially-rotating neutron star and its mass-radius relation are 
together involved. 

Neutrinos from a hyperaccretion disk around a neutron star will be possibly 
annihilated to electron/positron pairs, which could further produce a jet. It would 
be expected that such a jet is more energetic than that from the neutrino-cooled disk 
of a black hole with same mass and accretion rate as those of the neutron star (Zhang 
& Dai 2009a, see the next chapter). This could be helpful to draw the conclusion 
that some GRBs originate from neutrino annihilation rather than magnetic effects 
such as the Blandford-Znajek effect. 

We considered a central neutron star with surface magnetic fleld weaker than 
Bgcr ~ 10^^ — 10^^ G for typical hyperaccretion rates in §3. For magnetars (i.e., 
neutron stars with ultra-strongly magnetic flelds of ~ -Bs,cr), however, the magnetic 
fields could play a significant role in the global structure of hyperaccretion disks 
as well as underlying microphysical processes, e.g., the quantum effect (Landau 
levels) on the electron distribution and magnetic pressure in the disks could become 
important. Thus, the effects of an ultra-strongly magnetic field on hyperaccretion 
disks around neutron stars are an interesting topic, which deserves a detailed study. 



Chapter 4 



Hyperaccreting Neutron-Star Disks 
and Neutrino Annihilation 

4.1 Introduction 

The hyperaccreting disk surrounding a stellar-mass black hole possibly formed by 
the merger of a compact object binary or the collapse of a massive star has been 
argued to be a candidate for central engines of gamma-ray bursts (GRBs) (e.g. 
Eichler et al. 1989; Narayan et al. 1992; Woosley 1993; Paczyhski 1998; Popham et 
al. 1999; MacFadyen & Woosley 1999; Narayan et al. 2001). The typical mass of 
the debris dense torus or disk is about 0.01 — IMq with large angular momentum 
as well as high accretion rate up to ~ I.OM0 s~^. Although the optical depth of the 
accreting matter in the disk is enormous, the disk can be cooled or partly cooled via 
neutrino emission. A number of studies have investigated the structure and energy 
transfer of the neutrino-cooled disk around a black hole both in steady-state and 
time-dependent considerations over last several years (Popham et al. 1999; Narayan 
et al. 2001; Kohri & Mineshige 2002; Di Matteo et al. 2002; Kohri et al. 2005; Gu 
et al. 2006; Chen & Beloborodov 2007; Liu et al. 2007; Janiuk et al. 2007; Metzger 
et al. 2008). 

An alternative model of central engines of GRBs is newly, rapidly rotating neu- 
tron stars or magnetars (Usov 1992; Kluzniak &: Ruderman 1998; Dai & Lu 1998b; 
Ruderman et al. 2000; Wheeler et al. 2000). In recent years, newborn neutron 
stars have also been suggested as an origin of some GRBs and their afterglows. For 
example, Dai et al. (2006) argued that the X-ray flares discovered by Svjift can be 
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explained as being due to magnetic instability and reconnection-driven events from 
highly-magnetized millisecond pulsars; the shallow decay phase of X-ray afterglows 
is considered to be due to energy injection to a forward shock by a relativistic pulsar 
wind (Dai 2004; Yu & Dai 2007); a newly-formed neutron star rather than a black 
hole is expected to explain the light curve of SN 2006aj associated with GRB 060218 
(Mazzali et al. 2006; Soderberg et al. 2006). Moreover, simulations on the merger 
of a compact object binary show that it is possible to form a hypermassive neutron 
star, at least a transiently existing neutron star after the merger, depending on ini- 
tial conditions of the binary, equations of state of neutron matter and the structure 
of magnetic fields (Shibata et al. 2003; Shibata 2003; Lee & Ramirez-Ruiz 2007; 
Anderson et al. 2008; Liu et al. 2008). Therefore, the hyperaccreting disk around 
a neutron star can also be considered as possible central engines for some GRBs. 
Based on these motivations, we have studied the structure of the hyperaccretion 
disk around a neutron star using both analytic and numerical methods (Zhang &: 
Dai 2008a, hereafter ZD08). We found that the neutron-star disk can cool more 
efficiently and produce a higher neutrino luminosity than the black-hole disk. 

In ZD08, the quasi-steady disk around a neutron star is approximately divided 
into two regions — inner and outer disks, depending on the energy transfer and 
emission in the disk. For the outer disk, the heating energy rate Q'^ is mainly due 
to local dissipation {Q^ = Q^jJ, and the structure of the outer disk is very similar to 
the black-hole disk. On the other hand, the heating energy in the inner disk includes 
both the energy generated by itself and the energy advected from the outer region 
{Q~^ = Qvis + Qadv)' SO inner disk has to be dense with a high pressure. We 
approximately take = Q~ and the entropy-conservation self-similar condition 
ds=0 to describe the inner disk. The size of the inner disk is determined by the 
global energy equation of the inner disk. However, we need to point out that the 
entropy-conversation structure is not the only possible structure of the inner disk, 
which depends on the detailed form of energy and mass transfer. In the case where 
Q~ < in the inner disk, we should take the advection-dominated self-similar 
structure to describe the inner disk. 

The net gravitational binding energy of the accreting matter is proposed to drive 
a relativistic outfiow or jet by two general mechanisms that could provide energy 
for GRBs: neutrino annihilation and magnetohydrodynamical mechanisms such as 
the Blandford-Znajek effect. The mechanism of neutrino annihilation is easy to 
understand and could be calculated based on the structure and neutrino luminosity 
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in the disk (Ruffert et al. 1997, 1998; Popham et al. 1999; Asano & Fukuyama 
2000, 2001; Di Matteo et al. 2002; Miller et al. 2003; Birkl et al. 2007; Gu et 
al. 2006; Liu et al. 2007). However, the annihilation rate due to neutrino emission 
from the black-hole disk may not be able to produce a sufficiently high luminosity 
to explain some energetic GRBs (Di Matteo et al. 2002). Gu et al. (2006) and 
Liu et al. (2007) showed that the annihilation luminosity can reach lO^^ergs s"^ 
even for an accretion rate ~ IOMq s~^. However, such an accretion rate is too large 
for high-energy long GRBs, since this requires an unreasonable massive accretion 
disk around a compact object. As the neutron-star disk structure and neutrino 
luminosity are different from the black-hole disk, it is interesting to calculate the 
neutrino annihilation rate above the neutron-star disk and to consider whether the 
annihilation energy rate and luminosity above a neutron-star disk are high enough 
to produce energetic GRBs. 

On the other hand, we do not consider any outflow from the disk in ZD08, 
which may play a significant role in the structure and energy transfer in the disks 
around neutron stars. A nonrelativistic or subrelativistic onflow or "wind" from the 
disk can be considered as an energy source of supernovae (MacFadyen & Woosley 
1999; Kohri et al. 2005). This theoretical model becomes more attractive after 
the discovery of the connection between some GRBs and supernovae (e.g. Galama 
et al. 1998, Stanek et al. 2003, Prochaska et al. 2004, Campana et al. 2006), 
while the GRB component is considered from a relativistic jet produced by neutrino 
annihilation. As a result, both outflow ejection and neutrino annihilation could 
be important in the events of GRB-SN connections within the framework of the 
collapsar model (Woosley k. Bloom 2006). However, an outflow from the black-hole 
disk is expected and becomes important whenever the accretion flow is an advection- 
dominated accretion flow (ADAF) (Narayan & Yi 1994, 1995), while the neutrino 
luminosity is relatively low for ADAF. In other words, neutrino emission may not 
provide a sufficiently high amount of energy for GRBs associated with supernovae 
if a thermally-driven outflow is produced from the advection-dominated disk at the 
same time. Therefore, we need to calculate the neutrino luminosity and annihilation 
efficiency of the advection-dominated disk with outflow around a neutron star if the 
neutrino luminosity is much higher for the advection-dominated neutron-star disk 
than the black-hole disk. 

In this chapter we still consider the case in which the central object is a neu- 
tron star rather than a black hole. Our purpose is to further study the structure 
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Notation and definition of some quantities in this chapter. 



notation 



definition 



/Eq. 



e energy parameter 

7 adiabatic index of the accreting matter 

s outfiow index 

C toroidal velocity difference between outflow and accretion disk 

rjs efficiency factor to measure the surface emission 

VsADAF efficiency factor to measure the energy advected from the disk 



§4.2.1, eq, 
§4.2.2, eq. 
§4.3.3, eq 
§4.3.3, eq. 
§4.4.1, eq. 
§4.4.1, eq 



(14:201) 
(14331) 

(imi) 



Table 4.1: 



of a hyperaccreting neutron-star disk following ZD08, and calculate the neutrino 
annihilation rate above such a disk. This chapter is organized as follows. In §4.2 
we introduce basic equations of the neutrino-cooled disk. We discuss the properties 
of the inner disk in §4.3 based on the two-region disk scenario introduced in ZD08. 
We study the disk with different values of the viscosity parameter a and the en- 
ergy parameter e (some quantities are given in this chapter in Table 14. 1|) , and then 
study the disk structure with an outfiow. Two models of an outfiow driven from 
the neutron-star disk are introduced in §4.3.4. In §4.4, we calculate the neutrino 
annihilation rate and luminosity above the neutron-star disk in various cases, and 
compare the results with the black hole disk. We discuss the effect of the neutrino 
luminosity at the neutron star surface boundary layer on the annihilation rate. In 
§4.5, we particularly focus on an astrophysical application of the neutron-star disk 
in GRBs and GRB-SN connections. Conclusions are presented in §4.6. 



4.2 Basic Equations 
4.2.1 Conservation equations 

In this chapter, all quantities are used as their usual meanings (see ZD08). We 
adopt the cylindrical coordinates (r, 2) to describe the disk. Vr, are the radial 
and rotational velocity, fl is the angular velocity, and Qk is the Keplerian angular 
velocity. S = 2pH is the disk surface density with p as the density and H as the 
half-thickness of the disk. Vertical hydrostatic equilibrium gives H = c^/fi/^, where 
the isothermal sound speed is Cg = {P/pY^'^ with P to be the gas pressure. The 
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Vk = dCgH is the kinematic viscosity coefficient in the disk with a to be the viscosity 
parameter. 

The mass continuity equation is 

-^{rY.Vr) = 2pH, (4.1) 
r dr 

where p is the mass-loss term. If the outflow of the disk is weak, the mass accretion 
rate M can be considered as a constant and we have the accretion rate, 

M = -AirrpVrH = -27irEvr. (4.2) 

In §3.3 we will also discuss the disk structure with outflows. 
The angular momentum conservation reads 

^ d(rv^) d f ^ c^. ndVL\ d ■ , . „, 

T.rvr^-r^ = — J:a-^r^— + —Je,t, 4.3 
dr dr \ \Ik dr J dr 

with Jext as the external torque acted on the disk, such as the torque acted by the 
outflow from the disk. The angular momentum flows into the central compact star or 
the coupling exerted by the star on the inner edge of the disk is C = — M(GMr^)^/^ 
with r^: being the neutron star radius (Frank et al. 2002). Therefore, for a weak 
outflow, combined with equation (14.11) and the above boundary condition, equation 
(14. 3p is integrated as 

- ^ (l - .1^) . (4.4) 



37r \ V ^ , 

where is the neutron star radius. Here we adopted the standard assumption that 
the torque is zero at the inner boundary of the disk r^: + b with h <^r^. In §4.3.3 we 
will discuss the angular momentum equation with outflow. 
The energy equation of the disk is 

dn 

EtvT— = g+ - g-, (4.5) 

where T is the temperature in the disk and s is the local entropy per unit mass, 
and are the heating and cooling energy rates in the disk. In the outer disk, the 
energy input is mainly due to the local viscous dissipation. 



iTir^ \ V r 
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The left term of equation (14.51) can be taken as the energy advection term Q^dv 
can obtain (ZD08) 



Q 



adv 



l^Vrl — = Vrl 



dr 



2r 



-{l + Y,) + -g, 

2 3 p 



(4.7) 



where R = 8.315 x 10''ergs mole~^ is the gas constant, Y^, is the ratio of electron 
to nucleon number density, the free degree factor is 2 for photons and 11/2 for a 
plasma of photons and relativistic e~e~^ pairs. 

The energy cooling rate Q~ is mainly due to neutrino emission, i.e., ~ Q:^ 
(Popham & Narayan 1995; Di Matteo et al. 2002), 



{7/8)aBT' 



^=e;,r (3/4) /2 + 1 / + 1/ (3r,,, J] ' 
The three types of neutrino cooling rate per unit volume are 



(4.1 



Qu, = QeN + qe-e+ ^Ueiye ~^ Qhvcm ~l" Q'plasmoiu 



(4.9) 



<iu^, — Qvr — Qe-e+^UrUr + ^br 



(4.10) 



where geN, <ie-e+^uiUi, ^brem, ciud gpiasmon circ the clcctron-positron pair capture rate, 
the electron-positron pair annihilation rate, the nucleon bremsstrahlung rate, and 
the plasmon decay rate. Following Kohri et al. (2005), Janiuk et al. (2007) and 
Liu et al. (2007), we calculate the absorption and scattering optical depth for three 
types of neutrinos Ta^Ui{e,fi,T) and Ts^Vi{e,ii,T) as well as the neutrino cooling rates. 
For hyperaccretion disks, the electron-positron pair capture rate plays the most 
important role among several types of neutrino cooling rates. 

Moreover, besides the local energy equation (|4.5|) . we need the global energy 
conservation equation of the inner disk in order to decide the size of the inner disk. 
The maximum power that the inner disk an release is estimated as (ZD08) 



3GMM 




(4.11) 
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where f is the radius between inner and outer disks (i.e., the size of the inner disk), 
the average neutrino cooling efficiency is determined by 

JjT""* Q~2nrdr 
J- Q+Znrar 



Thus we derive 



3r* 



2 /r,\V2- 

3 V f 



(4.13) 



with the energy parameter e being introduced to measure the neutrino cooling ef- 
ficiency of the inner disk. When the outer disk fiow is mainly an ADAF, we have 
/i/ ~ and the maximum energy release rate of the inner disk to be GMM /Ar^. 
When the outer disk fiows is an efficiently NDAF, then fu — ^ and the energy release 
of the inner disk mainly results from the heat energy generated by itself. The values 
of fi, are calculated analytically in Zhang (2009, Fig. 3.6). In ZD08, we simply set 
e = 1 and use the entropy-conservation self-similar structure to describe the inner 
disk. In §3, we also discuss the case of e < 1 with different structures of the inner 
disk. In addition, if we consider an outfiow ejected from the disk, equation (I4.13P 
should be modified. We will discuss the modification in §3.3. 

4.2.2 Pressure and /3-equilibrium 

The total pressure in the disk is the summation of four terms: nucleons, radiation, 
electrons (including e~^e~ pairs) and neutrinos, 

P = P,,, + P,,d + Pe + P., (4.14) 

where the pressures of nucleons, radiation and electrons are 

Pnuc = (4.15) 
TJlB 

Prad = laT\ (4.16) 

P± = 2 / —= f4 171 

3 7r^K^ Jq + 1 e(™-<:'V^^T/^=)/'=B^ + 1 ' ^ ' ' 

and 



(4.18) 
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We use the Fermi-Dirac distribution to calculate the pressure of electrons, where fXe 
is the chemical potential of electron gas, and ks is the Boltzmann constant. 

The ratio of the neutrino pressure to the total pressure becomes noticeable only 
in very opaque regions of the disk (e.g., Kohri et al. 2005, their Fig. 6; Liu et al. 
2007, their Fig. 3). The neutrino pressure is 

Pu = u,/3, (4.19) 

where u^, is the energy density of neutrinos. We adopt the expression of from 
previous work (e.g., Di Matteo et al. 2002). 

The adiabatic index of the accreting matter is important to determine the size 
of the inner disk when it satisfies the entropy-conservation condition. It can be 
written as 

7 = 1 + (Pnuc + Prad + Pe + Pu) / (Unnc + ^rad + Me + U^)- (4.20) 

Moreover, we need the equation of charge neutrality 
Up = — = Ue- - ne+, (4.21) 

TUB 

and the chemical equilibrium equation 

'^p(J^ p+e~ ^n+Ue ~l~ rp_|_p^_>n+e+ ~l~ p+e~ +Ue^n) 

'^n(J^n+e+^p+Ue ~^ Tn— »p+e~+i/e ~^ n+Ue^p+e^) (4.22) 

to determine the matter components in the disk, where Up, rif.- and ne+ are the 
number densities of protons, electrons and positrons, and the various weak inter- 
action rates Tp^n ij^n^p) can be calculated following Janiuk et al. (2007; see also 
Kawanaka k. Mineshige 2007). When neutrinos are perfectly thermalized, we derive 
the /3-equilibrium distribution in the disk 

with Q = {rrin — 'mp)c^, and the factor /{r^) = exp{—TuJ combines the formula 
from the neutrino-transparent limit case with the the neutrino-opaque limit case 
of the /3-equilibrium distribution. However, we should keep in mind that the (3- 
equilibrium is established only if the neutronization timescale t„ is much shorter 
than the accretion timescale ta in the disk tn < ta- Beloborodov (2003) found that 
the equilibrium requires the accretion rate M to satisfy 

M> Meq = 2.24 X lO-^(r/lO''cm)^^/^°(a/O.l)^/^(M/M0)-^/^°M0S-\ (4.24) 
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When the accretion rate is sufficiently low, the electron fraction Ye would freeze out 
from weak equilibrium, while the disk becomes advection-dominated (e.g., Metzger 
et al. 2008b, 2009). In this case, the chemical composition of the disk is determined 
by its initial condition before its evolution. Metzger et al. (2009), for example, 
showed that the hyperaccreting disk around a black hole generically freeze out with 
the fixed ~ 0.2—0.4. We will discuss the effect of chemical equilibrium on neutron- 
star disks more detailedly in the next section. The /^-equilibrium assumption can 
be approximately adopted in our calculations even for the ADAF case. 

4.3 Properties of the Disk 

The two-region disk scenario in ZD08 allows the gravitational energy of the neutron- 
star disk system to be released in three regions: outer disk, inner disk and neutron- 
star surface. The inner disk region is formed due to the prevention effect of the 
neutron-star surface, i.e., most advection energy generated in the disk still need 
to be released in a region near the neutron-star surface. Moreover, a difference 
between the angular velocity of the neutron-star surface and that of the disk inner 
boundary layer leads to neutrino emission in the surface boundary layer. In ZD08, 
we assume all the advected energy to be released in the disk and furthermore all the 
advected energy from the outer region to be released in the inner disk. Actually, it 
is possible that a part of the advected energy can be transferred onto the neutron- 
star surface and finally cooled by neutrino emission from the surface boundary layer 
rather than the inner disk. Local microphysics quantities such as the inner energy 
density, neutrino cooling rate, heating convection and conduction properties as well 
as the advection and cooling timescales should be calculated in order to simulate 
the inner disk formation and the cooling efficiency of the steady-state inner disk. 
In this chapter, however, we adopt a simple method to determine the inner disk 
structure, i.e., we use the global energy equation (14.13p with the global parameter e 
instead of the local energy equation (14.51) . The inner disk can release all the advected 
energy transferred inward for e = 1, while a part of the advected energy can still be 
transferred onto the neutron-star surface for e < 1. Moreover, we approximately take 
£ as a constant in the inner disk, and adopt the self-similar treatment to calculate 
the inner disk structure. We take = or the entropy-conservation condition 
(is = for e = 1 in the entire inner disk, and Q~ = eQ^ for e < 1 with the 
advection-dominated self-similar structure. 
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With the energy parameter e in the global energy equation (|4.13p and the 
self-similar treatment, the inner disk model can be simplified and calculated by 
assuming the accretion rate, the mass of the central compact object, and the self- 
similar structure of the inner disk. We discussed the disk structure with the entropy- 
conservation condition in ZD08, and in this section we further discuss the properties 
of the neutron-star disk in various cases. Furthermore, we need to consider the effect 
of an outflow from the neutron-star disk. 

4.3.1 Entropy-Conservation Inner Disk with Different a 

The viscosity parameter a was first used by Shakura & Sunyaev (1973) to express 
the relation between viscous stress tre and the pressure P in the disk as tre = aP. 
Another formula introduces the turbulent kinematic viscosity is = aCgH (Frank 
et al. 2002). MHD instability simulations show a wide range of a from 0.6 to about 
0.005 or less (Hawley et al. 1995; Brandenburg et al. 1995; Balbus & Hawley 1998; 
King et al. 2007). King et al. (2007) summarized observational and theoretical 
estimates of the disk viscosity parameter a. They showed that there is a large 
discrepancy between the typical values of a from the best observational evidence 
[a ~ 0.1 — 0.4 for fully ionized thin disks) and those obtained from numerical MHD 
simulations (a < 0.02 and even considerably smaller). More elaborate numerical 
simulations should be carried out for resolving this problem. For neutrino-cooled 
hyperaccreting disks, many previous papers choose a = 0.1 as the most typical value. 
The disk structure with a from 0.01 to 0.1 was discussed in Chen & Beloborodov 
(2007). On the other hand, hyperaccreting disks with very low a have also been 
discussed. For example, Chevalier (1996) studied the neutrino-cooled disk with an 
extremely small a ~ 10~^. In this section, we discuss the neutron-star disk with 
different a. We choose the value of a from 0.001 to 0.1. The size of the inner 
disk alters with different a, and we still adopt the entropy-conversation self-similar 
condition of the inner disk to study the effects of the viscosity parameter. 

As discussed in ZD08, from equation (I4.13p . if e ^ 1, the heating energy ad- 
vected from the outer disk together with the energy generated in the inner disk is 
totally released in the inner disk, and the energy balance can be established be- 
tween heating and cooling in the inner disk, i.e., = Q~ , or from equation (14.51) . 
Tds/dr = 0. In the case where tv <^ and Q ~ Qk but 1^2 — Qk\ > Vr/r, we can 
obtain the entropy-conservation self-similar structure of the inner disk (Medvedev 
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Figure 4.1: The radius f (fe, in units of 10^ cm) of the boundary layer between 
the inner and outer disks as a function of accretion rate with different values of the 
viscosity parameter a=0.1 (thick solid line), 0.01 (thick dashed line) and 0.001 (thick 
dotted line). The three thin lines labeled "a", "b", and "c" are the characteristic 
curves of /^-equilibrium with three values of a=0.1, 0.01 and 0.001 respectively. 
Each characteristic curve divides the M — f parameter plane into two regions with 
a chosen a, and /^-equilibrium can be established in the right region respectively. 

& Narayan 2001; ZD08) by 

p oc r-^/(T-i), P oc r-^/(^-i), Vr oc r(3-27)/(7-i)_ (4_25) 

Since the adiabatic index of the accretion matter is not constant, we modify expres- 
sion (j4.25l) as 

p{r) _ ( r p(r) _ f r 

p{r + dr) \r + dr J ' P{r + dr) \r + dr 

v{r) / r 

v{r + dr) \r + dr 

The size of the inner disk f with various a can be determined by equation 
fl4.13|) in §4.2.1. Figure [4T] shows the size of the inner disk as a function of accretion 
rate with different viscosity parameter a=0.1, 0.01 and 0.001. Same as in ZD08, 
the outer edge radius of the inner disk f decreases with increasing the accretion 
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rate for a low accretion rate when most part of the disk is advection-dominated. f 
reaches its minimum value at M ~ 0.1MqS~^ for a = 0.1, and then increases with 
increasing the accretion rate. However, the size of the inner disk becomes smaller for 
lower viscosity parameter a and would expand dramatically for a higher accretion 
rate. The characteristic rate Mq which minimizes the size of inner disk f can be 
approximated by Mch ~ qMq s~^. The value of accretion rate Mch is between those 
of characteristic rates Mjgn (rate of ignition) and Mopaque (rate of transparency) in 
Chen & Beloborodov (2007). 

Actually, from ZD08, we derive an approximate analytic equation of the radius 
f between the innner and outer disks as 

1^1 - y/^^ (^rfi^ - rWF^^ oc M^'^^^aJ^ (4.27) 

for a radiation-pressure-dominated ADAF outer disk, and 

- [rr^ - r~^y ' oc M^'/'^aZf'' (4.28) 

for a gas-pressure-dominated ADAF. In both cases, the inner disk size delines as 
the accretion rate increases or the viscosity parameter a decreases. For a neutrino- 
dominated disk, the inner disk size f reaches its minimum value 



2 /r,\i/2' 

3 v7 



(4.29) 



The solution of minimum f declines as a decreases because the lower-a disk has a 
higher value of fy. As a result, the inner disk size f always decrease with decreasing 
a in the ADAF case. This conclusion is consistent with that of Figure 14. 1[ 

For simplicity, we here adopt an unified model introduced in §4.2 to calculate 
the structure of the disk both in the ADAF and NDAF cases. In particular, we 
assume that the disk is always in the /^-equilibrium state. Let us focus on this 
equilibrium assumption. Following Beloborodov (2003, i.e., equation |4.24| in our 
work) , we plot the characteristic curves of equilibrium with different values of a in 



the M — f plane of FigureHTJ The /3-equilibrium state can only be established in the 
right region divided by the corresponding curve. In the left region, as mentioned 
at the end of §4.2.2, the weak interaction timescale become longer than the disk 
evolutionary timescale, and the electron fraction Y^. freezes out with a fixed value. 
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Radius (10' cm) Radius (10' cm) 




Figure 4.2: The density, pressure, temperature, neutrino luminosity per unit area, 
adiabatic index 7 and height (half-thickness of the disk) of the entire disk with 
different values of the viscosity parameter a=0.1 (solid line), 0.01 (dashed line) and 
0.001 (dotted line) with a fixed accretion rate M = O.O4M0 s~^. 
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However, based on the analytic and numerical arguments in ZD08, we found that 
the solutions of disk structure are relatively insensitive to the value of Ye, and the 
main results of Figure [4T] can still be unchanged for various Y^. In ZD08, we fixed 
the value of Fg = 1/9 and Y^ = I as the two limits. The inner disk size increases 
slightly with increasing Fg in the case of ADAF, and the main result (i.e., the "U"- 
shape curve in the M — f plane as the solution of inner disk size) is still kept for 
both Ye = 1/9 and Y^ = I. Moreover, although larger Y^ leads to slightly lower 
value of density, temperature and pressure for ADAF, the physical properties of the 
ADAF disk with low accretion rate beyond equation (I4.24p is close to each other 
for the cases of Yg = 1/9 and 1 (ZD08, Fig. 8). Furthermore, if we adopt the 
equilibrium assumption in the ADAF case, the value of Y^ will actually not deviate 
dramatically from 0.5 (i.e., ZD08, the right panel of Fig. 7). Therefore, we always 
take /^-equilibrium as an approximation in our calculation. 



Figure [42] shows the structure of the disk for a chosen accretion rate 0.04MqS~^ 
as a function of radius for three values of a. The disk with lower a is denser 
and thinner with higher pressure and larger adiabatic index, and has a brighter 
neutrino luminosity in most part of the disk except for a part of the inner disk region, 
which satisfies the self-similar structure. A low-a accretion flow with less kinematic 
viscosity coefficient z/^ requires a higher surface density S for a fixed accretion rate 
compared to a high-a accretion flow. We have listed approximate analytic solutions 
of accretion flows in various cases in ZD08. We obtain p oc P oc oc a° 

for a radiation-pressure- dominated ADAF, p oc (1 + i;)"^^/"^-^/", P oc (1 + 
y^^-4/iiQ,-io/ii^ H (X {1 + Y^y^^^a^^/^^ for a gas-pressure-dominated ADAF, p oc 
(1 + re)"^/^«"^^/^°, P oc (1 + re)~^/^a~ii/i°, H (x{l + Yef/^a^/^° for gas-pressure- 
dominated NDAF. The density and pressure always increase with decreasing a. 
These results are consistent with those shown in Figure 14. 2[ The disk region where 
is radiation-pressure-dominated is extremely small for low a (eqs. [22] to [25] in 
ZD08). Also, as for a low-a disk, the electron fraction Ye is also low, so the disk is 
thinner compared to the high-a disk for gas-pressure-dominated ADAF and NDAF, 
although the viscosity parameter contributes an increasing factor a~^^^^ for the low- 
a disk with gas-dominated ADAF. 
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4.3.2 Advection-Dominated Inner Disks 

The entropy-conservation self-similar structure has been used by Medvedev & Narayan 
(2001) and ZD08 to discuss the global accretion disk structure. However, such a 
structure is not the only structure for the neutron-star inner disk, as the entropy- 
conservation condition Q'^ = Q~ can be satisfied only for e ~ 1 in equation ()4.13l) . 
In the case where e < 1, i.e., the inner disk can only partly release the heating 
energy generated by itself and advected from the outer region, some part of the 
heating energy in the disk should be still advected onto the neutron star surface and 
released from the surface area, and thus the inner disk cannot satisfy the entropy- 
conservation self-similar structure. In this case, a part of the heating energy is still 
advected into the inner region until it is released around the neutron star surface. 
We can approximately take Q~ = eQ^ in the inner disk for e < 1, and thus the 
structure of the inner disk can be described by the ADAF self-similar structure 
(Spruit et al. 1987, Narayan & Yi 1994): 

p oc r~2/^ P oc r~^/^ Vr oc r'^'^, (4.30) 

In Figure [131 we show the inner disk size for four values of the energy parameter 
£=0.9, 0.7, 0.5 and 0.2. We still fix a=0.1 in this chapter in order to see the effects 
of advection in the inner disk with e < 1. This is because the size of the inner 
disk becomes smaller for lower e, as more heating energy can be advected onto the 
neutron star surface, and the inner disk size is small enough to keep energy balance 
between heating and cooling in the disk. 

Compared with the entropy-conservation self-similar structure, the size of the 
advection-dominated inner disk is much larger for a low accretion rate when most 
part of the disk is advection-dominated. When the accretion rate is low, the adi- 
abatic index of the accreting matter is 7 ~ 4/3 and the entropy-conservation self- 
similar structure (14.251) can be approximately taken as p oc r^^ and P oc r~^, which 
requires a more dramatic change of density and pressure than those of the advection- 
dominated inner disk p oc r'^/"^ and P oc r~^/^. This difference in structure between 
entropy-conservation and advection-dominated inner disks makes the size of the 
inner disks be different with each other. 

Finally, what we should point out is that the structure of the advection-dominated 
self-similar inner disk even with e ^ 1 is different from the entropy-conservation 
disk with £ = 1, since these two types of self-similar structure are based on different 
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Figure 4.3: The radius f (in units of 10^ cm) between the inner and outer disks as a 
function of accretion rate with different values of the energy parameter £=0.9, 0.7, 
0.5 and 0.2. The thin line labeled "a" is the characteristic curve of equilibrium as in 
Fig. 1 with a=0.1. 



sets of conservation equations. The advection-dominated structure is based on the 
mass continuity, radial momentum and angular momentum equations, while we do 
not consider the local energy equation in which Q'^ = Q^^^ + Q'^^^ with to be 
difficult to determine locally, and we only consider the global energy equation fl4.13p 
to calculate the size and structure of the inner disk. On the other hand, under the 
energy-conservation condition Tds = 0, we can establish the relation P (x from 
the local energy equation and obtain the self-similar structure (j4.25l) with a combi- 
nation of the mass continuity and the radial momentum and local energy equations 
(ZD08). However, the relation P oc and the integrated angular momentum equa- 
tion (14.41) cannot be both satisfied in the entropy-conservation solution at the same 
time. In other words, the angular momentum transfer in the inner disk with the 
structure P (x cannot be merely due to the viscosity. We should consider the 
external torque acted on the disk or the angular momentum redistribution in the 
inner disk. We will discuss the entropy-conservation structure in more details in 
§4.5. 
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4.3.3 Inner Disks with Outflows 

In §4.3.1 and §4.3.2, we do not consider outflows, which may have important effects 
on the structure and energy flux distribution of the entire disk in some cases. Follow- 
ing Narayan & Yi (1994, 1995) and Medvedev (2004), if the adiabatic index 7 < 3/2, 
then the Bernoulli constant of the accretion flow is positive and a thermally-driven 
wind or outflow can be produced from the disk. Therefore, the outflow component 
can be important in ADAFs. On the other hand, since the accretion rate of the 
neutron-star disk is very large, it is reasonable to assume that the neutron star, 
which has a solid surface and is different from the black hole, cannot accumulate 
all of the accreting matter at once, and thus an outflow could be produced near the 
neutron star surface and exist in the inner region of the disk. 

In this section, we consider the disk structure and neutrino emission in the disk 
with an outflow. We consider two models depending on two mechanisms. In the 
flrst model (hereafter model 01), an outflow is mainly produced in the process of 
disk matter accreting onto the surface of a neutron star. We assume that only the 
inner disk produces an outflow and the accretion rate of the outer disk can still be 
considered as a constant. We take 



rate in the outer disk. Second, if an outflow is produced by the accretion process in 
the disk, then we consider that the outflow is produced in the entire disk (hereafter 
model 02 in this section), i.e.. 



Strictly speaking, a thermally-driven outflow from the entire disk is expected in the 
advection-dominated disk but not in the neutrino-dominated disk. The winds from 
the disks which emit a sufficient high neutrino luminosity are considered to be driven 
due to neutrino irradiation (Metzger et al. 2008). We adopt equation fl4.32p for all 
the disks with a wide range of the accretion rate in model 02 for simplicity, and we 
also take the index s of the outflow as a constant. The angular momentum equation 
with an outflow can be written as 



M(r) = Mo{r/ry 



(4.31) 



for the inner disk with s to be the outflow index and Mq to be the constant accretion 



M(r) = Moir/rout) 



s 



(4.32) 




(4.33) 
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where ( describes a difference between outflow velocity Voutfiow,(t> and accretion-disk 
velocity v^: — Voutfiow,<t> = C^0- From equation ()4.33|) . we see that if s = or 
C = 1, i.e., there is no outflow or the toroidal velocity of the outflow is zero and 
no angular momentum is taken away by the outflow, then the angular momentum 
equation (14.331) switches back to the common case of equation (14. 4p . In this section, 
we take C = 0, i.e., Voutfiow,4> ~ VaccX- 

With the outflow in the inner disk, the self-similar structure becomes 



(4.34) 



The energy conservation equation of the inner disk can be rewritten as 



Qi^ 2TTrdr = e 



9 GM , , - 
-uJ:—-27rrdr + (1 - 



9 GM 
-z/S — —2iirdr 



(4.35) 



where we still keep the advection parameter e. For model 01 that the outflows 
merely exist in the inner disk due to the neutron star surface, using equations (I4.3ip 
and (I4.33p . we derive the energy conservation equation (14.351) as 



2'JTrdr 
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(4.36) 



for s < 1, and 

Q~27rrdr 
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(4.37) 



for s = 1. Here we always consider the outflow index s < 1. 



^Here we do not consider the effects of magnetic fields. In fact, the differences in azimuthal 
velocity and angular momentum between the outflow and accretion inflow could also exist when 
the accretion flow is governed by a magnetic fleld (B^, B^) without strong poloidal component Br 
(Xie & Yuan 2008; Bu et al. 2009). The poloidal magnetic field, however, would cause the outfiow 
to co-rotate with the disk out to the Alfven radius above the disk surface. In this section, we take 
the outflow to co-rotate with the accretion inflow Voutfiow,4> ~ Vacc,4>- 
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If the outflows exist in the entire disk (model 02), then we have 



2Txrdr 



out 



1 + 2<^ GMMo 
1 + 2s 

1 

1 - s 
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2'Krdr 



1 + 2<\ GMMq 
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T'out 



fout 



(^)h-2[/..(^)"^*.)} 



for s = 1. We should point out that, since we derive the energy equations (I4.36P - 
(I4.39P in the disk with outflow using the angular momentum equation (14.331) rather 
than the entropy-conservation expression (14.261) . we still use the self-similar structure 
(I4.34P to calculate the properties of the inner disk and the entire disk in the case of 
£ ~ 1 both in models 01 and 02. 



The top two panels in Figure 14.41 show the size of the inner disk with different 
values of the advection parameter e. In model 01, the inner disk is larger for a 
stronger outflow (larger s) with low accretion rate (< O.2M0S"^); but for a high 
accretion rate (> O.2M0S~^), the size of the inner disk decreases with increasing 
the outflow index s. In fact, if the accretion rate is low, the flow of the outer 
disk is mainly ADAF and fy ~ 0. From equations (I4.36p and (I4.37p . most of the 
energy generated in the outer disk is advected into the inner region, and the inner 
disk size is mainly determined by the self-similar structure (14 .34^ . which requires a 
less dramatic change of density and pressure as functions of radius for higher s or 
stronger outflow. As a result, the size of the inner disk becomes larger for a stronger 
outflow. On the other hand, if the accretion rate is high, we have ~ 1 in the 
outer disk, the inner disk size is mainly determined by the heating energy generated 
in the inner disk, i.e., the first terms of the right-hand side in equations (I4.36p and 
(I4.37p . and a stronger outflow carries away more energy from the disk and allows a 
smaller size of the inner disk when the accretion rate is sufficiently high. 

The bottom two panels in Figure 14.41 show the inner disk size in model 02 in 
which an outfiow exists in the entire disk. The inner disk structure cannot exist 
for a high accretion rate (> O.4M0S~^) except for the weak outflow case (s = 0.2) 
where the inner disk also exists in some range of a high accretion rate. The change 
of the inner disk size is more signiflcant for a large outflow index s and even the 
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Figure 4.4: (a) Top panels: the radius f between the inner and outer disk in model 
01 with different parameter sets of the outflow index s=0.2, 0.6, 1 and the energy 
parameter e ^ 1, 0.8. (b) Bottom panels: the radius f in model 02 with the same 
parameter sets {s,e) as in the top two panels. 
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Figure 4.5: Density, pressure, temperature and height (half-thickness) as functions 
of radius for different values of the outflow index s=0.2, 0.6, 1, where we take the 
accretion rate as 0.2Mq and the energy parameter £=0.8. 

entire accretion disk can satisfy the self-similar structure fl4.33p for a sufficiently low 
accretion rate. For a high accretion rate (> O.SMqS"^), the outflow can take away 
enough heating energy from the disk, and a balance between heating and cooling 
in the entire disk can be built even without an inner disk. In this range of a high 
accretion rate, the structure of the neutron-star disk in model 02 is very similar to 
the black hole disk with an outflow. 

Figure 14.51 shows the structure of the disk with different values of the outflow 
index s=0.2, 0.6 and 1 in model 02. We choose the accretion rate M = 0.2Mq s~^ 
and the energy parameter £=0.8. The density and pressure in the disk decrease with 
increasing the outflow strength in the entire disk, and the disk becomes thicker for 
a stronger outflow. The change of the temperature is not as obvious as the density 
and pressure. Most part of the outer region of the disk will be cooler for a stronger 
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Self-similar structure and size of the inner disk 


in various cases 


Cases 




Inner disk self-similar structure 


Inner disk size 


Case 1: 


e ~1, no outflow 


entroDV-conservation structure (|4.26l) 


Figure 4.1 


Case 2: 


e <1, no outflow 


advection-dominated structure l|4.30l) 


Figure 4.3 


Case 3: 


outflow model 01 


outflow structure (|4.34p 


Figure 4.4 top panels 


Case 4: 


outflow model 02 


outflow structure (|4.34p 


Figure 4.4 bottom panels 



Table 4.2: We discuss case 1 in §4.3.1, case 2 in §4.3.2, case 3 and case 4 in §4.3.3 
with different inner disk structures based on energy and mass transfer in the entire 
disk. 



outflow, but the inner disk region can be hotter in order to release the heating energy 
advected from the outer region of the disk. 

We make a brief summary in the end of this section. We propose the inner disk 
to satisfy the self-similar structure. Table [42] shows the main results in this section. 
The inner disk satisfies the entropy-conservation self-similar structure as in ZD08 for 
the energy parameter e ^ 1, while it becomes an advection-dominated self-similar 
region for e <1. In outflow model 01, an outflow is produced in the inner disk due 
to the prevention effect of the neutron star surface, and model 02 suggests that an 
outflow exists in the entire disk as in Kohri et al. (2005). We discuss the size of 
the inner disk depending on different structures of the inner disk and outflow and 
different values of the viscosity parameter. 

4.4 Neutrino Annihilation 

4.4.1 Calculation Method and Surface Boundary Condition 

Hyperaccreting black hole disks can convert some fraction of the net accretion energy 
into the energy of a relativistic outflow or wind by two general mechanisms: neu- 
trino annihilation and magnetohydrodynamical effects such as the Blandford-Znajek 
mechanism or magnetic instabilities. However, for hyperaccretion disks surrounding 
neutron stars, the energy conversion mechanism is mainly due to the neutrino anni- 
hilation for magnetic fields at the neutron star surface < 10^^ — 10^^ G. We consider 
the process of electron capture Ui + Ui ^ e'^ + e~ as the most important interac- 
tion for energy production. As the neutron-star disk is denser, hotter with higher 
pressure, and has a brighter neutrino luminosity compared with the black-hole disk 
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in most cases, the neutrino annihilation efficiency of the neutron-star disk should 
be higher than that of the black-hole disk. Moreover, the surface boundary of the 
neutron star, which carries away gravitational-binding energy by neutrino emission, 
also makes the neutrino annihilation luminosity of the neutron-star disk be higher 
than that of the black-hole counterpart. 

In this section, we follow the approximate method used by Ruffert et al. (1997, 
1998) and Popham et al. (1999) to calculate the neutrino annihilation luminosity, 
i.e., the vertically-integrated disk is modeled as a grid of cells in two dimensions 
(r, if) . The symbols e^^ and Z^. are the mean neutrino energy and neutrino radiation 
luminosity with three different types of neutrino (i = e, r, /i) in the cell k, and dk is 
the distance from the cell k to a certain spatial point. The neutrino annihilation at 
any point above the disk is 

jk Ik' 



t=e,fi,T 

ik ik' ,k 



+ E (4.40) 



where the values of the neutrino cross section constants Ai^i and ^2,1 can be seen 
in Popham et al. (1999). The total neutrino annihilation luminosity above the disk 
can be integrated as 



00 



Lj,p = 2-K I dr l^yvdz. (4.41) 



H 

For a neutron-star disk, we should consider both its different structure compared 
with the black-hole disk and the boundary condition of the neutron star surface layer. 
The neutrino annihilation luminosity is not only contributed by neutrinos emitted 
from the disk but also from the neutron star surface layer. The luminosity available 
to be radiated by the boundary layer at neutron star surface is (Frank et al. 2002) 

i^..,.i-.,-«...^^(:-i^)^ (...) 



where Vt^ is the angular velocity of the neutron star surface, and ^ |Mr^(f2/^ — 
VL^) is the viscous torque acted on the accretion disk. Here we only study the 
vertically integrated disk over a half-thickness (height) H. As a result, the luminosity 
is a function of accretion rate M and neutron star surface angular velocity Vt^ . In the 
case where the inner disk satisfies the entropy-conservation self-similar structure, we 
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introduce the efficiency factor 77^ to measure the energy emitting from the neutron 
star surface and rewrite equation (14.421) as 

GMM fl I \ , , 

Ls = Vs—r- • (4-43) 



r rout. 

If ~ Qk, we have r/s ~ and there is no emission from the surface layer; or 
if f2* ~ 0, we have r/^ ~ 1, which satisfies the Virial condition. We consider the 
energy released from the surface layer is mainly carried away by neutrino emission, 
and thus the neutrino emission rate and the temperature at the layer are related by 

r)s GMM fl 1 \ 7_ ^4 



Q^,s = , " A • (4.44) 

4 Tout J 8 

In the case where the self-similar inner disk is advection-dominated, we obtain 
the gravitational energy released by neutrino emission as 



GMM fl I \ , ,GMM r 1 - 



2 /r,\i/2' 

3 v7 



(4.45) 



where the second term in the right side of equation ()4.45l) is the heating energy 
advected from the inner disk to the surface boundary layer, and we can further 
write equation (14.45P as 

,GMM fl I \ , , 

Ls = iVs + Vs,adaf)^- - — J ' (4-46) 

where we take the equivalent factor tIs^adaf to measure the energy advected from the 
advection-dominated inner disk to the surface boundary. Table 14.31 shows examples 
of f]s,ADAF with different inner disk structures. 

When an outfiow exists in the disk, the luminosity at the boundary surface is 
dimmer since the accretion rate near the neutron star surface is lower due to the 
outfiow. We can modify equation (14.451) by changing the accretion rate M to be 
MQ^r^/rY for model 01 in §3.3 and Mo{r^/routY for model 02. 



4.4.2 Results of Annihilation Luminosity 

We calculate the neutrino annihilation luminosity L^p and the total neutrino lumi- 
nosity Li, emitted from the disk and neutron star surface. The results of Lj,p and 
Lj, depend on the value of the viscosity parameter a, the detailed structure of the 
inner disk, the strength of the outfiow, as well as the neutron star surface boundary 
condition. We discuss the effects of these various factors in Figure to Figure 
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10' 10° 10' 10' 

Accretion Rate (0.01M /s) 



Figure 4.6: Neutrino annihilation luminosity L^p {thick lines) and total neutrino 
emission luminosity {thin lines) as functions of accretion rate. The solid lines 
correspond to the neutron-star disk with the entropy-conservation inner disk and 
the boundary layer emission efficiency ?7s = 0, the dashed lines to the neutron-star 
disk with the boundary condition 77^ = 0.5, and the dotted lines to the black-hole 
disk. 
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Equivalent factor rjs^ADAF with different inner disk structures 



Vs,ADAF 


0.03 


0.1 


0.3 


0.5 


1.0 


3.0 




(Mo s-i) 












£=0.9 


9.07e-2 


5.25e-2 


4.22e-2 


5.56e-2 


7.75e-2 


9.56e-2 


£=0.5 


0.419 


0.196 


0.159 


0.149 


0.180 


0.446 


£=0.2 


0.675 


0.496 


0.219 


0.178 


0.218 


0.382 


01: 5=0.2 


0.228 


0.113 


7.84e-2 


8.72e-2 


0.107 


0.202 


5=0.6 




0.215 


0.115 


0.113 


0.119 


0.209 


5=1.0 




0.315 


0.199 


0.168 


0.203 


0.336 


02: 5=0.2 


0.238 


0.104 


7.95e-3 








5=0.6 




0.428 


5.79e-4 








5=1.0 






0.639 


4.36e-4 







Table 4.3: Equations fl4.45p and (14.46p give the value of tIs^adaf- We choose cases 
of the advection-dominated inner disk with £=0.9, 0.5, 0.2, and models 01 and 02 
with 5=0.2, 0.6 1.0 to calculate tis^adaf- 



Figure 14.61 shows the total neutrino annihilation luminosity L^p^^s cind the 
emission luminosity L^ j^s of the neutron-star disk with different surface boundary 
layer conditions (77^=0 and 0.5), and we compare them with the black-hole disk. 
In this figure we take the neutron-star inner disk structure to satisfy the entropy- 
conservation self-similar structure (14.26p . The total luminosity and annihilation 
luminosity of the neutron-star disk are brighter than those of a black-hole disk with 
the same mass and accretion rate. If we study the neutrino annihilation from the 
entire disk without surface boundary emission (?7s=0), the difference between Li^p^^s 
and Lyp BH is more significant for a low accretion rate than for a high accretion rate. 
We have mentioned the reason in ZD08 that a larger inner disk for a neutron-star 
disk with a low accretion rate makes the neutrino luminosity much brighter than 
its black hole counterpart, and the annihilation rate also becomes higher for the 
neutron-star disk. For a high accretion rate (>O.5M0 s~^), the effect of neutrino 
opacity on L^bh and L^^ bh also be less than that on L^^j^^s and L^y^^s- On the 
other hand, neutrino emission from the neutron star surface boundary layer (77^=0. 5) 
makes the annihilation luminosity be more than one order of magnitude higher than 
that without boundary emission (?7s=0). L^p reaches 10^° ergs s~^ when M ~ IM© 
s~^ for a black-hole disk or neutron-star disk with ?7s=0, but only needs M ~ O.IM© 
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Figure 4.7: Neutrino annihilation luminosity L^p and the total neutrino luminosity 
Ly with different values of the viscosity parameter a and energy parameter e. The 
thin lines correspond to 77^ = and thick lines to rjs = 0.5. (a) Left panel: L^p 
with a=0.1 {solid line), 0.01 {dashed line), 0.001 {dotted line) and total luminosity 
Ly {dash-dotted line), where we take e = 1 and the entropy-conservation inner disk 
structure, (b) Right panel: L^y of the neutron-star disk with advection-dominated 
inner disk and £=0.9 {solid line), 0.5 {dashed line), 0.1 {dotted line) and the total 
luminosity Ly {dash-dotted line). 

s~^ for a neutron-star disk with the boundary condition 77^=0.5. Therefore, a lower- 
spin neutron star with hyperaccreting disk around it could have an obviously higher 
annihilation efficiency than that of a higher-spin neutron star. We will discuss the 
neutrino annihilation luminosity of a neutron-star disk in more details in §4.5. 

In Figure 14.71 we show the total neutrino annihilation luminosity of a neu- 
tron star disk with different values of the viscosity parameter a=0.1, 0.01, 0.001 
and the energy parameter £=0.9, 0.5, 0.1. The disk with a moderate viscosity pa- 
rameter (a=0.01) has the highest annihilation efficiency and luminosity for a low 
accretion rate, and the annihilation luminosity from a high-a disk (a=0.1) becomes 
the brightest for an accretion rate M > O.O5M0 s~^. As discussed in Figure [42l a 
low-a disk has a brighter neutrino luminosity Qy, but it is thinner than a high-a 
disk. These two competitive factors lead to the annihilation results shown in Figure 
14.7b . Figure [477b shows that the annihilation efficiency increases with increasing e. 
This is because the disk with lower e means more heating energy in the disk to be 
advected onto the neutron star surface and increases the neutrino luminosity of the 
surface layer, and the value of rjs^ADAF, which plays an important role in increasing 
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Figure 4.8: Neutrino annihilation luminosity L^p of the neutron-star disk with out- 
flow index s=0.2 (solid line), 0.6 {dashed line), 1.0 {dotted line) and the maximum 
value of total luminosity L^, in the case of s=0.2 {dash-dotted line), where we take 
£=0.8. Left panel shows the results of model 01 and right panel to model 02. The 
thin lines correspond to the luminosity to r/^ = and thick lines to rj^ = 0.5. 

the annihilation efficiency of the entire disk. 

Figure [481 shows the total neutrino annihilation luminosity L^p of the disk with 
an outflow. We consider the results of model 01 in which an outflow only exists 
in the inner disk due to the neutron star surface and of model 02 in which an 
outflow exists in the entire disk. The difference in annihilation luminosity with 
different values of the outflow index s but the same surface boundary condition is 
not obvious in model 01. However, L^p becomes much dimmer for a high outflow 
index s in model 02, which means a strong outflow in the entire disk and decreases 
the neutrino annihilation efficiency significantly. 

Furthermore, we study the spatial distribution of the neutrino annihilation lu- 
minosity. Figure [491 illustrates the integrated annihilation luminosity per cm distri- 
bution 



for two accretion rates M=O.O1M0 s~^ and O.IMq s~^ with different physical struc- 
tures of the disk. We find that the integrated annihilation luminosity drops dra- 
matically along the disk radius, and a majority of the annihilation energy is ejected 
from the cylindric region above the disk with r < 3 x lO^cm. The difference of the 
integrated luminosity per cm between the black-hole disk and neutron-star disk is 




(4.47) 
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Figure 4.9: Neutrino annihilation luminosity per cm distribution as a function of 
radius for M=0.01Mq s"^ {left panel) and M=0.1Mq s"^ {nght panel), (a) Left 
panel: annihilation luminosity per cm for a black-hole disk {thin solid line), neutron- 
star disks with entropy-conservation inner disk and ?7s=0 {thin dashed line), and 
?7s=0.5 {thick dashed line), and neutron-star disks with advection-dominated inner 
disk £=0.2 and ris=0 {thin dotted line), and £=0.2 and ?7s=0.5 {thick dotted line). 
(b) Right panel: annihilation luminosity per cm for a neutron-star disk with outflow 
(model 02) e=l, s=0.6, ?7s=0 {thin dotted line), e=l, s=0.6, ?7s=0.5 {thick dotted 
line). The thin solid line, thin dashed line and thick dashed line are the same as the 
left panel. 
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more significant for a low accretion rate when the inner entropy-conservation disk is 
sufficiently large. The luminosity of the neutron-star disk with an advection inner 
disk can be about four orders of magnitude higher than its black-hole counterpart to 
produce a jet with higher energy, while an outfiow makes the annihilation luminosity 
above the neutron-star disk be lower than that of the black-hole disk. 

Compared with the black-hole disk, the neutron-star disk could produce a 
brighter neutrino flux and more powerful annihilation luminosity. However, the 
mass-loss rate driven by neutrino-on-baryon absorption reactions (Qian & Woosley 
1996) along the polar axis of the neutron-star disk is also significantly higher than 
its black-hole counterpart. This raises the problem of whether simultaneously more 
powerful annihilation luminosity and higher mass loss rate could work together to 
produce a relativistic jet required for the GRB phenomena. For example, a heavily 
baryon-loaded wind from a new-born neutron star within 100 ms prevents any pro- 
duction of a relativistic jet (Dessart et al. 2009). However, a weaker wind above the 
polar region and spherical asymmetry of the outfiow at late times could make pro- 
duction of a relativistic jet above the stellar pole become possible. We will discuss 
this issue in more details in §4.5.3. 

4.5 Discussions 

4.5.1 Size of the Inner Disk 

In §4.3 we study various self-similar structures of the inner disk. In this section 
we first want to discuss the entropy-conservation structure. The inner disk can 
be determined by the self-similar structure (|4.26l) and the energy equation (]4.13l) . 
However, the inner disk with the entropy-conservation structure cannot satisfy the 
integrated angular momentum equation HAh . There are two explanations. First, 
we can consider the term dJext/dr 7^ in equation (14.31) for a steady-state disk 
since the angular momentum redistributes in the inner disk before the entire disk 
becomes steady-state. As mentioned in ZD08, because the neutron star surface 
prevents heating energy from being further advected inward, the inner disk is formed 
to balance the heating and cooling energy in the entire disk. As a result, energy 
and angular momentum could redistribute in the inner disk. Second, besides this 
consideration on angular momentum redistribution, we can also discuss another 
type of inner disk with the entropy-conservation structure discussed by Medvedev 
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Figure 4.10: The radius f (in units of 10^ cm) between the inner and outer disks 
with the viscosity parameter a=0.1 {solid line) and 0.01 {dashed line). The thick 
lines show the results based on the consideration Q ^ const in the inner disk in §5, 
and the thin lines based on the angular velocity distribution oc r~^/^ as in §3. 

& Narayan (2000), which still satisfies the angular momentum equation (14.41) with 
Vr <C Vk and ^2 ^constant. The angular momentum transfer and heating energy 
generation due to viscosity can be neglected in the inner disk, as Q is approximately 
equal to an constant, and the heating energy in the inner disk is merely the energy 
advected from the outer disk, i.e., = Q^dv ™ inner disk. As a result, the 
global inner-disk energy conservation equation (I4.13P should be modified as 

for Q ~ constant = Q{r) in the inner disk. Compared with equation (14.131) . equation 
(I4.48P requires a smaller value of f with the same neutron star mass and accretion 
rate. Figure UTOl shows the value of f for a=0.1 and 0.01 with Q ^constant and 
oc r~^/^. The constant angular velocity in the inner disk decreases the inner disk 
size compared to the case of oc r~^/^. However, in order to get a unified scenario of 
the entire disk in various cases, we adopt f2 oc r~^/^ for all the self-similar structures 
in S4.3. 



(4.48) 
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4.5.2 Annihilation Results and Disk Geometry 

Several previous studies have been performed to calculate the neutrino annihilation 
efficiency above the disk around a black hole with the effects of disk geometry, grav- 
itational bending, rotation of central black holes and so on (e.g., Ruffert et al. 1997, 
1998; Popham et al. 1999; Asano & Fukuyama 2000, 2001; Miller et al. 2003; Birkl 
et al. 2007). The simulations based on general relativity show the effects of general 
relativity such as the Kerr black holes and bending neutrino geodesies in space- 
time increase the total annihilation rate by a factor of a few. Also, compared with 
the spherical and torus neutrinosphere, the disk neutrinosphere with the same tem- 
perature and neutrino luminosity distribution usually have the highest annihilation 
efficiency (Birkl et al. 2007). In this chapter, we still adopt the calculation approach 
on annihilation based on Ruffert et al. (1997, 1998) and Popham et al. (1999), and 
consider the vertically-integrated Newtonian disk. The most important results of 
annihilation calculation in our work is that the neutron-star disk produce more ener- 
getic annihilation luminosity compared to the black-hole counterpart. Moreover, we 
consider neutrinos emitted from the stellar surface region, and the neutrino emission 
concentrated in this surface region plays a significant role in increasing the annihila- 
tion luminosity to produce relativistic ejecta formed by e"'"e~ plasma. On the other 
hand, we should note that the effect of surface boundary condition emission could 
be reduced if the emission region becomes larger than we consider in this chapter 
due to outflow or the other cooling mechanisms rather than neutrino cooling at the 
surface. Some other works focusing on neutrino annihilation in supernovae discussed 
neutrino emission from the entire spherical neutron star surface (Cooperstein et al. 
1986; Goodman et al. 1987; Salmonson & Wilson 1999). Therefore, a further work 
should be done to study the effects of boundary emission and cooling based on more 
elaborate considerations on cooling mechanisms and energy transfer at the bound- 
ary around neutron-star disk. However, as the neutron-star disk and the surface 
emission increase the annihilation luminosity more signiflcantly than the general 
relativity effects, we conclude our main results would maintain for more elaborate 
simulations based on advanced calculations on neutrino annihilation above the disk. 

4.5.3 Application to GRB Phenomena 

Energy can be deposited in the polar region of black-hole and neutron-star disks 
by neutrino annihilation and MHD processes. We focus on the annihilation process 
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in this chapter. In the black-hole case, the environment along the polar axis (i.e., 
the rotation axis of the disk around neutron star) can be baryon-free. For example, 
GRB can commence after the initial collapse for ~ 15 s in the collapsar scenario, 
when the accretion process in the polar region becomes sufficiently weak to produce 
a relatively clean environment with the mass density < 10^ g cm""^ (MacFadyen & 
Woosley 1999). In the neutron-star case, however, the enormous neutrino luminosity 
of a neutron star would drive appreciable mass-loss from its surface during the first 
20 s of its life (Qian & Woosley 1996). The wind material will feed the polar region, 
where a large amount of annihilation energy is deposited. Dessart et al. (2009) 
showed that a newly formed neutron star from the neutron star binary merger will 
develop a powerful neutrino-driven wind in the polar funnel in a few milliseconds 
after its formation. The mass-loss associated with the neutrino-driven wind is on the 
order of 1O~^M0 s~\ preventing energy outfiow from being accelerated to relativistic 
speed and producing a GRB. Their numerical simulations stops at t ~ 100 ms, while 
they considered that the neutron star will collapse to a black hole quickly. However, 
a stable neutron star with much longer lifetime ^ 100 ms has also been proposed as 
the GRB central engine. A rapidly rotating neutron star formed by the neutron star 
binary merger (Gao & Fan 2006) or the merger of a white dwarf binary (King et al. 
2001) could produce extended emission (Metzger et al. 2008b) or X-ray fiares (Dai 
et al. 2006) about 10-100 s afetr the neutron star birth, and last for tens of seconds. 
In the collapsar scenario, a newly formed neutron star or a magnetar could also form 
after the initial collapse or associated supernova explosion, and the lifetime of the 
neutron star before collapsing to a black hole can reach as long as several months 
to yrs (Vietri & Stella 1998). Therefore, many GRB models lead to a longtime 
{':^ 100 ms) neutron star, which can produce other phenomena accompanying the 
GRB prompt emission. On the other hand, the accretion timescale can last for 
longer than 10s in the collapse process of a massive star, or for several seconds after 
the merger of a compact star binary with the disk viscosity parameter a < 0.1 
(Narayan et al. 2001). Thus we can discuss the steady-state scenario of a neutron 
star with lifetime ^ 100 ms surrounded by a hyperaccreting disk. 

For a longtime neutron star, the strengthen of a neutrino-driven winds above 
the stellar polar region would drop quickly at late times, as the total mass-loss rate 
M ~ and the neutrino-driven wind become weaker above the polar region 

than that from the low latitudes and midplane region of the neutron star. It is 
difficult to calculate the spatial distribution of Lorentz factor of the outflow mate- 
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rial above the polar region precisely in our present work, because we only use the 
approximate disk geometry to calculate the steady-state spatial distribution of the 
neutrino annihilation efficiency. We do not simulate the dynamical evolution of the 
neutrino-driven wind. However, we can estimate the speed of outflow material using 
semi-analytic methods as follows. The mass loss rate for a thermal neutrino-driven 
wind can be approximately given by (Qian & Woosley 1996) 



M„i,d ^ 1.14 X lO-ioC-^/^^p, 5^eio/3^^^(^/io6cm)5/3(M/1.4Mo)-2MQ s'S (4.49) 



where lO^^Lp^ siergs s~^ is the luminosity of the z/g emission, e,y^=lMeVeiy^,MeV is the 
mean neutrino energy of the neutron star surface, and C ~ l+O.733(r/lO^cm)"^(M/1.4M0). 
Thus the typical steady state spherical mass-loss rate due to thermal neutrino ab- 
sorption reactions for a neutron star with 10km radius is on the order of a few 
10"^ — IQ^^Mq s~^, depending on the initial conflguration of the material above 
the neutron star surface (i.e., Qian & Woosley 1996, Tab. 1). The mass-loss rate 
depends on the neutrino luminosity and temperature above the neutron star surface 
sensitively. When the neutron star with weak magnetic field < 10^^ G is surrounded 
by a hyperaccreting disk, the neutron star surface should have a higher temperature 
near the star midplane than its polar region, as mentioned in the last section §4. 
Thus the neutron star should produce a stronger wind above the midplane region 
than above its poles. As a result, the mass-loss rate via neutrino absorption above 
the star polar region is estimated as 



to measure the degree of spherical asymmetry. Moreover, the bulk Lorentz factor of 
the outflows from the neutron star surface is 



where fk is the fraction of deposited annihilation energy which provides kinetic 
energy of the neutron star wind above the polar region. We can estimate whether the 
outflow material from the polar region of the neutron star surface can be accelerated 
to a relativistic speed using equation (|4.51l) . Here we take the bulk Lorentz factor 
1 < r < 10 as a mildly relativistic speed, 10 < F < 100 as a moderately relativistic 
speed and V > 100 as an ultrarelativistic speed. If we take the bulk Lorentz factor V 




(4.50) 



where Af2 = J cosipdcpdcj) is the solid angle of the polar funnel, and fasy < 1 is used 




(4.51) 
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Figure 4.11: Upper limit of mass-loss rate due to neutrino-driven wind from the neu- 
tron star surface for the outflow being accelerated to F = 10 (moderately relativistic) 
with the surface emission boundary condition 77^ = {thin solid line) or 77^ = 0.5 
{thin dashed line); or F = 100 (ultrarelativistic) with the surface emission boundary 
condition 1]^ = {thick solid line) or 77^, = 0.5 {thick dashed line). The dotted lines 
"a" and "b" correspond to the strength of a thermally neutrino-driven wind from 
the stellar surface for the boundary condition rjs = and rjs = 0.5 respectively. 



as a parameter, the solid angle of the polar region AQ/2'n- ~ 0.1, and fk ~ fasy, then 
we can estimate the upper limit of total thermal mass-loss rate from the neutron star 
surface with particular boundary layer conditions, and compare such limits with the 
actual mass-loss rate of thermal neutrino-driven winds calculated by equation (14.491) . 
In Figure [4m we explore the possibility of producing a relativistic jet. We show the 
maximum allowed strength of total mass-loss for the wind material above the polar 
region being accelerated to F = 10 and F = 100 with the chosen boundary layer 
condition rjs = and 77^ = 0.5 as in §4.4. The neutrino emission from the neutron 
star surface layer increases the neutrino annihilation luminosity and efficiency, while 
it increases the stellar surface mass-loss simultaneously. From Figure 14.111 we find 
that moderately relativistic outfiows above the neutron star polar region are possible 
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under some cases, e.g., the wind material can be accelerated to 10 < F < 100 above 
the polar region for the disk accretion rate M > O.O8M0 s~^ with rjs = 0.5. This 
result can still be kept for other values of fk/ fasy around unit. However, annihilation 
process can never produce any winds with bulk Lorentz factor T > 100, as the heavily 
mass-loaded neutron-star wind precludes ultrarelativistic speed even for very high 
annihilation efficiency with sufficiently bright neutrino emission from the innermost 
disk radius. Zhang et al. (2003, 2004) found that relativistic jets formed in the 
accreting black hole systems can be collimated by their passage through the stellar 
envelope; moderately and even mildly relativistic jets can be partly accelerated to 
an ultrarelativistic speed after they break out in the massive star, because the jets' 
internal energy can be converted to kinetic energy after jet breakout. Such jet- 
stellar-envelope interactions also happen around the hyperaccreting neutron star 
systems, although the neutron-star disk systems can be surrounded by a cavity 
~ 10^ cm inside the progenitor stars with the stellar radius of several 10^° cm (e.g., 
Bucciantini et al. 2008, 2009). In the compact star binary merger scenario, on 
the other hand, a moderately relativistic jet is possible to produce a short-duration 
GRB. 

As a result, the neutron-star disk can produce a sufficiently larger annihilation 
luminosity than its black-hole counterpart. However, a neutrino-driven outflow from 
the newly formed neutron star at early times (~ 100 ms) is so heavily mass-loaded 
that it can in no way be accelerated to relativistic speed. For a longtime neutron 
star, however, mass-loss becomes weaker above the stellar pole than above the low 
latitudes and midplane. Thus a moderately relativistic jet can be produced in a 
hyperaccreting neutron-star system with sufficiently high disk accretion rate and 
bright boundary emission (e.g., the accretion rate M > O.O8M0 s~^ for 77^ = 0.5). 
Also, the jet can be collimated by jet-stellar-envelope interactions, and partly ac- 
celerated to an ultrarelativistic speed after jet breakout if the neutron star forms 
through stellar collapse. Therefore, some hyperaccreting neutron-star system can 
produce GRBs, which are more energetic than those from the black-hole systems. 
We know that some long-duration GRBs can reach a peak luminosity of ~ 10^^ ergs 
s~^ (e.g. GRB 990123, Kulkarni et al. 1999), which requires a very high accretion 
rate ~ IOM0 s~^ as well as a much more massive disk (> IOA/q) around a black 
hole compared to the typical disk or torus mass 0.01 — IMq if the energy is pro- 
vided by neutrino annihilation above the black-hole disk. However, if we consider 
the neutron-star disk with the surface boundary emission (e.g. rjs ~ 0.5), we only 
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need an accretion rate ~ IMq onto the neutron star, which is one order of mag- 
nitude less than that of the black-hole disk, and the disk mass can be ~ IMq for a 
long burst with the peak luminosity 10^^ ergs s~^ in a time of about Is. However, 
other reasons or mechanisms such as the jet effect to reduce the total burst energy 
or the magnetic mechanism rather than neutrino annihilation to provide the GRB 
energy have been introduced into the GRB central engine models. Therefore, it is 
necessary to search new important observational evidence to show the existence of 
a central neutron star rather than black hole surrounded by a hyperaccreting disk. 
X-ray flares after GRBs may be a piece of evidence, which shows that an activity 
of the central neutron star after the burst may be due to magnetic instability and 
reconnection effects in differentially-rotating pulsars (Dai et al. 2006). However, 
more studies should be done to compare other models of X-ray flares (King et al. 
2005; Proga & Zhang 2006; Perna et al. 2005; Lee & Ramires-Ruiz 2007, Lazzati 
et al. 2008) with the differential-rotating pulsar model and show more effects of 
such a magnetized pulsar. For example, the spin-down power of a magnetar prob- 
ably explains the peculiar optical to X-ray integrated luminosity of GRB 060218 
(Soderberg et al. 2006). 

Furthermore, we propose that other GRB-like events may be produced by hy- 
peraccreting neutron star systems, if winds fail to reach a proper relativistic speed. 
As mentioned by MacFadyen et al. (2001), a mildly or moderately relativistic jet 
may lead to X-ray flashes, which are less energetic than normal GRBs. This will 
also happen in the neutron-star case. Another possible result is that a heavily 
mass-loaded wind with nonrelativistic speed could produce a bright SN-like optical 
transient event (Kohri et al. 2005; Metzger et al. 2008a). 

4.5.4 GRB-SN Association 

Besides GRBa and GRB-like phenomena, we think a nonrelativistic or mildly rel- 
ativistic outflow from a hyperaccreting disk and neutron star surface may feed a 
supernova explosion associated with a GRB. The discovery of connection between 
some GRBs and supernovae has inspired studies of the origin of GRB-SN associa- 
tion (e.g., Iwamota et al. 1998; MacFadyen & Woosley 1999; Zhang et al. 2004; 
Nagataki et al. 2006, 2007; Mazzali et al. 2006). As discussed in Kohri et al. 
(2005), an outflow from the hyperaccreting disk is possible to provide a successful 
supernova with both prompt explosion or delayed explosion. On the other hand. 
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Comparison of energy rates between outflow and neutrino annihilation 



Cases 


disk heating rate 


max outflow energy 




Luij (77s=0.5) 




(lO^^ergs s-i) 


rate (lO^^ergs s^^) 


(lO^iergs s-i) 


(lO^^ergs s-i) 


model 01: s=0.2 


25.3 


1.09 


8.37e-2 


2.24 


5=0.6 


24.7 


1.72 


0.104 


1.74 


s=1.0 


18.4 


7.95 


0.179 


1.65 


model 02: s=0.2 


14.6 


11.8 


1.42e-2 


0.522 


s=0.6 


6.50 


19.9 


4.84e-3 


2.54e-2 


s=1.0 


4.07 


22.3 


3.48e-3 


5.99e-3 



Table 4.4: We consider model 01 and 02 with the outflow index s=0.2, 0.6, 1.0, 
the accretion rate M = 0.3Mq s^^ and the energy parameter £=0.8. 



neutrino annihilation above the disk is considered as one of the possible mechanisms 
to produce GRBs. Thus, it is reasonable to propose a general scenario for the origin 
of GRB-SN connection: hyperaccreting disks with outflows around compact objects 
are central engines of GRBs companied by supernovae. The outflow energy from 
the disk provides a part of or even a majority of the kinetic energy of a supernova, 
and neutrino annihilation from the disk provides the energy of a GRB. Now we use 
the results in §4.3.3 and §4.4.2 to discuss the energy of the outflow from the disk, 
and compare it with the neutrino annihilation luminosity and energy above the disk. 
The upper limit of the energy rate carried away by the outflow can be estimated 
by subtracting the heating energy rate generated in the disk from the ideal heating 
energy rate of the disk without outflow, i.e., the maximum energy rate of the outflow 
is 

1/21 



3GMM 
E ~ 




out 



1 _ 2 / 



3 \ Tom* 



r--' 9 GM , , 



and the total actual outflow energy can be considered to be ~ 0.1 — 1 fraction of the 
maximum outflow energy. In Table 14.41 we list various energy rates, including the 
heating energy rate in the disk, the maximum energy injection rate to an outflow 
and the neutrino annihilation rate above the disk. We choose the accretion rate to 
be O.3M0 s^^ in both models 01 and 02 in §3.3. Compared with model 01, the 
neutron-star disk with an outflow from the entire disk (model 02) produces higher 
outflow energy but less neutrino annihilation rate. If the disk mass around a neutron 
star is ~ IM©, then the maximum outflow energy is ~ 10^^ ergs in model 01, and 
~ 10^^ ergs in model 02, but the annihilation luminosity in model 02 would be 
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one or two orders of magnitude less than that in model 01. Besides the case of 
a neutron star, the black-hole disk with an outflow can provide the same order of 
outflow energy ejecta as in model 02, but even dimmer annihilation luminosity than 
model 02. Therefore, we think that further studies of an energy relation between 
GRBs and supernovae in GRB-SN events could distinguish between the neutron-star 
disk models (model 01 and 02) and the black-hole disk model. 

4.5.5 Effects of Magnetic Fields 

In this chapter, we do not consider the effect of magnetic fields. As mentioned in 
ZD08, the high magnetic fields of central neutron stars or magnetars > 10^^ — lO^^G 
could play a significant role in the global structure of the disk as well as various 
microphysical processes in the disk. Moreover, compared to the neutron star surface, 
which produces e~^e~ jets and outfiows, the central magnetars could be considered 
as a possible source to produce magnetically-dominated outfiows and collimated jets 
with ultrarelativistic bulk Lorentz factors (e.g., Usov 1992; Lyutikov 2006; Uzdensky 
& MacFadyen 2007; Tchekhovskoy et al. 2008; Metzger et al. 2008a, Bucciantini et 
al. 2008, 2009). For example, Bucciantini et al. (2008, 2009) modeled the interaction 
between the wind from a newly formed rapidly rotating protomagnetar and the 
surrounding progenitor. The free-flowing wind from protomagnetar is not possible to 
achieve simultaneously collimation and acceleration to high Lorentz factor. However, 
a bubble of relativistic plasma and a strong toroidal magnetic held created by the 
magnetar wind shocking on the surrounding stellar envelope can work together to 
drive a relativistic jet, which is possible to produce a long GRBs and the associated 
Type Ic supernova. Metzger et al. (2008a) showed that protomagnetars are capable 
to produce neutron-rich long GRB outflows for submillisecond rotation period P < 
0.8 ms. Besides the study on the central magnetar, the properties of magnetized 
NDAF disk has also been studied. Recently Lei et al. (2009) investigated the 
properties of the NDAF with the magnetic torque acted between the central black 
hole and the disk. The neutrino annihilation luminosity can be increased by one 
order of magnitude higher for accretion rate ~ O.SMq s~\ and the disk becomes 
thermally and viscously unstable in the inner region. Therefore, it is also interesting 
to study the effects of ultra-highly magnetic flelds of neutron stars or magnetars on 
hyperaccreting disks. 
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4.6 Conclusions 

In this chapter we have studied the structure of a hyperaccreting disk around a neu- 
tron star based on the two-region scenario, and calculate the neutrino annihilation 
luminosity above the disks with different structures. The neutron-star disk model 
is still Newtonian, vertically-integrated with one-dimensional variable radius r, and 
based on the a-prescription. The accretion rate M is the basic quantity to deter- 
mine the properties of the disk and the annihilation luminosity, and we also discuss 
the effects of the energy parameter e of the inner disk (eqs. [4.13], [4.35] to [4.39]), 
the viscosity parameter a, the outflow structure and strength (eqs. [4.31], [4.32]), 
the neutrino emission for the stellar surface layer to increase the total annihilation 
energy rate (eqs. [4.42] to [4.44]). 

We adopt the self-similar structure to describe the inner disk, in which the 
heating mechanism is different from the outer disk. Table 14.21 shows the inner disk 
structure and size in various cases depending on the value of e and the properties of 
the outflow. We introduce two outflow models in §4.3.3. In model 01, we consider 
the outflow is mainly from the inner disk, while model 02 suggests that an outflow 
exists in the entire disk. In §4.5, we also discuss the other possibilities of the entropy- 
conservation self-similar structure of the inner disk. 

Compared to the high-a disk (a ~ 0.1), the size of the low-a is smaller for 
a low accretion rate (< O.IMq s"^) and increases dramatically with increasing ac- 
cretion rate (Fig. 14. ip . A low-a disk is denser, thinner with higher pressure and 
larger adiabatic index, and has a brighter neutrino luminosity (Fig. 14. 2p . The size 
of the inner disk which satisfies the advection-dominated self-similar structure for 
e < 1 becomes smaller for lower e, and is much larger compared to the entropy- 
conservation inner disk for a low accretion rate (< O.IMq s"\ Fig. 14.31) . In outflow 
model 01, the inner disk is larger for a stronger outflow with low accretion rate, 
but its size decreases with increasing the outflow index s for a high accretion rate. 
Moreover, the inner disk would not exist in outflow model 02 when the accretion 
rate > 0.5Mq s"^ (Fig. 14.40 . The outflow in the entire disk decreases the density 
and pressure, but increases the thickness of the disk (Fig. 14. 5p . 

The neutrino annihilation luminosity above the neutron-star disk L^p^ns is 
higher than the black-hole disk L^v^bh, and the difference between L^p^^s and L^p^bh 
is more signiflcant for a low accretion rate due to the different disk structure and 
neutrino luminosity between them (Fig. 14.60 . The neutrino emission from the neu- 
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tron star surface boundary layer is produced in the process of disk matter accreting 
onto the surface, and the boundary emission can increase the total neutrino annihi- 
lation rate above the disk significantly for about one order of magnitude higher than 
the disk without boundary emission (Fig. 14.61 Fig. 14.71 Fig. 14.81) . The disk with 
an advection-dominated inner disk could produces the highest neutrino luminosity 
while the disk with an outfiow from the entire disk (model 02) produces the lowest 
annihilation luminosity (Fig 14.71 Fig 14.81 Fig 14. 9p . We show that the annihilation 
luminosity can reach lO^^ergs s"^ when the accretion rate ~ IMq s~^ for neutron- 
star disks, while the higher accretion rate ~ lOM© s~^ is needed to reach 10^^ ergs 
s~^ for black-hole disks. Therefore, the neutron-star disk can produce a sufficiently 
large annihilation luminosity than its black-hole counterpart. Although a heavily 
mass-loaded outfiow from the neutron star surface at early times of neutron star for- 
mation prevents the outfiow material from being accelerated to a high bulk Lorentz 
factor, an energetic relativistic jet can be produced above the stellar polar region at 
late times if the disk accretion rate and the neutrino emission luminosity from the 
surface boundary are sufficiently high. Such relativistic jet may be further acceler- 
ated by jet-stellar-envelope interaction and produce the GRB or GRB-like events 
such as X-ray fiashes (XRFs). 

The outfiow from the advection-dominated disk and low latitudes of the neutron 
star surface can be considered to provide the energy and sufficient ^^Ni for successful 
supernova explosions associated with GRBs or XRFs in some previous works. How- 
ever, the energy produced via neutrino annihilation above the advection-dominated 
black-hole disk is usually not sufficient for relativistic ejecta and GRBs. On the 
other hand, the advection-dominated disk around a neutron star can produce a much 
higher annihilation luminosity compared to the black-hole disk. Outfiow model 02 
produces a higher neutrino annihilation rate but less outfiow energy compared to 
model 01, while the black-hole disk could provide the same order of outfiow energy 
but even less annihilation energy compared to model 02. Therefore, observations on 
GRB-SN connection would further constrain these models between hyperaccreting 
disks around black holes and neutron stars with outfiows. 
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Chapter 5 



Self-similar structure of magnetized 
ADAFs and CDAFs 



5.1 Introduction 

Rotating accretion flows with viscosity and angular momentum transfer can be di- 
vided into several classes, depending on different structures and energy transfer 
mechanisms in the flows: advection-dominated accretion flows (ADAFs), advection- 
dominated inflow-outflows (ADIOs), convection-dominated accretion flows (CDAFs), 
neutrino-dominated accretion flows (NDAFs) and magnetically-dominated accretion 
flows (MDAFs). 

ADAFs were introduced by Ichimaru (1977) and then have been widely studied 
over thirty years. The opically-thick ADAFs with super-Eddington accretion rates 
were discussed by Abramowicz et al. (1988) in details (see also Begelman et al. 
1982; Eggum et al. 1988). The optically-thin ADAFs with low, sub-Eddington 
accretion rates were discussed by Rees et al. (1982) and Narayan k. Yi (1994, 1995a, 
1995b) (see also Ichimaru 1977; Abramowicz et al. 1995; Gammie & Popham 1998; 
Popham & Gammie 1998; Wang & Zhou 1999). In particular, Narayan & Yi (1994) 
introduced self-similar solutions for ADAFs with the fixed ratio of the advective 
cooling rate to the viscous heating rate in the disk. Wang & Zhou (1999) solved 
self-similar solutions for optically-thick ADAFs. The effects of general relativity 
were considered in Gammie & Popham (1998) and Popham & Gammie (1998). 

CDAFs were presented in details in Narayan et al. (2000, hereafter NIA). They 
discussed the effects of convection on angular momentum and energy transport, and 
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presented the relations between the convective coefficient ac and the classical viscos- 
ity parameter a. A non-accreting solution can be obtained when convection moves 
angular momentum inward and the viscosity parameter a is small. Later, a series 
of works have been published to discuss the disk structure, the MHD instability, 
the condition of angular momentum transport in CDAFs (e.g., Igumenshchev et al. 
2000, 2002, 2003; Quataert & Gruzinov 2000; Narayan et al. 2002; Igumenshchev 
2002; Lu et al. 2004; van der Swaluw et al. 2005). 

The effects of a magnetic field on the disk were also studied (see Balbus & 
Hawley 1998; Kaburiki 2000; Shadmehri 2004; Meier 2005; Shadmehri & Khajenabi 
2005, 2006; Akizuki & Fukue 2006; Ghanbari et al. 2007). Balbus & Hawley (1998) 
discussed the MHD turbulence initiated by magnetorotational instability (MRI) and 
its effects on the angular momentum transportation. Kaburaki (2000) considered an 
analytic model to describe the ADAFs with a global magnetic field and Meier (2005) 
considered how a turbulent and magnetized disk creates a global well-ordered mag- 
netic field, and introduced a magnetically-dominated fiow. Shadmehri (2004) and 
Ghanbari et al. (2007) discussed the self-similar structure of the magnetized ADAFs 
in spherical polar coordinates. Moreover, Shamehri & Khajenabi (2005, 2006, here- 
after SK05, SK06) presented self-similar solutions of fiows based on the vertically 
integrated equations. They discussed the relations between magnetic fields compo- 
nents in different directions, and mainly focused on the effects of the magnetic field 
on the disk structure. Akizuki & Fukue (2006, hereafter AF06), different from SK05 
and SK06, emphasized an intermediate case where the magnetic force is comparable 
to other forces by assuming the physical variables in the disk only as functions of 
radius. However, they merely discussed a global toroidal magnetic field in the disk. 

In this chapter §5, we first extend the work of AF06 by considering a gen- 
eral large-scale magnetic field in all the three components in cylindrical coordinates 
(r, if, z) and then discuss effects of the global magnetic field on the fiows with convec- 
tion. We adopt the treatment that the fiow variables are functions of the disk radius, 
neglect the different structure in the vertical direction except for the ^-component 
momentum equation. We also discuss magnetized accretion fiows with convection, 
and compare our results with those in NIA, in which a large-scale magnetic field is 
neglected. 

This chapter §5 is organized as follows: basic equations are presented in §2. We 
obtain self-similar solutions in §5.3 and discuss the effects of a general large-scale 
magnetic field on the disk fiow. In §5.4 we investigate the structure and physical 
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variables in magnetized CDAFs, and present the relation of the convective parameter 
ac and the classical viscosity parameter a. We adopt a more realistic form of the 
kinematic viscosity in §5.5. Our conclusions are presented in §5.6. 

5.2 Basic Equations 

In this chapter §5, we use all quantities with their usual meanings: r is the radius 
of the disk, v,. and are the radial and rotation velocity, VL = v^/r is the angular 
velocity of the disk, Q,k = {GM/r^Y^'^ is the Keplerian angular velocity, S = 2pH is 
the disk surface density with p to be the disk density and H to be the half-thickness, 
and Cs = (p/pY^'^ is the isothermal sound speed with p to be the gas pressure in the 
disk. 

Moreover, we consider a large-scale magnetic field in the disk with three com- 
ponents Br, B^p and B^ in the cylindrical coordinates {r,ip,z). The total magnetic 
field Bi=r,Lp,z is contributed by both large-scale magnetic field Bi=r,ip,z and the tur- 
bulence local-scale field hi=r,^,z- We have 13 i = Bi + hi and V ■ B = 0. However, 
since we only consider the vertically-integrated disk, we can approximately take the 
average magnetic fields < B-i >^ Bi, and neglect the local turbulence field in our 
self-similar calculations. Thus we define the Alfven sound speeds c^, and in 
three directions of the cylindrical coordinates as c^^^^^ = Bl^^^^/^Aup). We consider 
that all flow variables are only functions of radius r, and write basic equations, i.e., 
the continuity equation, the three components (r, z) of the momentum equation 
and the energy equation: 



-^{rT.Vr) = 2pH, (5.1) 
r dr 



d(rv,,) _ I d ( + S£l + , ^E,^ , , (5.3) 



r dr Er^ dr \ VLk df J r dr 
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-Vr—-r- = 
p ar 



cl dp 



acy fdny 



(5.5) 



7 — 1 dr 



\drj 



Here we consider the height-integrated equations using the classical a-prescription 
model with a to be the viscosity parameter, and use the Newtonian gravitational 
potential. In the mass continuity equation, we also consider the mass loss term 
dp/dt. In the energy equation we take 7 to be the adiabatic index of the disk gas 
and / to measure the degree to which the flow is advection-dominated (NY94), and 
neglect the Joule heating rate. 

In AF06, a general case of viscosity t] = pu = fi/^^aPgas(Pgas +Pmas)^~'^ with 
/i to be a parameter is mentioned. If the ratio of the magnetic pressure to the gas 
pressure is constant (as assumed in the self-similar structure), the solution of the 
basic equations can be obtained with replacing a by a(l + PY^^. In our section 
§5, however, we flrst adopt the classical form u = ac^/flK for simplicity in §5.3 and 
§5.4, in which we mainly focus on the effects of a magnetic held on the variables 
Vr, v^p and Cg. A more realistic model requires u = aCgH with both Cg and H as 
functions of the magnetic held strength. We discuss this model in §5.5 and compare 
it with the results in §5.3 and §5.4. 

Our equations are somewhat different from those in SK05 and SK06, since we 
only consider the disk variables as functions of radius r, while SK05 and SK06 discuss 
the magnetic held structure in the vertical direction. More details about the basic 
equations are discussed in Appendix A. When fi^ = and B.^ = 0, our equations 
switch back to the equations in AF06, in which only the toroidal magnetic held is 
considered and all the variables are taken to depend merely on radius r. 

In addition, we need the the three-component induction equations to measure 
the magnetic field escaping rate: 



Br ^ 0, 



(5.6) 



B, 



d_ 

dr 



{v^Br - VrB^) , 



(5.7) 
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5.3 Self-Similar Solutions for ADAF 

If we assume the parameters 7 and / in the energy equation are independent of 
radius r, then we can adopt a self-similar treatment similar to NY94 and AF06, 



GM , , 

Vr[r) = -ci(x\\ —— , (5.9) 



GM 

v^ir) = C2\l^, (5.10) 



9. , GM 

CsW=C3^, (5.11) 



Cr,^,z{r) = = 2/5,,^,,C3^, (0.12) 

where the coefficients ci, C2 and C3 are similar to those in AF06, and Pr, /3<^ and 
measure the ratio of the magnetic pressure in three directions to the gas pressure, 
i.e., /3r-,(p,2 = Pmag,r,^,z/Pgas- Followlug AF06, wc also denote the structure of the 
surface density S by 

S(r) = Sor^ (5.13) 

The half-thickness of the disk still satisfies the relation H oc r and we obtain 

H{r) = Hor. (5.14) 

Substituting self-similar relations (|5.9p - (l5.14p to equations (15.21) . (15. 3p and (15.51) . 
we can obtain the algebraic equations of Ci, C2 and C3: 

-Ic^a^ = cl-l-[{s-l)+ P,{s - 1) + P^is + 1)]C3, (5.15) 



l 3 

--ciC2a = —^Oi{s + l)c2C3 + 03(3 + l)>y(3r(3^, (5.16) 



c^ = ^(;^ + s-l)c, (5.17) 
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Figure 5.1: The self-similar coefficients Ci, \c2\, and C3 as functions of the advection 
parameter / for different sets of parameters Pr, P^p and Pz- We take a=0.1, 7 = 4/3 
and s = —1/2. The left three panels correspond to Pip Pz)= (0, 1, 0) {solid lines), 
(0,1,1) {dashed lines), (0,1,3) {dotted lines), and (0,1,10) {dash-dotted lines). The 
right three panels correspond to {Pr, Pip Pz)= (0, 10, 0) {solid lines), (0, 10, 1) {dashed 
lines), (0,10,3) {dotted lines), and (0,10,10) {dash-dotted lines). 
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If in the cylindrical coordinates we assume the three components of magnetic 
field -Br,i/3,z > 0, then v^{r) can be either positive or negative, depending on the 
detailed magnetic field structure in the disk. In a particular case where = or 
= 0, we can only obtain the value of |c2|, but in a general case where BrB^ ^ 0, 
we are able to determine the value of C2- 

Figures ISTTl and [5^21 show the self-similar coefficients Ci, \c2\ and C3 as functions 
of the advection parameter / with different {Pr, P^p, Pz)- We consider the disk to 
be radiation dominated with 7 = 4/3, and take s = —1/2 (i.e., p oc r^'^/^ as the 
common case) and the viscosity parameter a = 0.1, which is the widely used value. 

Figure ISTTl shows changes of the coefficients ci, |c2|, C3 with Pz and P^. We 
neglect the radial magnetic fields B^, and take the parameters {Pr, Pip, Pz) in the left 
three panels in Figure ISTTl for (0, 1, 0), (0, 1, 1), (0, 1, 3) and (0, 1, 10), and then take 
the value of P^p to be 10 in the right three panels. As Pr = 0, we can only obtain \c2\ 
without needing to determine the direction of w^. The coefficients ci and C3 increase 
with increasing the advection parameter /, but \c2\ decreases monotonously as a 
function of / except for a strong toroidal magnetic field. Moreover, with the fixed 
ratio Pz, an increase of P^p makes all the coefficients |q| become larger. Oppositely, 
|q| decreases with increasing Pz. In fact, with a small radial magnetic field /S^ ~ 0, 
we can obtain an analytical solution of q from equations fl5.15p - fl5.17p . which are 
similar to expressions (27)-(29) in AF06, but we should replace (1 — s)/(l + s) by 
(1 — s)(l + /5z)/(l + s) and P by in those expressions instead. Also, we have 
C2 oc f~^ci, C3 oc ci, and ci oc /3<^ for large P^p and ci oc P'^ for large Pz, all of which 
are consistent with the results in Figure ISTTl 

As a result, from Figure ISTTl we first find that a strong toroidal magnetic field 
leads to an increase of the infall velocity \vr\, rotation velocity |f<^| and isothermal 
sound speed c^, and \vr\ and Cg are large in the case where the disk fiow is mainly 
advection-dominated, but the rotation velocity \vip\ increases with increasing / only 
in the case where the toroidal magnetic field is large enough. This conclusion is 
consistent with the case 1 in AF06. Second, the high ratio Pz decreases the value 
of \vr\, \vip\ and c^, which means that a strong magnetic pressure in the vertical 
direction prevents the disk matter from being accreted, and decreases the effect of 
gas pressure as accretion proceeds. 

Figure [5^2] shows how ci, \c2\ and C3 change with Pr and P^p, where we neglect 
the vertical magnetic Bz. For a small value of Pr, the coefficients Ci, \c2\ and C3 also 
increase with increasing P^^,. However, a change of Cj is not obvious for a large value 
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Figure 5.2: The self-similar coefficients Ci, |c2|, and C3 as functions of the advection 
parameter / for different sets of parameters [3r, P,p and with 0=0.1, 7 = 4/3 and 
s = —1/2. The left three panels correspond to {Pr, Pi^ l3z)= (0,1,0) {solid lines), 
(0.1,1,0) {dashed lines), (1,1,0) {dotted lines), and (10,1,0) {dash-dotted lines). 
The right three panels correspond to (/?,., (3^ /52)=(0, 2.5, 0) {solid lines), (0.1,2.5,0) 
{dashed lines), (1,2.5,0) {dotted lines), and (10,2.5,0) {dash-dotted lines). 
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of [3r- We are able to calculate the limiting value of q in the extreme case where (3r 
is large enough and (3r[3^ 7^ using an analytical method. From equations flS.lSp - 
fl5.17p . we can obtain Ci = 2/[e" + a/ (e")^ + and = e"ci for large /^r, where 
e" = A {(^ _ + s _ 1}. If e" > ^e have ci ~ (e")"^ oc / and jcal ~ 1, which 
means that the infall velocity \vr\ increases with advection parameter / linearly, and 
the radial velocity \v^\ is nearly the Keplerian velocity, no matter whether the disk 
is efficiently cooled or not. Also, for a large value of j3r, equation (I5.16P becomes 
— (ciC2a)/2 ~ C3(s + PrP-fi- Since Ci,C3 > in the accretion disk, we obtain 
C2 < 0, which means that the direction of rotation in the disk is opposite to the 
toroidal magnetic field B^. Actually, in the case where Pr is sufficient large and 
PrPifi 7^ 0, the angular momentum transported due to the magnetic field stress is 
dominated over that due to the viscosity, and balances with the advection angular 
momentum. As we take -Br,i/3,^ > 0, from equation (15. 3p . we obtain that the large 
angular momentum due to the magnetic field stress makes the value of the advection 
angular momentum {Mv^r, where M is the mass accretion rate) increase in the disk, 
which requires f ^ < in the self-similar structure l]. 

From the mass-continuity equation flS.ip and the induction equations fl5.6p - 
(15. 8p as well as the solved coefficients Cj, we can solve the self-similar structure 
of the mass loss and magnetic field escaping rate with forms of p = por^~^/^ and 
Br,^,z = -Brcv'o.^o'^^'*"^''^^ where po satisfies 



As mentioned in AF06, when s = —1/2, i.e., S oc r^^/^ or p oc r^'^/^, there is no 
wind in the disk, and thus we can use the formula — 27rrtvS = M to determine the 
surface density S. In addition, in the region of the disk where is adiabatic with 
p oc r-i/(T-i), p oc r-^/(^-^), tv oc r^3-2j)/{^-i) ^-^^^^ s = (7 - 2)/(7 - 1)), we obtain 
the self-similar solution of cia = ^/2, C2 = and C3 = 0, which describe the Bondi 
accretion. However, if the disk region satisfies the entropy-conservation condition 



^In some previous works (e.g., Wang 95, Lai 98, SK05 and SK06), the rotation velocity is taken 
to be positive and the toroidal magnetic field to be negative. The advection transports angular 
momentum inward, while the magnetic stress transports angular momentum outward instead. This 
previous result is consistent with our result here if we change the cyHndrical coordinate used above 
from {r,(p,z) to {r,—ip,z). In this chapter §5 it is convenient for us to take Br^ip^z > and to 
obtain s series of self-similar solutions about magnetized fiows in many different cases. 



5.4. Self-Similar Solutions for CDAF 



222 



with / = 0, we can still obtain an accretion-disk solution beyond the self-similar 
treatment. For a CDAF with p oc r~^/^ (NIA), a steady disk without wind requires 
Ci = or Vr = 0. 
Bro,ipQ,zo satisfy 

Br, ^ 0, (5.19) 



B» = I — ) GM { "^"^f^ + "'"V f • (5.20) 



B„=(^)..«(GM)^i5^, (5.21) 

where Hq in the expression fl5.14p can be obtained from the hydrostatic equilibrium 
equation (15. 4p . that is, 

1 



° 2 



is - 1)C3V^ + y^ci(s - lyPrPz + 4(1 + + /5.)C3 



(5.22) 



and thus we obtain the half-thickness of the disk H = HqCs/ {y/c^^K)- We will 
discuss the effects of the magnetic field on H later in §5.5. 

5.4 Self-Similar Solutions for CDAF 

In CADFs, both advection and convection play contributions to the angular momen- 
tum and energy transportation. We propose a CDAF model in a global magnetic 
field in order to compare it with non-globally-magnetized CDAFs. We follow the 
idea of NIA in this section and consider the effect of a magnetic fielcj^. The viscosity 
angular momentum fiux is 

Jv = -a-FTpr^-r^ 5.23 
\Ik dr 

and the convection angular momentum flux can be written as 
Uk dr ^ ' 



^We adopt the (a, ac)-prescription following NIA. The MHD simulations beyond this prescrip- 
tion can be seen in Igumenshchev et al. (2002, 2003), Hawley & Balbus (2002) and so on. Moreover, 
Quataert & Gruzinov (2000) also develop an analytical model for CDAFs. 
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where ac is the dimensionless coefficient to measure the strength of convective diffu- 
sion, g is the parameter to determine the condition of convective anguiar momentum 
transport. Convection transports angular momentum inward (or outward) for (7 < 
(or > 0). 

The energy equation of a CADF is 

where the convective energy flux is 

ds 

= -a,-^pT-, (5.26) 

where we still consider the general energy equation without vertical integration as 
in NIA, and still neglect the Joule heating rate. 

Using the angular momentum equation, the energy equation of the CDAF and 
the self-similar structure (|5.9|) - fl5.14p . we can obtain the relevant algebraic equations 
of self-similar structure of the CDAF, 

--ciC2a = -^{a + gac){s + l)c2C3 + 03(5 + 1)^/^^, (5.27) 



(^s - (^ ^-i + ~ C3ac + (^ ^^i + s-l^ cia = {a + gacj^cj. (5.28) 

The radial momentum equation is still the same as that in ADAF. Combining equa- 
tion fl5.15p . fl5.27p and fl5.28p . we can finally solve the coefficients Ci, C2, and C3 in the 
case of CDAF and compare them with those in ADAF. The dimensionless coefficient 
ac can be calculated using the mixing length theory, and we adopt equation (15) 
in NIA, who describes the relation of ac with s, C3 and 7 (in NIA, they used the 
symbols a and Cq, where a = 1 — s, and Cq = C3 in our section §5). 

To simplify the problem, we first prefer using a simpler treatment with a fixed 
ac to discussing the solutions of (15.15p . (I5.27p and (I5.28p . i.e., we take ac as a free 
parameter rather than a calculated variable, since ac does not dramatically change 
in many cases. Then we can adopt a similar treatment as in §3 to solve equations 
fl5.15|) . (15.271) and (15.281) . Similarly as in §3, we first use the analytical method to 
discuss some particular cases. 

When PtPlp ~ (which implies that the radial or toroidal magnetic fields are 
weak), we can obtain an analytical solution similar to that in §5.3 (see Appendix 
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B for more details about the calculation). We discuss two cases. One is that the 
toroidal magnetic field B^p is dominated and the radial magnetic field is weak [Br ~ 
0). Then we can have an approximate solution, 



Cia 



3(a + gOf. 



(5.29) 



CiQ! 



a 



goic 



in 



3(a + gac){s 



(5.30) 



C3 



(5.31) 



9(a + gacY{s + 1)' 

where ^" = ^(s — i)(:^ + s — 1). From these equations, we know the coefficients Ci 
and C3 increase with increasing the convective parameter Oc for g < (i.e., convection 
transports angular momentum inward), but we cannot obtain the relation between 
ac and \c2\ unless the values of s, g and 7 are given in detail. The other case is that 
the vertical magnetic field B^ is dominated. In this case, we obtain 

3(a + gac){l + s) 



;i - s)/9. 



(5.32) 



3(1 + g) 
(1 - s)/3. 



in 



Oir 



3(a + goif^i^s + 1) 



(5.33) 



C3 



(5.34) 



(l-s)/5/ 

We find that the coefficients C\ and |c2| decrease with increasing etc for (7 < while 
the value of C3 is more or less the same for a fixed /J^. 

Another analytical solution can be obtained when is large and 7^ 0, and 
we have the relations 

-1 



Cl oc 




a + ga, 



(5.35) 
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C3 OC -C1C2. 



(5.37) 



From formulae (15.351) and (I5.36p . we again find changes of Ci and |c2| with Oc, which 
is similar to the former case. From equation fl5.37|) and C13 > 0, we get C2 < 0, 
which has also been obtained in §3. 

Figure 15.31 shows some examples of the effect of the convection parameter 
on the three coefficients Cj. In order to see the results clearly, we take a = 1 and 
change the value of Oc from to 0.9 with several sets of magnetic field parameters 
iPr, (3^, f3z)= (0,3,0), (3,3,0) and (0,0,3). Also we set 7 = 4/3, s = -1/2 and 
g = —1/3. The basic results in Figure 3 are consistent with the above discussion 
using the analytical method. In particular, we notice that the three coefficients do 
not change dramatically in the case of Pr ~ Pip, since the magnetic field gives a 
contribution to the angular momentum rather than the viscosity, and reduces the 
effect of convection on the disk. 

Next we want to obtain the relation between ac and a following NIA, i.e., we 
consider ac to be the variable as a function of s, 7 and C3. Using the treatment in NIA 
based on the mixing length theory and equations (I5.15p . fl5.27p and (15.281) . we can 
establish the ac-a relation. NIA discussed such a relation with g = 1 and g = —1/3, 
and find that the solution with s = —1/2 is available only for a greater than a certain 
critical ttcrit when the isothermal sound speed reaches its maximum value, and the 
value of ac decreases monotonously as a increases. However, our results are quite 
different from those in NIA for two reasons. First, we keep the term Vrdv^/dr in the 
radial momentum equation, while in NIA this term is neglected. As a result, in many 
cases, the sound speed to determine the actual critical a for available solutions does 
not reach exactly its maximum value. Second and more importantly, we consider 
the effect of the large-scale magnetic field on the disk. 

From equation (I5.15p . we obtain 



If the radial magnetic field is weak, then we have C3 < \{l — s)[3z]~^ for a large vertical 
magnetic field and C3 < 2/3^/ [9(a + gacYi)- + s)] for a large toroidal magnetic field. 
On the other hand, from NIA, we have C3 > 7/ [(2 — s)(2 + 57 — s)] for the convective 
process to be available. Therefore, the structure of fiows with convection cannot be 
maintained for a large vertical magnetic field. Moreover, if the term /3r/5<^ is large. 



^cla" + [(1 - s)(l + /?,) - /3^(1 + s)]c3 - 1< 0. 



(5.38) 
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Figure 5.3: The coefficients ci, |c2|, and C3 as functions of / with different sets of 
parameters ac and (3z)- We take a=l, 7 = 4/3, s = —1/2 and (7 = —1/3. 

The left three panels correspond to {[3r, I3z)= (0, 3, 0), the middle three panels to 
(/3r, [3ip Pz)= (3,3,0), and the right panels to {Pr, Pip Pz)= (0,0,3). Different lines 
refer to Oc = {solid lines), ac = 0.3 {dashed lines) and ac = 0.9 {dotted lines). 
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Figure 5.4: The convective coefficient ac as a function of viscosity parameter a 
with s = —1/2, 7=1.4, / = 1 and different sets of parameters [3^,[3z). (a) Left 
panel: (Pr, Pip^Pz)= (0,0,0) {solid line), (0,1,0) {dashed line), (0,3,0) {dotted line) 
and (0,5,0) {dash-dotted line); (b) Right panel: {Pr, PipiPz)= (0,0,0.1) {solid line), 
(0,0,0.5) {dashed line), (0,0,0.7) {dotted line) and (0,0,0.8) {dash-dotted line) 

we still obtain a small value of C3 ~ Ci\c2\a/ {2^y PrPip) with a small value of 
which is almost independent of the variation of a. 

Figure 15.41 shows examples of the ac — a relation with different magnetic field 
structures. We take 7 = 1.4 and s = —1/2. The left panel shows the ac — a relation 
with different values of P^. When the magnetic field is small {P^=0 and 1 in this 
panel), ac decreases with increasing a, and a has its critical (minimum) value for 
the solution to be available. These results are basically consistent with those in 
NIA. However, when P^ becomes large, ac increases as the viscosity parameter a 
increases, and the critical value of a becomes extremely small or even disappears. 
The right panel of Figure 15.41 shows the ac — a relation with different values of 
Pz- When Pz becomes large, the critical value of a also disappears, but a has its 
maximum value. This result is quite different from NIA, who found that only the 
minimum value of a exists and becomes important. 

From the above discussion, we conclude that a strong vertical magnetic field 
or large PrP^p prevents the convective process in flows, while a moderate vertical 
magnetic field is available for small a. A strong toroidal magnetic field with weak 
radial field makes the convective process become important even for large a in flows. 

In NIA, a self-similar convection-driven non-accreting solution with s = 1/2 
(i.e. S oc r^/^) was given for a + gac = when a is smaller than the critical 
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value acrit- However, the relation a + gac = cannot be satisfied if Pr/S^ ^ 
for magnetized CDAFs. In fact, we are still able to get a self-similar structure for 
magnetized CDAFs when the ac — a relation mentioned is no longer satisfied (i.e., 
inequality (j5.38p is not satisfied). For PrPifi 7^ 0, the zero infall velocity (i.e. ci = 0) 
requires s = — 1 (p oc r~^) from equation (I5.27p . and a as a function of C3, 

a = ttc I ^ 1 < 0!c\g\, (5.39) 

with the maximum value of etc to be 



(l+A) 9 -(2ft +6)7 
= 27(1+, A) ■ 

Furthermore, if we turn the radial momentum equation from its vertical inte- 
gration to its general from, we can still have the relation (I5.39P but s = (p oc r^^), 
and the maximum value of etc to be 




-(l+/3.)7 fr... 

Such a structure of p oc was also obtained by Igumenshchev et al. (2003), 
who explained the structure as a result of vertical leakage of convective energy flux 
from the disk. In our model, however, we show that this structure is due to the 
inefficient angular momentum transfer by viscosity and the zero Lorentz force in the 
(/^-direction. 

As a result, we obtained a self-similar solution for magnetized CDAFs with 
ci = 0, s = — 1 or s = (for the general form) and a + gac < 0. This solution is 
adopted when the normal self-similar solutions mentioned above for convective flows 
cannot be satisfied. 



5.5 A more realistic form of kinematic viscosity 

In the above sections §5.3 and §5.4, we assume the kinematic viscosity z/ = ac^/Qx 
and take the viscosity parameter a as a constant in our discussion for simplicity. 
A more realistic model based on the physical meaning of the viscosity parameter 
is = aCsH with H ^ Cs/VLk in the magnetized disk. In this section we consider 
the effect of different forms of kinematic viscosity u. In order to compare with 
the results in §5.3 and §5.4, we replace a in the last two sections by a' and take 
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u = aCgH = a'cl/Qx in this section. Also, we still adopt the definition of ci using 
equation (15. 9p . From formula (]5.22l) . we are able to obtain 



and a' ^ a. For large Pz, we obtain a' ~ a(l + Pr + — s)^/PrPzC3 and 

a' -C a. This result can be explained as being due to the fact that a large toroidal 
or radial magnetic field makes the disk half-thickness H become large and increase 
the kinematic viscosity (since u oc H), but a large vertical field reduces the height 
H and decreases the kinematic viscosity. 

Figure 15.51 shows the effect of a modified kinematic viscosity on the three co- 
efficients Ci, \c2\ and C3 in ADAFs. A more realistic expression of u increases the 
infall velocity, but decreases the radial velocity and the isothermal sound speed. 
However, a difference between these two cases of kinematic viscosity is obvious for a 
large toroidal magnetic field rather than a large vertical field. In fact, if the toroidal 
magnetic field is strong and dominated in {Bj., B^, B^), we can adopt a similar 
solution of (49)-(51) in AF06 for fi = 1/2, and find that Ci increases but \c2\ and 
C3 reaches their limiting values with increasing If the radial magnetic field Br 
is strong and dominated, we can obtain ci ~ const, \c2\ oc /3r and C3 oc l3r 
which are different from §3 in which \c2\ ~ 1 for large (3r- Furthermore, if (3^ is 
large enough, we have the limiting value Ci ~ 3(1 + (3r + /5<^)(1 ~ s)~^^'^f3~^(3r^^'^ , 
C3 ~ (1 — s)~^P~^ and C2 = 3e"(s + l)c3, and the values of \c2\ and C3 are more or 
less the same, no matter what the form of kinematic viscosity is. 

For fiows with convection, it is convenient for us to adopt the general definition 
of Oc from NIA, which measures a degree of convection in the fiows. We find that the 
conclusions in §4 are not basically changed if we replace a in §5.4 by a'. The a' — ac 
relation can be turned back to the a — ac relation using equation (I5.42p . However, 
there is no dramatic change between these two relations except for extremely strong 
magnetic fields. 




(5.42) 



When jSr^z = 0, we have a' = a a/1 + P,fi and equation (|5.42l) switches back to the case 



of /i = 1/2 in AF06. For large Pr or P^ and small Pz, we have a' ~ a^/l + Pr + Pi 
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Figure 5.5: Comparison between two forms of the kinematic viscosity while the 
results of z/ = ac^g/VLx are shown by thin lines, and those of u = aCgH are shown 
by thick lines. We adopt s = —1/2, 7 = 4/3 and a = 1. (a) Left panels: {Pr, P<fi 
Pz)= (2,0,0) {solid lines) and (2,2.5,0) {dashed lines); (b) Right panels: {Pr, P<fi 
Pz)= (2,0,1) {solid lines) and (2,0,5) {dashed lines). 
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5.6 Conclusions 

In this chapter §5 we have studied the effects of a global magnetic field on viscously- 
rotating and vertically-integrated accretion disks around compact objects using a 
self-similar treatment. Our conclusions are listed as follows: 

(1) We have extended Akizuki and Fukue's self-similar solutions (2006) by con- 
sidering a three-component magnetic field B^, B^, and B^ in ADAFs. If we set 
the kinematic viscosity u = acl/Qx as its classical form, then with the flow to be 
advection-dominated, the infall velocity \vr\ and the isothermal sound speed Cg in- 
crease, and even the radial velocity can exceed the Keplerian velocity with a 
strong toroidal magnetic held. The strong magnetic held in the vertical direction 
prevents the disk from being accreted, and decreases the effect of the gas pressure. 
For a large radial magnetic held, Vr, and Cs can reach their limiting values, and 
the direction of radial velocity is actually negative, since the angular momentum 
transfer due to the magnetic field stress in this case is dominated over that due 
to the viscosity in the disk, and makes the value of advection angular momentum 
increase inward. 

(2) If the convective coefficient Oc in fiows is set as a free parameter, \vr\ and 
Cs increase with increasing for large B^p and weak B^. Also, \vr\ becomes smaller 
and becomes larger (or smaller) with increasing ac for a strong and dominated 
radial (or vertical) magnetic field. 

(3) The ac — a relation in the magnetized disk is different from that in the 
non-magnetized disk. For large B^p and weak B^, increases with increasing a, 
the critical value Ocrit to determine different cases of the ac — a relation disappears, 
and S oc r^^/^ can be satisfied for any value of a. A moderate vertical magnetic 
field is available for small a. The large B^ or BrB^, on the other hand, prevents the 
convective process in fiows. 

(4) The self-similar convection envelope solution in NIA should be replaced by 
ci = 0, a + gac < and s = — 1 (p oc r~^) for the vertical integration form of angular 
equations and s = (p oc r"^) for the general form in magnetized CDAFs. This 
solution can be adopted in the region that does not satisfy the normal self-similar 
solutions for fiows with convection and ac < ac,crit2- 

(5) The magnetic field increases the disk height H for large Br and B^, but 
decreases it for large B^ in the magnetized disk. A more realistic model of the 
kinematic viscosity z/ = aCsH makes the infall velocity in ADAFs increase and the 
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sound speed and toroidal velocity decrease compared with the simple case when the 
form V = ac^/Qx is assumed. 

5.7 Appendix A 

The momentum equation of accretion flows can be written as (Frank et al. 2002) 

(v ■ V)v = --VP - V$ + n^r + (V ■ a) + — j X B, (5.43) 

P pc 

where a is the viscosity stress tensor, j x B/(pc) is the density Lorentz force. Also, 
the Ampere's law and the induction equation (Faraday's law) are 

j = £ (V X B) . (5.44) 



(9B 

— = V X (v X B) + r/^V'B. (5.45) 

where rjm = c^/ (47r(Te) is the magnetic diffusivity and Ue is the electrical conductivity. 
For simplicity, we consider the extreme case that ae ^ oo and ^ , and then 
neglect the second term in the right side of the induction equation ()5.45p . Combining 
equations fl5.43p and (|5.44l) . we can obtain the three components of the momentum 
equation. In particular, the three components of the Lorentz force in the cylindrical 
coordinates are 



-(j X B)^ = -B^Br + Br^ + 5,^, (5.47) 



f(jxB).^-l|(s;H-B5) + B,f^. (5.48) 

Based on the consideration that all flow variables including the magnetic field 
are mainly functions of radius r, we can conclude = and d/dz = 0. Or a 
more realistic consideration requires d/dz ~ {H/r)d/dr <^ d/dr. Also, we take 
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d/d(f = for the axisymmetric disk. We rewrite the Lorentz force using the Alfven 
sound speed as 



,2 



1 1 Cr d 

— (j X B)^ = -C^Cr + -^^{y/pC^), (5.50) 



These expressions are different from SK05 and SK06, who considered the mag- 
netic field structure as a function of both radius r and height 2;: Br{r, z) = z{Br)H / H ^ 
B^{r, z) = z{B^)h/H with H to be the half-thickness of the disk, and Bz{r,z) = 
Bz{r). However, in this chapter §5 we take the magnetic field to be homoge- 
neous in the vertical direction and neglect the term of d/dz as mentioned above 
except for the z-component equation, in which we take the total pressure as Ptot = 
Pgas + (P^ + BD/Sti in the vertical direction, and adopt dPtot/dz ~ —Ptot/H to 
estimate the value of H. In §2, we use the height-integration equations. 
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Expressions (29)- (37) in §4 can be derived as follows: 

When = or = 0, we obtain equations for the three coefficients q in 
CDAFs as 

-\cW = C2 - 1 - [(s - 1)(1 + 13.) + (1 + s)/3^]c3, (5.52) 



cia = 3(a + (7ac)(s + l)c3, (5.53) 



(5.54) 



a + gac ot + gac 

with e" = ^(::pY + — 1) and ^" = ^(s — |)(:pY + -5 — 1). Then we can write the 
equation for c\ as 

" l-s 



1 2 2 I // J-// ^r. 1 



z z I \ II \ fii — I 

2 1^ 6\s ^ \)\a ^ goLc) 3 



1 + s 



(1 + /?.)- A 



1 = 0. 
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(5.55) 



When Pz is large, the above equation can be simplified as 

1 2 2 , '^1'^ f ^ ~ ^\ 



-cW + — — — 1 = 0, (5.56) 

2 ^ ?, \l + sj a + gac ^ ' 

and we obtain 

S{a + gac){l + s) 

(1 - s)P. ■ ^'-'^^ 

Similarly, we can get the solution for large and small Pr- 

On the other hand, if the radial magnetic field is strong and dominated and 
/?<^ 7^ 0, then equation (15.531) should be replaced by 

-^CiC2a = {s + 1)C3^/P^, (5.58) 
and we obtain an equation in the extreme case, 

-cW + e"^^-l = 0, (5.59) 



and get 



Chapter 6 



Remarks and Future Prospects 

I give a detailed review of the GRB progenitor and central engine models, and in- 
troduce the accreting and hyperaccreting BH systems. After than, I discuss the 
scenario of hyperaccreting neutron-star disks with their neutrino emission and anni- 
hilation. Then I study the structure of magnetized self-similar ADAFs and CDAFs. 
In this chapter, I mention a few problems which may be important and attractive 
in the next decade. I also mention some points of my future work. 

Does the GRB bimodality classification based on Tgo duration actually refiect 
their different progenitors and central engines? It seems that a better classification 
can be done based on environmental properties as well as prompt emission properties 
(e.g., Zhang 2006). Prompt emission properties include Tgo duration, spectrum hard 
or soft condition and spectral lag condition. Environmental properties includes the 
host galaxy type, the stellar population in the host, the existence of an accompanying 
SN and so on. Thus the duration of Tgo is only one factor for an more elaborate 
classification. Nakar (2007) mentioned several exceptions for the long and short- 
duration bimodality classification (e.g., GRB 050416A, 051221 A, 060121, 060505, 
060614). The environmental properties are important to understand GRBs with 
their progenitors, but they could become the basis for classification only if they 
refiect the nature of GRB production. The best classification, of course, should be 
based on the GRB central engines and their progenitors. Although in current state it 
is difficult to probe the real types of progenitor and central engines of each GRB, but 
we should understand the very observational characters of each type. For example, 
GRB produced by a magnetar formed after massive star collapse is different from 
a GRB produced by the accreting BH system formed in the collapse, as they have 
different jet formation and jet-star interaction processes. We list several possible 
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Table 6.1: 

types of GRBs based on their energy sources. 

Can we obtain an entire consistent collapsar scenario, from the initial massive 
star collapse process to the jet formation and propagation? First of all, the collapse 
mechanism could be completely understood only if we understand the mechanism 
of supernova (SN) explosions. The collapsar scenario, which was once purposed as 
the "failed supernova" scenario, could actually produce SNe associated with GRBs. 
Thus, it is important to study the GRB and SN phenomena as a whole. Here we 
farther list several special questions which should be answered in future study: 

• What are the energy sources in the collapsars that might transport energy 
and lead to an SN explosion? As we know, the neutrino energy deposition by 
itself fails to laugh and sustain an outbound shock with sufficient energy for a 
supernova explosion by current computer simulations. Perhaps we need to add 
some additional "key" physics factors such as rotation and magnetic fields for 
producing a successful SN. In the collapsar scenario, however, the core-collapse 
SN might be driven or partially driven by outflow energy from the accretion 
disk around collapsed center BH. Moreover, since the central accreting BH 
and the jet from a collapsar could not produce sufficient ^^Ni for the observed 
SN, most ^^Ni might be from the accretion disks. Thus the questions are, 
could the outflows from the central accreting BH system produce a successful 
SN together with a GRB phenomenon? Are there any differences between 
normal SNe and the SNe from collapsars (i.e., hypernova)? It is possible 
that the explosion mechanisms between them are different. Furthermore, it is 
also interesting to consider the effects of magnetic fields, since previous work 
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only consider the neutrino processes and thermal winds by rotation for SN 
explosion. Are MHD processes significant for generating a SN explosion in 
normal and coUapsar cases? We will also discuss the field effects on GRBs 
later. 

• Can we consistently obtain the conclusion that collapsars are not necessary 
to connect with SNe, since observations have shown that at least some long- 
duration bursts are not associated SNe (e.g., GRB 060505 and GRB 060614)? 
If the progenitors of most long-duration GRBs are collapsars, why some col- 
lapsars could also produce SNe, but others cannot? We can give an artificial 
parameterized explain for the possible connection between GRBs and SNe in 
the collapsar model, but the most important thing is to understand the actual 
main mechanisms for SNe and related GRBs. 

• Are GRBs and XRTs associated with other types of SNe besides Type Ibc? 
Today most SN events associated with GRBs are Type Ic, i.e., the SNe lose 
their hydrogen and helium envelopes. However, since the sample of GRB-SN 
is still small (only five confirmed events), it is still not clear which types of 
SNe are favored by collapsars. For example, short-hard GRB 970514 and GRB 
980910 were reported to be possible associated with Type II SN 1997cy and 
SN 1997E respectively, though these reports are still controversial. However, 
we would like to ask a reversed question: if Type Ibc SNe are most likely to 
associated with GRB and XRT phenomena, what GRB-like phenomena can be 
produced in Type II SN progenitors? MacFayden et al. (2001) discussed blue 
and red supergiants would produce both XRTs and Type II SNe. Moreover, if 
some Type II SNe can be confirmed to be associated with short-hard bursts, 
the model of short GRB progenitors would be challenged. Furthermore, we 
collect the questions from Woosley k. Bloom (2006): does the unified model 
of GRBs and XRTs in the collapsar scenario work? Are XRTs the results of 
GRBs seen off axis? Are XRTs the more common form than GRBs in the 
universe? As we have already discuss these topics in theoretical model, the 
answers of these questions should based on future observations. 

• Are collapsars which can effectively produce GRBs favored by binary environ- 
ments, as mentioned in Fryer et al. (2007)? More work both observational 
and theoretical should be done to understand the collapsar scenario. 
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Another questio is that, what is the functions of magnetic fields on producing 
a GRB? This is also a broad question, we discussion it in several aspects: 

• The evolution of magnetic fields in a collapsar. As mentioned by Herger, 
Woosley & Spruit (2005) and Woosley & Herger (2006), the collapsars which 
could produce GRBs successfully are favored by weak magnetic fields and low 
metallicity. However, on the other hand, a strong magnetic field ~ 10^^ — 10^^ 
G (e.g., Popham et al. 1999) is required near the BH for forming a relativistic 
jet via MHD process and directly produce a GRB. In some collapsars (such 
as Type II collapsar), neutrino annihilation mechanism is much less effective 
to produce a jet than MHD process, and recent simulations (e.g., Nagataki 
2009) shows that the jet is Poynting-flux-dominated. Therefore, the question 
is that, how could the magnetic fields be amplified so significantly for ~ 10 s? 
In the collapsar scenario, we need to consider that the magnetic torques are 
negligible in order to give GRB progenitors necessary angular momentum, but 
in the MHD process of jet formation, we need a strong magnetic field near the 
BH. Thus we need to describe the mechanism of field amplification and field 
evolution during the whole collapse process about 10 s. 

• The role of magnetic fields played in compact object binary mergers and HMNS 
collapses. GRMHD simulations are needed to show the effects of magnetic 
fields. As mentioned by Liu et al. (2008), it is possible that the effects of 
magnetic fields are significant, but not dramatic. The role of magnetic fields is 
long term and for secular evolution. However, farther works should be carried 
out. For instance, what the effects of magnetic fields in WD- WD mergers? 
THe problem is somewhat important, if we consider that magnetars can be 
formed by double magnetized WD mergers. Is the magnetic field structure near 
the new formed BH after mergers similar to that in the collapsar scenario, and 
can we describe the magnetic fields evolution during the whole merger process? 
Different from the collapsars, whose jets can be coUimated by their passage 
through the stellar envelope, the jets formed after compact star mergers could 
only be collimated by the magnetic fields near the accreting BHs. 

• The differences among Poynting-flux-dominated jets, baryonic jets and the 
intermediate case-magnetized fireball jets. As mentioned by Piran (2005) and 
Woosley k. Bloom (2006), this issue is also important for AGNs, microquasars. 
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pulsars as well as GRBs. The polarization of afterglows and the strength of 
the optical afterglows may be the observational diagnostics. However, it is 
still difficult to detect the obvious polarization results in current state. Can 
we find other determined methods to probe the properties of the jets based 
on current observation technology, and then indirectly know the process of jet 
formation? 

Finally I also mention some of my further work after I finished this thesis: 

• What are the effects of high strong magnetic fields ~ 10^^ — 10^^ G on the 
hyperaccreting disk? The magnetic fields are generated in the new formed 
central magnetar. We need to consider the neutrino emission and annihila- 
tion processes in strong magnetic fields, i.e., the intermediate case between 
Poynting-flux-dominated jet and annihilation-induced jet. We have discussed 
some of the microphysics equations in strong magnetic fields in §2.5. Figure lOl 
gives a first result: the density, pressure, temperature, electron fraction and 
degeneracy in the disk as a function of radius for a open magnetic fields con- 
figuration with magnetar surface fields as 10^"^, lO'^^, lO'^^ and 10^^ G. More 
work can see our recent paper "Hyperaccreting Disks around Magnetars for 
Gamma- Ray Bursts: Effects of Strong Magnetic Fields", which is not included 
in this thesis. 
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Figure 6.1: Disk structure with M = O.IMq for the magnetar surface vertical 
field Bq = 10^^, 10^^, 10^^ and 10^'' G, where the magnetic field in the disk is in an 
open configuration. 
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